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Abstract
Neutrino-driven winds following core-collapse supernova explosions are an exciting astrophysical site for the for-
mation of the lighter heavy elements between strontium up to (possibly) silver. Observations of very old stars,
so-called ultra-metal poor stars, show scatter in the abundances of these elements, whereas they exhibit a robust
abundance pattern for the elements beyond barium. Therefore, the origin of the lighter heavy elements in the
universe is associated to the r-process and at least one additional process. Although it is not clear if neutrino-driven
winds are neutron- or proton-rich, the necessary astrophysical conditions to synthesize lighter heavy elements are
already found in wind simulations. Here, we assume that the missing component corresponds to the weak r-process
occurring in slightly neutron-rich winds. Despite the fast progress in theoretical and experimental nuclear astro-
physics in the last years, the astrophysical as well as the nuclear physics uncertainties are still very large. In this
thesis, we address the impact of the astrophysics and nuclear physics uncertainties on the wind nucleosynthesis.
We present possible astrophysical conditions and key reactions in neutron-rich winds.
In the first part of this thesis, we quantify the astrophysical uncertainties in neutrino-driven winds. A systematic
study using trajectories from hydrodynamic simulations is from a computational point of view not feasible. In
addition, there are still uncertainties in the core-collapse supernova mechanism and the wind evolution. Thus, we
calculate steady-state trajectories and investigate the nucleosynthesis. In the final abundances, we identify different
nucleosynthesis groups by the different neutron, alpha, and seed abundances. The groups mainly distinguish in the
position of the nucleosynthesis path relative to the valley of stability. Each group exhibits characteristic abundance
peaks. We show that the abundance patterns are only sensitive to specific reactions if the nucleosynthesis path
overcomes the neutron shell closure at N = 50.
In the second part of this thesis, we investigate the impact of nuclear physics uncertainties on the wind nuc-
leosynthesis with our main focus on the (α, n) reactions. The (α, n) reactions are essential to redistribute matter
and to reach heavier nuclei in neutron-rich winds. The uncertainties of the (α, n) reaction rates arise from the
statistical model and its nuclear physics input, mainly the alpha optical potential. In a first sensitivity study, we
vary the (α, n) reaction rates by constant factors, which are within their uncertainties, and find a critical influence
on the nucleosynthesis evolution. Therefore, we perform a Monte Carlo sensitivity study within the astrophysical
uncertainties studied in the first part of this thesis to identify individual critical (α, n) reactions. The key (α, n)
reactions are identified by analyzing the correlations between reaction rate modifications and resulting abundance
changes. We find that the uncertainties of the 82Ge(α, n), 84Se(α, n), and 85Se(α, n) reaction rates critically affect
the nucleosynthesis, and especially the abundances for nuclei with atomic numbers Z = 36 − 39. The reduction
of these rate uncertainties will significantly decrease the influence of nuclear physics uncertainties on the wind
nucleosynthesis. Since the nucleosynthesis path proceeds close to the valley of stability, these reactions can be
measured with new radioactive beam facilities like FRIB or FAIR in the near future. Once the nuclear physics un-
certainties are reduced by experiments, observations from very old stars will constrain the astrophysical conditions
in neutrino-driven winds and improve our understanding of core-collapse supernovae and neutrino-driven winds.
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Zusammenfassung
Neutrinogetriebene Winde von Kernkollaps-Supernova-Explosionen sind ein vielversprechendes astrophysikali-
sches Szenario für die Synthese der leicht schweren Elemente zwischen Strontium und (wahrscheinlich) Silber.
Beobachtungen von den ältesten Sternen zeigen Abweichungen in den Häufigkeiten dieser Elemente auf, wo-
hingegen ein universell auftretendes Muster für Elemente schwerer als Barium beobachtet wird. Deshalb wird
der Ursprung der leicht schweren Elemente im Universum mit dem r-Prozess und mindestens einem zusätzli-
chen astrophysikalischen Prozess in Verbindung gebracht. Obwohl nicht klar ist, ob neutrinogetriebene Winde
neutronen- oder protonenreich sind, werden die notwendigen astrophysikalischen Bedingungen zur Produktion
der leicht schweren Elemente bereits in Windsimulationen gefunden. Wir nehmen im Rahmen dieser Arbeit an,
dass die fehlende Komponente der schwache r-Prozess ist, der in leicht neutronenreichen Winden auftritt. Trotz
des rasanten Fortschritts in der theoretischen und experimentellen Astrophysik in den letzten Jahren sind die Un-
sicherheiten in den astrophysikalischen Bedingungen und in den kernphysikalischen Modellen immer noch sehr
groß. Im Rahmen dieser Arbeit erforschen wir die Auswirkung der Unsicherheiten in den astrophysikalischen Be-
dingungen und in den kernphysikalischen Modellen auf die Nukleosynthese in neutrinogetriebenen Winden. Wir
präsentieren mögliche Häufigkeitsmuster und Schlüsselreaktionen.
Im ersten Teil dieser Arbeit untersuchen wir systematisch die astrophysikalischen Bedingungen in leicht neutro-
nenreichen Winden. Eine systematische Studie, die auf Trajektorien von hydrodynamischen Simulationen basiert,
ist derzeit zu rechenintensiv. Darüber hinaus gibt es noch Unsicherheiten im Kernkollaps-Supernova-Mechanismus
und der Entwicklung des neutrinogetriebenen Windes. Daher berechnen wir stationäre Windtrajektorien und ana-
lysieren die Nukleosynthese. In den Elementhäufigkeiten identifizieren wir verschiedene Nukleosynthesegruppen
anhand der unterschiedlichen Neutronen, Alphateilchen- und Saatkernhäufigkeiten. Die Nukleosynthesegruppen
unterscheiden sich hauptsächlich aufgrund der Fortentwicklung des Nukleosynthesepfades relativ zum Tal der
Stabilität. Jede Nukleosynthesegruppe weist ein charakteristisches Häufikeitsmuster auf. Wir zeigen, dass die
Häufigkeitsmuster nur sensitiv auf spezifische Reaktionen reagieren, falls der Nukleosynthesepfad die magische
Neutronenzahl N = 50 überschreitet.
Im zweiten Teil dieser Arbeit erforschen wir den Einfluss der Unsicherheiten in den kernphysikalischen Model-
len auf die Nukleosynthese im Wind mit dem Hauptaugenmerk auf (α, n) Reaktionen. Die (α, n) Reaktionen sind
essentiell zur Umverteilung der Materie im neutrinogetriebenen Wind und zur Produktion schwererer Kerne. Die
Unsicherheiten in den (α, n) Reaktionsraten gehen aus dem statistischen Modell zur Berechnung der Reaktions-
raten sowie den kernphysikalischen Modellen zur Beschreibung der alpha-optischen Potentiale hervor. In einer
ersten Sensitivitätsstudie werden die (α, n) Reaktionsraten mit konstanten Faktoren variiert, die die Unsicher-
heiten in den Reaktionsraten beschreiben. Wir erkennen, dass die Unsicherheiten in den (α, n) Reaktionsraten
einen kritischen Einfluss auf die Entwicklung der Nukleosynthese haben. Deshalb führen wir eine Monte Carlo
Sensitivitätsstudie zur Identifizierung einzelner kritischer (α, n) Reaktionen durch. Die (α, n) Schlüsselreaktionen
werden durch die Analyse von den Korrelationen zwischen der Variation der Reaktionsraten und der daraus re-
sultierenden Häufigkeitsänderungen identifiziert. Wir schlussfolgern, dass die Unsicherheiten in den 82Ge(α, n),
84Se(α, n), und 85Se(α, n) Reaktionsraten einen entscheidenden Einfluss auf die Nukleosynthese und insbesondere
auf die Häufigkeiten der Elemente mit Protonenzahl Z = 36−39 haben. Die Reduzierung der Unsicherheiten dieser
Reaktionsraten wird den Einfluss der Unsicherheiten in kernphysikalischen Modellen auf die Nukleosynthese im
neutrinogetriebenen Wind erheblich verringern. Da der Nukleosynthesepfad nahe dem Tal der Stabilität verläuft,
können diese Reaktionen bereits in naher Zukunft mit neuen Beschleunigeranlagen wie FRIB oder FAIR gemessen
werden.
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1 Introduction and motivation
Where do nuclei and elements come from? This is one of the fundamental questions in nuclear astrophysics.
Observations of the abundances in the solar system as well as observations of very old stars give us hints about the
formation of the elements in the universe.
Burbidge et al. [1] and Cameron [2] laid the foundation for our understanding of the synthesis of the elements
heavier than iron already in 1957. From the solar system abundances, Burbidge et al. [1] proposed that the heavy
elements were formed by three distinct nucleosynthesis processes, which they named the r-, s-, and p-process. The
rapid (r-) neutron capture process and the slow (s-) neutron capture process produce most of the nuclei heavier
than iron. The astrophysical site for the r-process is not known but binary neutron star mergers (see, e.g., Refs. [3–
5]) and magnetorotationally driven supernovae (see, e.g., Refs. [6, 7]) are the most promising scenarios. On the
contrary, the astrophysical sites for the s-process are well known. The s-process occurs in AGB stars [8–10] and
during the He- and C-burning phases of massive stars [11–13]. Furthermore, the p-process synthesizes the neutron-
deficient nuclei that are bypassed by the s- and r-process. The neutron-deficient nuclei are probably produced by
supernovae (see Ref. [14] and references therein).
Observations of very old stars, having incorporated the fingerprints of only a few nucleosynthesis events, show
robust abundance patterns for the elements beyond Ba closely following the solar system r-process abundances
(see, e.g., Ref. [15]). Consequently, the r-process must have occurred early in the universe and always behaves
in the same way. This implies that the first stars were massive and evolved fast [16–21]. Moreover, very old
stars exhibit a star-to-star scatter in the abundances of the elements between Sr and Ag [15, 22] which are also
referred to as lighter heavy elements. Therefore, in addition to the r-process, at least one additional nucleosynthesis
process or astrophysical site is required to explain the abundances of the lighter heavy elements in very old stars
[17, 18, 20, 23]. The authors of Refs. [17, 18, 20, 23, 24] showed that neutrino-driven winds can contribute
to the synthesis of the elements between Sr and Ag. Besides, the abundances of the lighter heavy elements in
the solar system cannot be obtained by solely adding up the s- and r-process [25, 26]. The authors of Ref. [25]
suggested that another primary process, which they named Lighter Element Primary Process (LEPP), contributed
to the production of the lighter heavy elements, but they did not specify the astrophysical site. The LEPP can be a
non-standard s-process in low-metallicity massive rotating stars (see Ref. [27] and references therein), or charged
particle reactions [23, 28, 29] combined with a weak r-process [30] and/or the νp-process [31–33] which occur in
neutrino-driven winds.
Neutrino-driven winds follow core-collapse supernova explosions. Core-collapse supernovae mark the end of the
life of massive stars with at least eight solar masses and lead to the birth of neutron stars or stellar black holes.
After a successful core-collapse supernova explosion, a hot proto-neutron star is born which cools down by neutrino
emission. Some of the neutrinos deposit energy in the outer layers of the proto-neutron star which powers a mass
outflow with supersonic velocity, the so-called neutrino-driven wind [34]. For a long time, it has been thought that
the neutrino-driven wind is the host for the r-process [35], but recent simulations indicate that the conditions in the
wind are not sufficient enough [36–39]. However, neutrino-driven winds are an exciting astrophysical site for the
formation of the lighter heavy elements because the necessary conditions are already found in current simulations
[40, 41].
Before we can conclude that neutrino-driven winds are the astrophysical site for the lighter heavy elements,
the astrophysical and nuclear physics uncertainties need to be reduced because they can critically influence the
nucleosynthesis in the wind.
The evolution of the astrophysical conditions in the wind varies for different supernova progenitors, explosion
energies, anisotropic evolutions of the explosion, and during the time after the explosion (see, e.g., Refs. [36,
37, 39]). Moreover, there are still uncertainties in the core-collapse supernova mechanism [42–44] and the wind
evolution [45].
The nuclear physics uncertainties mainly arise from the theoretical reaction rates entering in the nucleosynthesis
calculations. In the absence of relevant reactions, most of the reaction rates are computed with theoretical reaction
codes based on the statistical Hauser-Feshbach model [46]. Although the reaction codes have been cross-checked
with available data from few experiments, the reliability of these codes, especially for nuclei further away from
the valley of stability, is not known. In addition, the reaction codes exhibit important differences due to intrinsic
technical aspects and nuclear physics inputs [47, 48].
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This work deals with the astrophysics and nuclear physics uncertainties. We systematically study possible as-
trophysical conditions in neutron-rich winds. In order to reduce the nuclear physics uncertainties, we perform
sensitivity studies within possible astrophysical conditions and motivate key reactions which influence the nucleo-
synthesis evolution in the wind. When experiments will have measured the required nuclear properties, nucleo-
synthesis studies, including relevant experimental data, combined with observations of very old stars will constrain
the astrophysical conditions in the wind.
Since the nucleosynthesis path in the neutrino-driven wind evolves close to the valley of stability, the required
experimental data will be accessible with new radioactive beam facilities like FAIR (Facility for Antiproton and
Ion Research) or FRIB (Facility for Rare Isotope Beams) in the near future. Furthermore, more high resolution
observations of very old stars are planned [49, 50]. Consequently, we are close to verify if neutrino-driven winds
are the astrophysical site for the lighter heavy elements and therefore better understand neutrino-driven winds and
core-collapse supernovae.
The astrophysical background which is necessary to understand neutrino-driven winds and the nucleosynthesis
in neutrino-driven is described in Chapter 2. Since nuclear reactions are one of the key ingredients in nucleo-
synthesis calculations, we give an overview about nuclear reactions in astrophysics in Chapter 3. Afterwards, we
study the astrophysical uncertainties in neutron-rich winds based on steady-state wind models and present typical
abundance patterns (Chapter 4). In Chapter 5, we investigate the impact of nuclear physics uncertainties on the
wind nucleosynthesis due to (α, n) reactions and motivate key which critically affect the nucleosynthesis. Finally,
we summarize our results and conclude with an outlook (Chapter 6).
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2 Astrophysical background
In this chapter, we will give an overview about the astrophysical background which is necessary to understand
the formation of lighter heavy elements (i.e., Sr up to possibly Ag) in neutrino-driven winds. At the beginning,
we will shortly describe the origin of elements from hydrogen to uranium (Sect. 2.1). This part follows the book
of Ref. [51]. Clues about the formation of the elements in the universe are obtained from observations of very
old stars (see Sect. 2.2 which is based on Refs. [15, 52]). These observations indicate that neutrino-driven winds
from core-collpase supernovae could be important for the formation of the lighter heavy elements in the universe.
Therefore, we will give a short description about core-collapse supernovae in Sect. 2.3 following Refs. [42, 53, 54].
Afterwards, we will focus on the neutrino-driven wind (Sect. 2.4). We will describe the wind dynamics (Sect. 2.4.1)
and will give an overview about the nucleosynthesis in the wind (Sect. 2.5). The part about the neutrino-driven
wind is based on Refs. [45, 55].
2.1 The origin of elements
The lightest nuclei, i.e., 2H, 4He and small portions of 3H, 3He, 7Li, and 7Be, were already formed in the Big Bang.
They were synthesized in an interaction between the four fundamental forces during the first seconds of cosmic
time (see, e.g., Ref. [56] for a review about Big Bang nucleosynthesis).
The elements up to the iron group are formed in nuclear burning phases in the interiors of stars by fusion
reactions. An introduction to stellar evolution can be found, e.g., in Ref. [57]. Here, we only describe the evolution
of massive stars with at least 8 M1.
A massive star spends most of its lifetime burning hydrogen into helium. When the hydrogen in the center of the
star is depleted, hydrogen burning continues in a shell around the He core. The core contracts under the influence
of gravity and heats up until He is ignited. The new fuel stabilizes the star against its gravity and prevents further
contraction. When the He fuel is consumed in the core, He burning continues in a shell beneath the H burning
shell. Then, the core contracts until the temperature is high enough that C in the core is ignited. A massive star
undergoes several burning stages which proceed similar to the ones described before. When the fuel of one burning
phase is consumed, the star contracts under the influence of gravity until the temperature is large enough that the
ash of the previous burning step is ignited and becomes the fuel of the next burning step. The burning phases
take place in thin regions at the interface of different compositional layers. The burning stages of a massive star
are: hydrogen burning, helium burning, carbon burning, neon burning, oxygen burning, and silicon burning (for
further information see, e.g., Refs. [57, 58]). After the silicon burning phase, the formation of heavier elements
does not release energy, but rather costs energy, and thus the star ends up with an iron core. Then, the star consists
of several layers with different compositions and exhibits an onion-like structure (Fig. 2.1). From the core going to
the surface, the star consists of Fe, Si, O, Ne, C, He, and H.
Due to the drastically increasing Coulomb barrier, nuclei beyond Fe cannot be synthesized by charged particle
reactions. Since there is no Coulomb barrier for neutrons, it is reasonable to assume that the nuclei beyond iron
are synthesized by neutron capture reactions on preexisting seed nuclei. Further hints are given by the solar
system abundances which refer to the abundance distribution in the solar system at the time of its formation.
The solar system abundances are obtained from observations of the photosphere and from the analysis of CI
carbonaceous chondrites which are a special class of meteorites (for details how these abundances are received
see, e.g., Refs. [59, 60]). Reference [1] already proposed in 1957 that several nucleosynthesis processes are
required to explain the solar system abundances. Moreover, at least two different processes are necessary to
explain the double-peak structure around A∼ 130 and A∼ 200 (see Fig. 2.2). These two processes are referred to
as slow neutron capture process (s-process) and rapid neutron capture process (r-process) [1]. The s- and r-process
differ in the time scales for beta decays and neutron capture reactions. Each of the two processes synthesizes about
half of the elements beyond Fe.
The s-process is characterized by small neutron densities nn ∼ 108 cm−3 [64]. The time scale for beta decays
is much shorter than for neutron capture reactions (τβ−  τ(n,γ)) and therefore an unstable nuclide beta decays
1 M ≈ 1.989 · 1030 kg being the mass of the sun.
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Figure 2.1: A massive star with at least 8 M at the end of its lifetime. The star exhibits an onion-like structure.
The different shell burning phases still occur. Since the binding energy per nucleon has it maximum at
A = 56, the formation of heavier elements than iron does not release energy. Hence, iron is the final
stage of the burning phases in massive stars. The figure is adapted from a figure by C. Mihos [61].
before it can capture a neutron. The s-process starts from some seed nuclei (mainly Fe-group nuclei) and runs
along stability (see Fig. 2.3). Hence, most of the properties of the involved nuclei are known [65]. The s-process
ends at 209Bi which is the heaviest stable nuclide. Additional neutron captures produce radioactive nuclei which
decay by alpha particle emission, and thus heavier nuclei cannot be synthesized. Due to the small neutron capture
cross sections before the magic neutron numbers at N = 50,82, 126, the abundances of 88Sr, 138Ba, and 208Pb are
large. This causes the large distinct double peaks in the solar system abundance pattern (Fig. 2.2). The s-process
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Figure 2.2: Abundances of the nuclei in the solar system at the time of its formation. The abundances are normal-
ized to the number of silicon atoms (Si = 106). Narrow abundance peaks appear at A ≈ 84, 138, and
208 which correspond to the neutron magic numbers of N = 50, 82, and 126. Broader abundance
peaks occur roughly 10 mass units below. The data are taken from Ref. [62].
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takes place in the He-burning layers of low-mass asymptotic giant branch (AGB) stars [8–10] and during the He-
and C-burning phases of massive stars [11–13]. More information about the s-process are given in Ref. [65] and
references therein.
On the contrary, the neutron densities are very large (i.e., nn ¦ 1024 − 1028 cm−3 [66]) in the r-process. Thus,
many successive neutron captures occur before a nucleus is reached that undergoes a beta decay before it captures
a neutron (τβ−  τ(n,γ)). The nucleosynthesis path proceeds along short-lived nuclei close to the neutron drip
line (see Fig. 2.3). For long neutron exposures, the r-process can reach the heaviest and neutron-rich isotopes for
which the Coulomb barrier is so high that they decay by spontaneous, neutron-, or beta-induced fission. Fission
occurs near Amax ≈ 260 and Zmax ≈ 94 [67, 68]. If the neutron density is still large enough, the fission fragments
continue to capture neutrons and eventually give rise to a fission cycle [3, 4]. Once the neutron flux is exhausted,
all neutron-rich nuclei undergo a sequence of beta decays along isobaric chains until a stable or very long-lived
isotope is attained. The r-process synthesizes elements up to uranium. Since the nucleosynthesis path runs far
away from the valley of stability, the properties of the involved nuclei are not known from experiments, and thus
have to be estimated using theoretical nuclear models (see, e.g., Ref. [69]).
The large neutron density moves matter far away from stability to the neutron-rich side where the matter accu-
mulates at the neutron magic numbers N = 50, 82,126. Note that the accumulation of matter is correlated with
a drop in the neutron separation energy near the neutron magic numbers which leads to a nucleosynthesis path
vertically along isotones in the N = 50,82, 126 regions. When the neutron flux is terminated, the neutron magic
nuclei beta decay along isobaric chains until a stable nucleus is reached. The neutron magic numbers are at lower
A, in contrast to the s-process where they are located close to stability. Consequently, the r-process abundance peaks
at A∼ 80, A∼ 130, and A∼ 195 which are referred to as first, second, and third r-process peak, respectively, and
are located at mass regions below the corresponding s-process abundance peaks (Fig. 2.2).
The astrophysical site for the r-process is still a mystery, even though the requirements on the site are well known.
A possible astrophysical site has to provide very high neutron densities over a short time scale. In addition, the
approaches are beginning to be exploited. These include the detection of neutrinos from
supernova 1987A and any future Galactic supernova [30], the advent of asteroseismology
[31], for example with the KEPLER mission, that enables to probe the structure of stellar
interiors, and most recently the ﬁrst direct detection of gravitational waves with LIGO [32].
(2) Multi-facility nuclear experiments and advanced nuclear theory efforts are providing
critical nuclear physics data for stellar processes. However, despite decade long progress the
vast majority of nuclear reaction rates in stars and in stellar explosions remain undetermined
experimentally. A new generation of accelerator facilities and techniques is poised to change
this [33]. (3) Many of the processes in stellar interiors and in astrophysical explosions can
only be understood through advanced computer models that follow ﬂuid motions in all three
spatial dimensions. As computational capabilities expand, more physically meaningful 3D
simulations are now becoming possible for a wide range of astrophysical scenarios such as
stellar surfaces including the Sun [10, 34], advanced stellar burning stages such as oxygen
burning zones [35], hydrogen ingestion into stellar helium burning regions triggering neutron
capture processes [36], core collapse supernovae [25], and thermonuclear supernovae [37].
Taken together these technical developments create opportunities to address some of the
long-standing questions in nuclear astrophysics in the coming years. These questions, and the
strategies to address them have been outlined recently in much more detail in a white paper
developed by the US nuclear astrophysics community in collaboration with their international
colleagues [33]. In the following I brieﬂy summarize some of the important trends in the ﬁeld,
with an emphasis on the importance of progress in nuclear physics. Accurate nuclear physics
enables progress in nuclear astrophysics along three broad themes: it enables the validation of
stellar models through comparison with observables, it enables to constrain stellar properties
and system parameters, and it enables the prediction of nucleosynthesis contributions from
Figure 1. Schematic overview of the nuclear processes in the Universe on the chart of
nuclides (adapted from ﬁgure by Timmes).
J. Phys. G: Nucl. Part. Phys. 43 (2016) 064001 H Schatz
3
Figure 2.3: Overview of different nucleosynthesis processes in the nuclide chart. Most of the elements beyond iron
are synthesized by the s- and r-process but other processes can also contribute. The figure is taken from
Ref. [63] and adapted from a figure by F. Timmes.
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site has to occur early in the universe (see Sect. 2.2). For a long time it has been thought that the neutrino-driven
wind is a host for the r-process but recent simulations show that the conditions are not sufficient (see Sect. 2.5.2).
Although the astrophysical environment for the r-process is not known, binary neutron star mergers (see, e.g.,
Refs. [3–5]) and magnetorotationally driven supernovae (see, e.g., Refs. [6, 7]) are possible scenarios. For further
information about the r-process see, e.g., Refs. [70, 71].
Moreover, there exist some neutron-deficient stable nuclei (so-called p-only nuclides) which are bypassed by the
s- and r-process. The p-only nuclides have very low abundances in the solar system. Their solar system origin is
associated to the p-process (for more information see, e.g., Refs. [14, 72, 73]) but also, e.g., the νp-process (see
Sect. 2.5.4) can contribute [31, 33].
Apart from the s- and r-process, other nucleosynthesis processes such as the alpha process [28, 74] or sometimes
also referred to as weak r-process [23, 30] (see Sect. 2.5.3), νp-process [31–33] (see Sect. 2.5.4), rp-process [75–
77], p-process [72], and i-process [78–80] may also contribute to the abundances of heavy elements but in less
scale (see Fig. 2.3).
2.2 Observations from very old stars
In addition to the solar system abundances, further hints about the formation of the elements in the universe can be
obtained from observations of very old stars, because they have preserved the chemical signatures of the gas from
which they formed in their atmospheres. Moreover, the surface composition of these stars has not been significantly
changed by internal mixing processes or by external influences such as accretion of interstellar material (see, e.g.,
Ref. [52]). Therefore, one can trace back the evolution of the early universe by measuring the surface composition
of very old stars. The abundance of an element ε(A) in a star is given logarithmically, relative to that of hydrogen
(H):
log10ε(A)≡ log10 (NA/NH) + 12, (2.1)
where NA and NH are the numbers of atoms of A and H, respectively, and by definition log10ε(H) = 12. The stellar
abundances in the literature are usually given relative to their values in the solar system. For two elements A and
B one writes:
[A/B]≡ log10 (NA/NB)? − log10 (NA/NB), (2.2)
where ? denotes the abundance in the star and  in the solar system.
The early universe was largely free from metals2 and thus we can use the metallicity of a star, i.e., [Fe/H], as an
indicator for its age. Consequently, stars with different metallicity content can help us to understand the conditions
in the early universe up to the time when the sun formed.
The upper panel in Fig. 2.4 illustrates the abundances of six r-process enriched metal-poor stars with [Fe/H]® −2
(see Refs. [81–86] for more information). Note that the abundances of all stars except CS 22892-052 are vertically
shifted for display purposes. The six stars are compared to the scaled solar system r-process abundances (solid
blue lines) which are normalized to the Eu abundance of each star. The solar system r-process abundances are
obtained after subtracting the s- and p-process component of the solar system abundances. Therefore, the r-
process component is not a real process, but includes residual abundances. The middle and bottom panels show
individual relative offsets ∆log ε of the stars to the solar system r-process abundances from Ref. [87] and Ref. [8],
respectively.
The figure indicates that the abundances beyond Ba are in agreement for all six stars (see Ref. [15] for a review).
Besides, the abundances for Z > 56 follow closely the solar system r-process abundances. This means that the
elements beyond Ba are always synthesized in the same way by a robust r-process. Since four of the stars have very
low metallicities (i.e., [Fe/H]∼ 3), and it is assumed that the time interval between the formation of the galaxy
and the appearance of these stars was relatively short, the r-process must have occurred early in the universe. This
is in agreement with Refs. [16–21] who proposed that the first stars were massive and evolved fast. However,
Fig. 2.4 indicates a large star-to-star scatter in the abundances for 38 < Z < 47 (see also Ref. [22]). Moreover,
this abundance scatter increases at lower metallicities and anticorrelates with other abundance ratios. Therefore,
Refs. [17, 18, 20, 23, 24] suggested that the origin of the elements between Sr and Ag, also referred to as lighter
2 In astronomy elements with Z > 2 are referred to as metals.
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heavy elements, is related to the r-process and at least one additional process. Furthermore, Refs. [18, 23, 88]
showed that the neutrino-driven wind can be the site producing the lighter heavy elements.
Travaglio et al. [25] studied the origin of Sr, Y, and Zr in a galactic chemical evolution model. They could not
explain the abundances of Sr, Y, and Zr in the solar system solely by adding s- and r-process contributions. Hence,
Ref. [25] suggested that another primary process, which they referred to as Lighter Element Primary Process
(LEPP), contributed to these elements but they did not specify an astrophysical site for the LEPP.
Montes et al. [26] showed that the nonuniform pattern for Z ≤ 47 in ultra metal-poor (UMP) stars, i.e.,
[Fe/H]® −4, can be explained by a combination of r-process and LEPP. They demonstrated that the abundances
for Z ≤ 47 in UMP stars (also referred to as stellar LEPP) agrees with the missing component in the solar system
abundances (also referred to as sollar LEPP) [25] within observational errors. However, it is not clear if the stellar
and solar LEPP are synthesized in the same nucleosynthesis process. Furthermore, Ref. [89] presented that a solar
LEPP might not be necessary.
It is possible that the LEPP is a low metallicity s-process (see Ref. [27] and references therein), or a weak r-
process [30] (see Sect. 2.5.3) and/or a νp-process [31–33] (see Sect. 2.5.4). In this thesis, we assume that the
LEPP is a weak r-process occurring in neutrino-driven winds following core-collapse supernova explosions.
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Figure 2.4: Abundances of six metal-poor stars. The upper panel compares the stellar abundances of the stars to
the solar system r-process abundances (blue line). For display purposes the abundances of the stars are
vertically shifted. The middle and bottom panels illustrate the relative offsets ∆log ε of the stars to the
solar system r-process abundances from Ref. [87] and Ref. [8], respectively. The figure is adapted from a
figure of Ref. [15].
19
2.3 Core-collapse supernovae
Core-collapse supernovae mark up the end of the life of massive stars with at least 8 M. They lead to the birth
of neutron stars or stellar black holes [91–93]. During their lifetime, massive stars gain energy by hydrostatic
burning (see Sect. 2.1). Since the formation of nuclei heavier than Fe-peak nuclei does not release energy, but
rather costs energy, iron is the final stage of hydrostatic burning. When the hydrostatic burning ends, the star has
an onion-like structure created by the previous burning stages (see Fig. 2.1). The star starts to contract because
there are no fusion reactions in the core any more which exert outwards pressure. Moreover, the silicon shell
burning at the interface of the iron core continuously increases the mass of the core. The electron degeneracy
pressure supports the iron core against its gravity. Nonetheless, when the core reaches the Chandrasekhar mass
limit of about MCh ≈ 1.44 M, electron degeneracy pressure cannot longer stabilize the core and thus it collapses
(see upper right part in Fig. 2.5).
The core-collapse is accelerated by two effects. First, as the electron density increases, electron capture reactions
on protons (free and in nuclei), i.e., (e−,νe), increase and remove electrons which were contributing to the electron
degeneracy pressure. Second, the core loses energy which could have provided pressure by photodisintegration
reactions of Fe-group nuclei into lighter nuclei, alpha particles, and nucleons.
During the early core-collapse, the most important neutrino interactions are [94]: (neutral current) elastic
scattering on nuclei, (νe,νe); elastic electron-neutrino scattering, e−(νe,νe)e−; inverse beta decay, (νe, e−); and
inelastic scattering on nuclei, (νe,ν′e). When the density in the core reaches ρ = 1012 g cm−3, neutrinos are trapped
because they interact more often, and thus their diffusion time is longer than the collapse time [95]. The collapse
continues until the inner core is compressed to nuclear densities (ρ = 1014 g cm−3). Then, the core decelerates
and bounces back to respond to further compression. This leads to a shock wave which moves outwards the core
into the infalling matter (right part in Fig. 2.5). The shock wave loses energy by photodisintegration reactions of
Fe and Ni isotopes as it runs through the outer core and due to neutrino emission.
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Figure 2.5: Schematic overview of a core-collapse supernova described clockwise beginning from the upper left
corner. The iron core of a massive star collapses to a hot proto-neutron star. The hot proto-neutron star
cools down by neutrino emission and ends up as a neutron star. Courtesy of Ref. [90] and adapted from
Ref. [43].
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The questions why and how core-collapse supernovae explode is a central and long-lasting problem in supernova
theory [42, 43, 53]. In the past, it was believed that the energy available to the shock wave is large enough to stop
the core-collapse and also to explode the outer shells of the star (this explosion mechanism is referred to as prompt
mechanism) [96]. However, the shock wave loses most of its available energy by photodisintegration reactions of
heavy nuclei into nucleons and alpha particles. Moreover, electron capture reactions on free protons lead to an
additional energy loss and giving rise to a strong burst of electron neutrinos. Most of the neutrinos produced by
electron capture reactions behind the shock leave the star and carry away energy. Consequently, the shock wave
stalls at a radius of r ∼ 100− 200 km in the outer core.
Today, it is believed that the neutrinos which emerge from the hot and dense core revive the shock (this explosion
mechanism is referred to as delayed neutrino-heating mechanism [97]). The neutrinos carry most the energy
released in the gravitational collapse of the Fe core (∼ 1053 erg) [98] and deposit some of their energy before the
shock [99]. The revived shock expels the outer layer of the star and leads to a successful explosion. The outgoing
shock wave compresses and heats up the layers of different compositions for a short period of time and nuclei up
to Z = 44 are synthesized during explosive nucleosynthesis (see, e.g., Ref. [40]). After a successful core-collapse
supernova explosion a hot proto-neutron star is born. For further information about core-collapse supernovae see,
e.g., Refs. [42–44].
2.4 Neutrino-driven winds
During the collapse of a massive star, its gravitational energy is converted into internal energy. Therefore, the initial
temperature of the proto-neutron star is high (i.e., kBT ≈ 30 − 50 MeV). The hot proto-neutron star cools down
by neutrinos which take away the energy. Since the densities in the hot proton-neutron star are very high (i.e.,
ρ ∼ 1014 g cm−3), neutrinos are trapped. They diffuse from the interior of the proto-neutron star and they can
flow freely when their mean free path is at the order of the neutron star radius. The neutrinos are emitted from the
neutrinosphere which is located at the outer part of the proto-neutron star. Reference [100] showed that in a good
approximation the neutrinos are emitted isotropically from the neutrinosphere. Since neutrino-matter interactions
are strongly energy dependent, the neutrinosphere is different for every neutrino flavor and energy. Some of the
escaping neutrinos deposit energy in the matter at the neutrinosphere, mainly via charged-current reactions:
νe + n→ p+ e−, (2.3)
ν¯e + p→ n+ e+. (2.4)
This causes a significant mass fraction of the outer layers of the proto-neutron star to be blown off in a neutrino-
driven wind. The neutrino-driven wind develops after the explosion and lasts for several seconds or even minutes.
Reference [34] was the first who addressed the neutrino-driven wind.
2.4.1 Wind dynamics
The neutrino luminosities and energies as well as the neutron star mass and radius change only slowly during the
Kelvin-Helmholtz time scale (i.e., the time it takes for a star to radiate away its gravitational energy). Hence, the
neutrino-driven wind can be assumed to be a steady-state outflow with boundaries at the neutrinosphere and the
shock [34]. Seconds after the explosion the shock wave is already at large radii (r ∼ 10000 km) and a continuous
mass outflow from the surface of the proto-neutron star has begun which allow to study the neutrino-driven
wind independently of the supernova mechanism. The neutrino-driven wind has been described as a steady-state
outflow by several studies (see Refs. [34, 55, 101–104]). Since the wind arises close to the surface of the neutron
star, general relativistic effects have to be included in the steady-state wind models (see Refs. [101–104]). The
basic equations for a spherically symmetric steady-state wind in the Schwarzschild geometry are [105]:
M˙ = 4pir2ρu, (2.5)
u
du
dr
= − 1
ρtot + P
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dr

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r
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dε
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ρ2
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
, (2.7)
where M˙ is the constant mass outflow rate, r is the distance from the center of the neutron star, ρ is the (baryon)
mass density, u is the radial velocity, ρtot = ρ + ρε is the total energy density, ε is the specific internal energy, P
is the pressure, M is the mass of the neutron star, and q˙ is the net heating rate due to neutrino interactions. Note
that the Planck constant ħh, the speed of light c, the Boltzmann constant kB, and gravitational constant G are taken
to be unity in Eqs. (2.5)–(2.7). A Newtonian approach for a steady-state wind is described, e.g., in Ref. [55]. The
heating rate q˙ (see Eq. (2.7)) depends on neutrino-matter interactions. For example, Refs [55, 106, 107] took into
account five neutrino-processes including three heating processes (i.e., neutrino and antineutrino absorption by
free nucleons, neutrino and antineutrino scattering by electrons and positrons, and neutrino-antineutrino annihi-
lation into electron-positron pairs) and two cooling processes (i.e., electron and positron capture by free nucleons
and electron-positron annihilation into neutrino-antineutrino pairs). A detailed description of the different contri-
butions to q˙ is given in Ref. [102]. In the Schwarzschild geometry the neutrino trajectory is bent which leads to
an increase of the heating rate compared to the Newtonian approach. In addition, the redshift affects the neutrino
energy but leads to a decrease of the heating rate. Reference [102] showed that relativistic corrections in the
neutrino treatment have only a minor effect on the neutrino-driven wind.
There are three types of solutions for the system of Eqs. (2.5)–(2.7) which depend on the mass outflow M˙ (see
Ref. [45]). These solutions are graphically illustrated in Fig. 2.6. For a large enough mass outflow (M˙ = M˙crit), the
velocity reaches the speed of sound and remains for r →∞ (blue line in Fig. 2.6). Then, the shock region and
the neutron star are sonically disconnected. This is the wind solution, sometimes also referred to as supersonic
solution. If the velocity does not become supersonic, i.e., M˙ < M˙crit, we obtain a breeze solution (sometimes also
referred to as subsonic solution). The velocity has a maximum and decreases for larger radii (see green line in
Fig. 2.6). Both the wind and the breeze solution have a physical meaning. We receive unphysical solutions for
M˙ > M˙crit because this would lead to a infinite acceleration of the mass outflow [55]. Note that there is only one
physical supersonic solution while one can find infinite breeze and unphysical solutions [45].
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Figure 2.6: Graphical illustration of the solutions of Eqs. (2.5)–(2.7). The blue line indicates the wind solution for
which the velocity becomes supersonic. Some of the physical subsonic and unphysical solutions are
illustrated by the green and grey lines, respectively. At the sonic point the local sound velocity is equal
to the speed of sound. The figure is taken from Ref. [45].
Steady-state wind models have been utilized to better understand neutrino-driven winds and to identify the
required conditions for the r-process (we will focus on this in Sect. 2.5.2). Reference [55] showed based on their
steady-state wind models, which do not include relativistic effects, that the impact of the neutron star mass (Mns)
and radius (Rns) as well as the neutrino luminosity (Lν) and energy (εν) on the mass outflow (M˙), entropy (S),
and time scale (τ) in the neutrino-driven wind can be described with the following relations:
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M˙∝ L5/3ν ε10/3ν R5/3ns M−2ns , (2.8)
S∝ L−1/6ν ε−1/3ν R−2/3ns Mns, (2.9)
τ∝ L−1ν ε−2ν RnsMns. (2.10)
Moreover, Ref. [102] demonstrated that relativistic corrections in the steady-state wind models increase the entropy
and decrease the time scale of the neutrino-driven wind relative to those in the Newtonian treatment.
2.5 Nucleosynthesis in neutrino-driven winds
Due to the high temperature (T ≥ 10 GK) close to the surface of the proto-neutron star matter is in nuclear
statistical equilibrium (NSE). In NSE, there is a balance (i.e., a chemical equilibrium) between nuclear reactions
producing seed nuclei (Z ,A) and photodissociation reactions destroying seed nuclei into neutrons and protons:
(Z ,A) ←→ (A− Z)n + Zp. The nuclear composition is uniquely determined by the temperature, density, neutron
and proton abundance during NSE. A detailed derivation of NSE abundances will be given in Sect. 3.2.3. The
NSE composition at high temperatures is dominated by alpha particles, neutrons, and protons. We will describe
the nucleosynthesis evolution in the wind following Fig. 2.7. The wind material close to the proto-neutron star is
very hot (T ≥ 10 GK), and thus it basically consists of free neutrons and protons, although light cluster (2H, 3H,
3He, 4He) can be also present (see, e.g., Ref. [108]). Weak interactions convert neutrons into protons, and vice
versa. As the matter expands, the temperature decreases and the nuclear composition changes. Around T = 9 GK,
alpha particles are formed, and for further decreasing temperatures alpha particles and nucleons build seed nuclei.
Hence, the neutron and proton abundances strongly decrease. When the wind material further expands, it cools
down and slower reactions fall out of equilibrium. At the break down of NSE between T ≈ 8−5 GK alpha particles
dominate the nuclear composition. This is the so-called alpha-rich freeze-out. Then alpha particles form 12C by
triple-alpha reactions (3α→12 C), or, if the amount of free neutrons is still large enough, by 4He(αn,γ)9Be(α, n)12C
reactions [28]. The synthesis of 12C strongly depends on the density. For fast expansions, the formation of 12C
is hindered because the density does not remain for a sufficient long time in the range where the three body
reactions are effective (i.e., ρ ≈ 5 · 106g cm−3) [45]. The production of 12C is followed by a sequence of alpha
capture reactions, i.e., (α, n), (α, p), and (α,γ) reactions, in combination with (n,γ), (n,p), and (p,γ) reactions
νe + p ⟷ n + e+ 
νe + n ⟷ p + e-
2n + 2p ⟶ 4He
4He(αα,γ)12C
4He(αn,γ)9Be(α,n)12C
Ye < 0.5: n + seed → heavy nuclei
Ye > 0.5: 56Ni & other Fe peak nuclei
νe,μ,τ
νe,μ,τ
Rν
T ≈ 9 GKT > 10 GK T ≈ 6 GKT ≈ 8 GK
Proto-neutron
star
Figure 2.7: Nucleosynthesis evolution in neutrino-driven winds. Close to the surface of the proto-neutron star the
wind material is very hot, and thus mainly consists of free neutrons and protons. As the wind expands,
nucleons combine into alpha particles, and for further decreasing temperatures alpha particles form 12C.
Depending on the electron fraction, the neutron and the alpha abundance, different heavy nuclei are
synthesized.
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depending on the neutron-richness of the wind. This is the so-called alpha-process [28, 109]. The charged particle
reactions freeze out when the temperature is too low to overcome the Coulomb barrier (T ≈ 1 GK). Then the
nuclear composition mainly consists of alpha particles, along with seed nuclei synthesized during the alpha process,
neutrons, and protons. The evolution of the nuclear composition strongly depends on the neutron, proton, and
seed nuclei abundances (see, e.g., Refs. [29, 55, 103, 110, 111]) which are determined by the wind parameters.
2.5.1 Wind parameters in neutrino-driven winds
The wind parameters which govern the nucleosynthesis in neutrino-driven winds are the entropy, the expansion
time scale, and the electron fraction. In a radiation dominated environment the entropy depends on the temper-
ature and the density by S ∝ T3ρ . Thus, high temperatures and low densities result in large entropies. Besides,
the entropy is proportional to the photon-to-baryon ratio [74, 110]. High temperatures lead to the existence
of energetic photons which destroy seed nuclei into nucleons, and therefore the seed abundance (Yseed) is de-
creased and the neutron abundance (Yn) is raised. Moreover, at low densities the probability that the three-body
reactions 3α →12 C and 4He(αn,γ)9Be(α, n)12C occur is small. Since these reactions mark the beginning of the
seed formation, lower densities result in lower Yseed. Hence, high entropies lead to large neutron-to-seed ratios
(Yn/Yseed).
The expansion time scale describes how fast matter expands during the alpha particle and seed nuclei formation
at T = 0.5 MeV. It is given by [55]
τ=
r
v

T=0.5 MeV
, (2.11)
where r and v are the radius and velocity, respectively. For fast expansions, i.e., short expansion time scales, the
time for the three-body reactions to form seed nuclei is short. Therefore, a small expansion time scale leads to a
small Yseed.
The electron fraction (Ye) is defined as the number of electrons per baryon:
Ye =
ne− − ne+
nb
, (2.12)
where ne− , ne+ , and nb are the number densities of the electrons, positrons, and baryons, respectively. Hence, the
electron fraction indicates whether the wind is neutron-rich (i.e., Ye < 0.5) or proton-rich (i.e., Ye > 0.5). Since
the astrophysical environment is charge neutral, the electron fraction can be written as
Ye =
∑
i
ZiYi =
∑
i
(Zi/Ai)X i . (2.13)
The sums in Eq. (2.13) run over all nuclear species i with charge Zi , mass number Ai , number abundance Yi , and
mass fraction X i . Equation (2.13) will be derived in Sect. 3.2. We have already mentioned that close to the proto-
neutron star the wind mainly consists of nucleons, which implies that Ye = Xp or Ye = 1− Xn, where Xn and Xp are
the mass fractions of the neutrons and protons, respectively. As the wind expands, the temperature decreases and
alpha particles are formed, leading to Ye = Xp + Xα/2, where Xα is the mass fraction of the alpha particles. Further
away from the proto-neutron star heavy nuclei are synthesized and Eq. (2.13) can be rewritten as
Ye = Xp +
Xα
2
+
∑
h>4

Zh
Ah

Xh, (2.14)
where the sum runs over all nuclei h which are heavier than alpha particles. However, due to the small amount
of heavy nuclei when the initial wind electron fraction is calculated, the last term in Eq. (2.14) can be neglected.
Since nucleons combine into alpha particles during NSE, the so-called alpha effect (see, e.g., Refs. [112–116])
results in an increase of Ye. A detailed derivation of the electron fraction is given, e.g., in Refs. [113, 117].
The electron fraction is altered by weak reactions. The evolution of the electron fraction, neglecting the alpha
process and assuming that the initial wind composition only consists of neutron and protons, is described by
dYe
dt
= v (r)
dYe
dr
≈  λνe +λe+Yn −  λν¯e +λe−Yp, (2.15)
24
where v (r) is the velocity of the matter and λx (x = νe, e+, ν¯e, e−) are the weak rates of the forward and reverse
reactions in Eq. (2.3) and Eq. (2.4). Nevertheless, the evolution of Ye is dominated by electron neutrino and
electron antineutrino captures on nucleons. Hence, the electron fraction, which is equal to the proton to nucleon
ratio in a charge neutral wind, in equilibrium (i.e., Y˙e = 0) is described by:
Ye,eq. =
Yp
Yp + Yn
=
1
1+
λν¯e
λνe
. (2.16)
Reference [55] showed that the equilibrium wind electron fraction is approximately given by :
Ye,eq. ≈

1+
Lν¯e
 
εν¯e − 2∆+ 1.2∆2/εν¯e

Lνe
 
ενe + 2∆+ 1.2∆
2/ενe
−1 , (2.17)
where Lνe , ενe and Lν¯e , εν¯e denote the luminosities and mean energies of the electron neutrinos and antineutrinos,
respectively. The neutron-proton mass difference is ∆= mn−mp = 1.293 MeV. Therefore, for a neutron-rich wind,
the antineutrino and neutrino energies have to approximately fulfill εν¯e − ενe ¦ 4∆ ≈ 5 MeV, assuming equal
electron neutrino and antineutrino luminosities.
In this section, we have described how the entropy and the expansion time scale influence the neutron-to-seed
ratio. Depending on the Ye and the Yn/Yseed, different nucleosynthesis processes occur in neutrino-driven winds. In
the following, we will give an overview about the possible nucleosynthesis processes and describe the development
of the neutrino-driven wind as a possible astrophysical site for the r-process.
2.5.2 The neutrino-driven wind as a possible astrophysical site for the r-process: A historical overview
The r-process evolves far away from the valley of stability on the neutron-rich side which requires extreme as-
trophysical conditions (see Sect. 2.1). For a successful r-process building elements up to uranium, electron
fractions below Ye < 0.5, high entropies and small expansion time scales resulting in a high neutron-to-seed
ratio Yn/Yseed ¦ 100 are required. For a long time, the neutrino-driven wind has been suggested as a possible host
for the r-process. However, the extreme conditions required for a r-process are not found in wind simulations. Even
though it is likely that the neutrino-driven wind is not the astrophysical site for the r-process, studies of the wind
contributed to identify the necessary conditions for the r-process. Therefore, we will give a historical overview
about the development of the neutrino-driven wind as a possible site for the r-process. This overview follows to
large extent the one described in Ref. [45].
Bethe and Wilson [99] performed the first delayed neutrino-driven supernova explosions. Based on Bethe and
Wilson’s supernova explosion, Woosley and Hoffman [28] investigated the nucleosynthesis in the high-entropy
wind from the proto-neutron star. Woosley and Hoffman found that the late wind evolution could lead to the high
entropy and the low electron fraction required for a successful r-process. Besides, Meyer et al. [74] studied the
nucleosynthesis evolution based on Bethe and Wilson’s supernova explosion for different Ye. The final abundances
composed of the superposition of the trajectories with different electron fractions agreed rather well with the solar
system abundances. Furthermore, Woosley et al. [35] performed hydrodynamical simulations with the spherically
symmetric supernova model of Wilson and Mayle [97] for a 20 M progenitor and followed the ejecta for 20 s.
They obtained the required conditions for a successful r-process, i.e., high entropies of S ≈ 400 kB/nuc and electron
fractions of Ye ≈ 0.35. In addition, Woosley et al. [35] achieved a good agreement with the solar system r-process
abundances with only a slight overproduction at A= 90. Therefore, Woosley et al. [35] concluded that the neutrino-
driven wind is the most promising site for the r-process.
However, no other independent group could reproduce the results of Woosley et al. [35]. Witti et al. [109] also
performed hydrodynamical simulations with the supernova model of Wilson and Mayle [97] for a 25 M progenitor
and studied the late evolution of the ejecta. In contrast to Woosley et al. [35], they only received entropies below
S ≈ 100 kB/nuc and electron fractions above Ye ≈ 0.45. For these wind conditions, the r-process did not occur
and they found a large overproduction of nuclei with A= 90. In a follow-up paper, Takahashi et al. [118] showed
that the solar system r-process abundances can be reproduced without an overproduction of nuclei at A= 90 if the
entropy is increased by a factor of 5, i.e., the density is decreased by the same factor.
The neutrino-driven wind was studied based on an analytical model by Qian and Woosley [55]. Since they did
not find the necessary conditions for a r-process, they studied the influence of possible missing contributions, i.e.,
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an outer boundary or an extra energy source. Qian and Woosley [55] predicted that any effect which enhances the
gravitational potential results in a raised entropy. Hoffman et al. [111] generalized the analytical model of Qian
and Woosley [55] and put constraints on the wind parameters. Moreover, they demonstrated that for the electron
fractions and dynamic time scales revealed by Woosley et al. [35], the entropy cannot become S ≈ 400 kB/nuc.
Cardall and Fuller [101] included general relativistic effects in the neutrino-driven wind. They found a more
compact neutron star and thus a higher entropy than in the Newtonian approach. The advanced studies of Otsuki et
al. [102] and Thompson et al. [103] presented that general relativity effects in neutrino-driven winds increase the
entropy up to 40% compared to the Newtonian treatment. Furthermore, Otsuki et al. [102] showed that general
relativity effects in the neutrino treatment only have a minor effect on the wind.
Figure 2.8 gives an overview which combinations of the wind parameters result in a successful r-process based
on the steady-state models of Otsuki et al. [102]. The figure presents the relation between the entropy and the time
scale for various combinations of the neutron star mass and the neutrino luminosity and Ye = 0.40. The solid and
dashed lines connect the same masses and luminosities, respectively. The blue and red bands indicate the required
entropies and time scales for Ye = 0.40 to synthesize elements up to the second (A=130) and third (A = 195)
r-process peak, respectively. The necessary conditions are attained for a massive neutron star with a small radius
(i.e., a compact neutron star) [102, 103].
Figure 2.8: Relation between the entropy and time scale for various neutron star masses and neutrino luminosities
and Ye = 0.40. The blue and red band illustrate the required combinations of entropy and timescale
leading to the formation of elements up to the second and third r-process peak, respectively. The figure
is taken from Ref. [45].
In summary, all parametric studies of the neutrino-driven wind could not reproduce the r-process found by
Woosley et al. [35]. Besides, first long-time hydrodynamic simulations [36], even in two dimensions [37], do
not evince the required conditions for a successful r-process. Furthermore, more sophisticated hydrodynamic
simulations using a Boltzmann neutrino transport [38, 39] indicate that the neutrino-driven wind may be proton-
rich or turns proton-rich for some time. Nonetheless, even if the neutrino-driven wind is not the astrophysical site
for the r-process and is only slightly neutron-rich or proton-rich, it is an exciting site for the formation of the lighter
heavy elements. The lighter heavy elements are produced in the neutrino-driven wind either by the weak r-process
and/or the νp-process.
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2.5.3 Weak r-process
The weak r-process [30] occurs in slightly neutron-rich winds, i.e., 0.40 ® Ye ® 0.50. It is sometimes also referred
to as charged-particle reaction (CPR) process [23, 28, 29], or alpha process [28] (this name was originally given
by Ref. [1] to a process that is referred to as neon burning today). The weak r-process depends on the wind
parameters in the same way as the r-process: lower Ye, higher entropies, and/or smaller expansion time scales lead
to larger neutron-to-seed ratios and thus heavier elements are synthesized (see, e.g., Refs. [45, 119]). However,
the neutron-to-seed ratio in the weak r-process (i.e., Yn/Yseed ® 20) is much smaller than in the r-process (i.e.,
Yn/Yseed ¦ 100). There are main differences between the weak r- and the r-process. As the temperature decreases
in the weak r-process, the seed nuclei abundance significantly increases but the alpha particles still dominate the
nuclear composition. Due to the low neutron abundance, the nucleosynthesis path proceeds close to the valley of
stability on the neutron-rich side. Since the beta decay time scales close to stability are longer than the expansion
time scale of the wind, matter moves towards heavy nuclei mainly via alpha capture reactions and especially via
(α, n) reactions [28], while in the r-process heavier nuclei are reached by beta decays. Another main difference
is that the weak r-process only synthesizes elements below the second r-process peak (Z < 56), whereas the r-
process builds elements up to uranium. The dominant products in the weak r-process are Sr, Y, and Zr (see, e.g.,
Refs. [35, 119–121]). Consequently, the weak r-process could have contributed to the formation of the lighter
heavy elements between Sr and Ag in the early universe (see Sect. 2.2).
Most of the nucleosynthesis studies in the weak r-process aimed on finding the wind parameters which lead to
a good agreement between the calculated and observed abundances of the lighter heavy elements. There exist
several combinations of wind parameters which produce lighter heavy elements in slightly neutron-rich winds
(see, e.g., Ref. [121]). Nonetheless, neutron-rich winds do not provide robust abundance pattern because slight
variations of the wind parameters result in different abundance patterns (see, e.g., Ref. [119]). Besides, there is an
overproduction around A≈ 90 related to the neutron shell closure N = 50 [28, 29, 35, 109, 121, 122]. Therefore,
in order not to overproduce elements with A ≈ 90, only a subset of core-collapse supernovae, or only a small
amount of their ejecta can be neutron-rich. Then neutron-rich winds could also contribute to the solar LEPP [121]
(see Sect. 2.2). However, before one can make full use of observations to put constraints on the wind parameters
and thus on neutrino-driven winds, the impact of nuclear physics uncertainties on the weak r-process has to be
reduced.
Although recent supernova simulations indicate proton-rich wind conditions [38, 39, 123], there are still un-
certainties in the neutrino physics which could lead to slightly neutron-rich conditions. The authors of Ref. [124]
proposed that active-sterile neutrino transformation could influence the electron fraction. They found that the op-
timal range in neutrino mixing parameters results in a significantly reduced electron fraction. Besides, Ref. [125]
showed that the inclusion of active-active collective oscillations and MSW conversions together with active-sterile
mixing decreases the Ye. Furthermore, mean field effects are not yet fully consistently included in supernova sim-
ulations [38, 39], although they are non-negligible due to the high densities at the neutrinosphere. The authors
of Refs. [126–128] presented that the modification of the charged-current weak interaction processes could lead
to electron fractions down to Ye = 0.45. Moreover, a two-dimensional simulation of the explosion of an ONeMg
progenitor showed that neutron-rich lumps with electron fractions down to 0.40 are ejected due to the very fast
explosion [129].
In this thesis, we assume the additional process which contributes to the formation of the lighter heavy elements
corresponds to the weak r-process. However, since the neutrino-driven wind could be also proton-rich, we will also
give an overview about the νp-process occurring in proton-rich winds in the following section.
2.5.4 νp-process
As we have mentioned before, some supernova simulations indicated that the neutrino-driven wind is proton-rich,
either at very early times [31–33, 39, 130–132], or during a time period up to 20 s [38, 39]. In proton-rich winds,
the nuclear composition after the alpha-rich freeze out consists of alpha particles and an excess of protons. The
nucleosynthesis path evolves towards heavier nuclei on the proton-rich side of stability by (p,γ), (α,γ), and (α, p)
reactions and beta decays (i.e., β+) once the temperature falls below T = 3 GK. The nucleosynthesis path moves
up to 56Ni and even up 64Ge which act as bottlenecks. The beta decay half-lifes of 56Ni (i.e., T1/2 = 6.075 d) and
64Ge (i.e., T1/2 = 64 s) are long compared to the expansion time scale of the wind and thus matter accumulates
there. Since the material in the wind is under a high neutrino flux, antineutrino absorption on protons produces
free neutrons (1014 − 1015 cm−3 [31]) for several seconds, when the temperature is between T = 3− 1 GK. These
27
additional neutrons participate in the nucleosynthesis and lead to (n,p) reactions which are faster than beta decays.
Note that a (n, p) reaction connects the same pair of nuclides as a beta plus decay. The (n,p) reactions followed
by (p,γ) reactions permit the nucleosynthesis flow to overcome the bottlenecks at 56Ni and 64Ge, and therefore to
reach heavier elements. This is the so-called νp-process [31–33].
The efficiency to produce additional neutrons strongly depends on the wind parameters and on the neutrino
luminosities and energies. The impact of the wind parameters on the νp-process has been discussed by, e.g.,
Refs. [133, 134]. The entropy influences the neutron-to-seed ratio in the same way as in neutron-rich winds, i.e.,
higher entropies lead to larger Yn/Yseed. Since neutrons are required to bridge the bottlenecks, the time matter
spends at high enough temperatures is also relevant. Shorter expansion time scales result in lower Yseed but also in
smaller Yn because less neutrons are produced. Therefore, the expansion time scale has only a moderate effect on
the nucleosynthesis (see, e.g., Ref. [119]). The electron fraction affects the nucleosynthesis because it determines
the proton abundance. Since the initial wind composition is dominated by nucleons, the initial electron fraction
describes the amount of protons, i.e., Yp = Ye and Yn = 1− Ye. After the initial fast expansion of the wind, neutrons
are rapidly captured but also produced by antineutrino absorption on protons. Hence, the neutron abundance is in
an equilibrium:
dYn
dt
= λν¯eYp −
∑
Z ,A
NnY (Z ,A)〈σv 〉(Z ,A) = 0, (2.18)
where λν¯e is the electron antineutrino absorption rate and 〈σv 〉(Z ,A) is the sum of neutron capture rates (i.e., (n,p)
and (n,γ)) of a nucleus (Z ,A). Rewriting Eq. (2.18) leads to
Nn =
λν¯eYp∑
Z ,A Y (Z ,A)〈σv 〉(Z ,A) , (2.19)
which indicates that the neutron abundance increases for higher Yp (i.e., higher Ye) and λν¯e . The electron antineu-
trino absorption rate depends on the electron antineutrino energy (εν¯e) and the antineutrino number luminosity
(Ln,ν¯e) by λν¯e = Ln,ν¯eσν¯e,p ∝ Ln,ν¯eε
2
ν¯e
(see, e.g., Ref. [125]). Thus, higher electron antineutrino energies and
luminosities lead to a larger production of free neutrons. In sum, the larger the entropy, the Ye, and the electron
antineutrino energies and luminosities, the more efficient is the bridging of the bottlenecks and the heavier nuclei
are formed.
The neutrino-driven wind collides with the early slow-expanding supernova ejecta [36, 37, 39, 135–137] leading
to a reverse shock. During the collision, kinetic energy is transformed into internal energy which results in an
increase of temperature and density. The reverse shock has a significant impact on the nucleosynthesis in the νp-
process [133, 134]. Since the reverse shock decelerates the expansion, the time period during which matter stays
at high temperatures and high neutrino fluxes is extended. This leads to additional (p,γ) and (n, p) reactions, and
thus heavier nuclei are formed.
Note that the νp-process is not terminated by the exhaustion of protons but it ends when the temperature drops
below T ≈ 1 GK and the (p,γ) reactions freeze out. Then (n,p), (n,γ) reactions and beta decays move matter back
to stability.
Reference [121] studied the formation of lighter heavy elements in proton-rich winds. They found that lighter
heavy elements are formed robustly under small variations of the wind parameters (see also Ref. [119]). However,
lighter heavy elements are produced in proton-rich winds only for a successful νp-process, i.e., if the antineutrino
energies and luminosities are high enough. Compared to slightly neutron-rich winds, the amount of heavy elements
is rather low. Since mainly neutron-deficient isotopes are produced (see also Refs. [31, 132, 133]) proton-rich
winds can explain the LEPP elements observed in UMP stars but not the solar LEPP [25].
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3 Nuclear reactions in astrophysics
Nuclear reactions are one of the key ingredients in nucleosynthesis calculations where a large number of different
types of nuclear reactions are important: emission and absorption of nucleons and nuclei, emission and absorp-
tion of photons (γ-rays) and leptons (electrons, neutrinos, and their antiparticles) [138]. Thus, nucleosynthesis
calculations involve three of the four fundamental forces, i.e., nuclear strong, electromagnetic and nuclear weak
forces. The quantity which is used in nucleosynthesis calculations is the reaction rate. We will explain the basic
concepts of nuclear reactions rates in Sect. 3.1, and derive expressions for particle-induced reactions, photodisin-
tegration reactions as well as electron, positron and neutrino captures, and decays. To understand the formation
of the elements we have to follow the temporal evolution of the nuclear composition. In Sect. 3.2, we describe
the concept of nuclear reaction networks and explain methods to solve the reaction network. In the absence of
experiments, most of the reaction rates entering in the nucleosynthesis calculations are calculated with theoretical
reaction codes based on the statistical Hauser-Feshbach model. We will give an overview of the determination of
theoretical reaction rate based on the compound nucleus theory in Sect. 3.3 and describe different alpha optical
potentials which mainly govern the (α, n) reaction rate uncertainties. This chapter follows Refs. [51, 139].
3.1 Basic concepts of thermonuclear reaction rates
A nuclear reaction is a process in which a projectile j interacts with a nucleus i and the interaction products, k and
l, have a different identity than the incident particles. The nuclear cross section, σ, is a quantity to the describe
the probability of a reaction i + j→ k+ l, also referred to as i( j, k)l. The probability that a target i reacts with an
incoming particle j is defined as
σ ≡ #Number of reactions per target per time
Flux of incoming particles
=
r/ni
n jv
,
(3.1)
where ni and n j are the number densities (i.e., number of particles Ni and N j per volume V ) of target and projectile,
respectively. The second equality in Eq. (3.1) holds only for a constant relative velocity v between target and
projectile. Then, the number of reactions per cm3 and sec, r, can be written as r = σvnin j . However, in general,
targets and projectiles follow velocity distributions, and then the reaction rate r is given by
ri, j =
∫
σ
 | ~vi − ~v j | | ~vi − ~v j |dnidn j . (3.2)
The evaluation of the integral in Eq. (3.2) depends on the involved types of particles and their distributions. In the
following, we will derive expressions for the reaction rate for different types of reactions.
3.1.1 Particle-induced reactions
For a projectile i and a target j in an astrophysical plasma, both obeying a thermal distribution described by the
Maxwell-Boltzmann distribution, we have
dnx = nx

mx
2pikBT
3/2
exp

−mxv
2
x
2kBT

d3vx ≡ nxφ( ~vx)d3vx , (3.3)
where m is the mass of the particle x = (i, j), kB is the Boltzmann constant, T is the temperature of the astrophysical
plasma, and v is the velocity of the particle x = i, j. Therefore, Eq. (3.2) can be rewritten as
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ri, j = nin j
∫
σ
 | ~vi − ~v j | | ~vi − ~v j |φ( ~vi)φ( ~v j)d3vid3v j = nin j〈σv 〉i, j . (3.4)
In Eq. (3.4), 〈σv 〉i, j is the so-called velocity integrated cross section which is also referred to as reactivity. If we
use center of mass and relative coordinates rather than individual ones, the velocity integrated cross section can be
expressed as a function of the relative velocity v and the reduced mass µ= mim j/
 
mi +m j

〈σv 〉i, j =

µ
2pikBT
3/2∫
vσ (v )exp

− µv 2
2kBT

d3v . (3.5)
With d3v = 4piv 2dv and E = 12µv
2 the integral in Eq. (3.5) becomes energy dependent
〈σv 〉i, j =

8
piµ
1/2
(kBT )
−3/2
∫ ∞
0
Eσ (E)exp

− E
kBT

dE. (3.6)
Consequently, if the cross section σ (E) of a nuclear reaction is experimentally or theoretically known, 〈σv 〉i, j can
be easily determined, assuming that the participating nuclei follow Maxwell-Boltzmann statistics.
3.1.2 Photodisintegration reactions
If the projectile j is a photon, the interaction is a photodisintegration reaction. In a stellar plasma at thermodynamic
equilibrium, the number density of photons is not constant, and depends on the stellar temperature and photon
energy. Following the general description of ri, j (see Eq. (3.2)) and considering that photons are always moving
with the speed of light c, and the target i is a nucleus obeying Maxwell-Boltzmann statistics, we find for the reaction
rate of a photodisintegration reaction
ri,γ = ni
∫ ∞
0
cnγ(Eγ)σ(Eγ) dEγ. (3.7)
The decay constant, i.e., probability of a decay per nucleus per second, is given by
λi,γ(T ) =
ri,γ
ni
=
∫ ∞
0
cnγ(Eγ)σ(Eγ) dEγ. (3.8)
The energy density of a photon with frequencies between ν and ν + dν at a temperature T can be described by
Planck’s radiation law:
u(ν) dν=
8pihν3
c3
dν
exp (hν/(kBT ))− 1. (3.9)
Since the energy of a photon is Eγ = hν, Eq. (3.9) can be rewritten as
u(Eγ) dEγ =
8pi
(hc)3
E3γ
exp
 
Eγ/(kBT )
− 1 dEγ. (3.10)
The number of photons with energies between Eγ and Eγ + dEγ per unit volume at a temperature T is
nγ(Eγ) dEγ =
u(Eγ)
Eγ
dEγ =
8pi
(hc)3
E2γ
exp
 
Eγ/(kBT )
− 1 dEγ. (3.11)
Therefore, the photodisintegration rate at a given temperature T can be expressed as
λi,γ(T ) =
8pi
h3c2
∫ ∞
0
E2γ
exp
 
Eγ/(kBT )
− 1σ  Eγ dEγ. (3.12)
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3.1.3 Forward and reverse reactions
The cross section σi, j→k,l of the reaction i + j→ k+ l is related to the cross section σk,l→i, j of the reverse reaction
k + l → i + j because the two processes are invariant under time-reversal. For a given total energy, σi, j→k,l and
σk,l→i, j are related by the phase space in the exit channel, or by the number of final states per unit energy interval
in each case. The number of states available for momenta between p and p+dp is proportional to p2 [140]. Thus,
σi, j→k,l ∝ p2k,l and σk,l→i, j ∝ p2i, j . The momentum p and the de Broglie wavelength are related by λ = h/p. The
wave number k of a free particle is defined as λ = 2pi/k. This leads to p = mv = ħhk. Then, we obtain (see also
Ref. [141])
k2i, jσi, j→k,l
(1+δi j)
=
k2k,lσk,l→i, j
(1+δkl)
. (3.13)
This is the so-called principle of detailed balance, also referred to as reciprocity theorem. The factors δab prevent
the double counting of identical particles in the entrance channel. For identical particles, i.e., a = b, δab = 1,
otherwise δab = 0. If particles with spins are involved, we have to take into account the density of the final states
by their statistical weights. For a particle with spin J , there are g = (2J + 1) different states available where g
is the degeneracy factor of the ground state. In an astrophysical plasma, the excited states of nuclei i and l are
populated. To consider the contributions from excited states, gi and g j are expressed by the partition functions of
these nuclei, i.e., Gx =
∑
n gx ,n exp (−En/ (kBT )). Hence, we get
k2i, jGi(2J j + 1)σi, j→k,l
(1+δi j)
=
k2k,lGl(2Jk + 1)σk,l→i, j
(1+δkl)
, (3.14)
which can be rewritten as
σk,l→i, j
σi, j→k,l
=
Gi(2J j + 1)
Gl(2Jk + 1)
k2i, j(1+δkl)
k2k,l(1+δi j)
. (3.15)
Therefore, σk,l→i, j can be easily calculated if σi, j→k,l is experimentally or theoretically known. Equation (3.15) is
valid for particles with rest mass as well as for photons. For particles with rest mass the wave number is given by
k =
p
2µE/ħh, and the momentum can be expressed as p2 = ħh2k2 = 2µE. Then, we obtain
σk,l→i, j
σi, j→k,l
=
Gi(2J j + 1)
Gl(2Jk + 1)
µi, jEi, j
µk,lEk,l
(1+δkl)
(1+δi j)
, (3.16)
where Ei, j and Ek,l are the center-of-mass energies of the forward and reverse reaction, respectively. For a reaction
involving photons, the wave number is defined as k = E/(ħhc) and the momentum is given by p2 = ħh2k2 = E2γ/c2.
Thus, Eq. (3.15) leads to
σγ,l→i, j
σi, j→γ,l
=
Gi(2J j + 1)
2Gl
2µi, jc
2Ei, j
E2γ
1
(1+δi j)
, (3.17)
using that the photon has only two polarization directions, i.e., (2Jγ + 1) = 2.
The forward rate and its corresponding reverse reaction rate involving only particles with rest mass are given by
NA〈σv 〉i, j→k,l =

8
piµi, j
1/2 NA
(kBT )3/2
∫∞
0 Ei, jσi, j→k,l exp
 −Ei, j/(kBT )dEi, j , (3.18)
NA〈σv 〉k,l→i, j =

8
piµk,l
1/2 NA
(kBT )3/2
∫∞
0 Ek,lσk,l→i, j exp
 −Ek,l/(kBT )dEk,l , (3.19)
respectively. The kinetic energies are related by Ek,l = Ei, j + Q i, j→k,l where Q i, j→k,l denotes the Q-value of the
reaction. The Q-value describes the difference in masses (or in kinetics) before and after the reaction. Then, we
get (see also Ref. [142])
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NA〈σv 〉k,l→i, j
NA〈σv 〉i, j→k,l =

µi, j
µk,l
1/2 ∫∞
0 Ek,lσk,l→i, j exp
 −Ek,l/(kBT ) dEk,l∫∞
0 Ei, jσi, j→k,l exp
 −Ei, j/(kBT ) dEi, j
=
Gi(2J j + 1)(1+δkl)
Gl(2Jk + 1)(1+δi j)

µi, j
µk,l
3/2
· exp  −Q i, j→k,l/ (kBT ) . (3.20)
To derive an expression for the relationship between forward and reverse reaction rate if species k is a photon,
we start from Eqs. (3.6) and (3.12). From Eq. (3.17) we receive
λγ,l
NA〈σv 〉i, j→γ,l =
8pi
h3c2
∫∞
0
E2γ
exp(Eγ/(kBT ))−1
Gi(2J j+1)
Gl (1+δi j)
µi, j c
2Ei, j
E2γ
σγ,l→i, j dEγ
8
piµi, j
1/2 NA
(kBT )3/2
∫∞
0 Ei, jσi, j→γ,l exp
 −Ei, j/(kBT ) dEi, j . (3.21)
The energies are related by Ei, j + Q i, j→γ,l = Eγ. Besides, most capture reactions have Q-values larger than 0,
elsewise nuclei l would be unstable by particle emission. In addition, many capture reactions have large Q-values
(i.e., on the order of several MeV), thus the integration over Eγ will not start from zero but from a threshold energy
of Ethreshold = Q i, j→γ,l . This implies exp
 
Eγ/(kBT )
− 1 ≈ exp  Eγ/(kBT ) and we obtain from Eq. (3.21) (see also
Ref. [142])
λγ,l
NA〈σv 〉i, j→γ,l =
8pi
h3c2 (kBT )
3/2µi, jc
2
8
pimi, j
1/2
NA
Gi(2J j + 1)
Gl(1+δi j)
·
∫∞
0 Ei, j exp
 −(Ei, j +Q i, j→γ,l)/(kBT )σi, j→γ,l dEγ∫∞
0 Ei, j exp
 −Ei, j/(kBT )σi, j→γ,l dEi, j
=

2pi
h2
3/2  µi, jkBT3/2
NA
Gi(2J j + 1)
Gl(1+δi j)
exp
 −Q i, j→γ,l/(kBT ) .
(3.22)
3.1.4 Electron, positron and neutrino captures
At high densities electrons become degenerate. The Fermi energy increases with (ρYe)2/3, and eventually over-
comes the proton-neutron mass difference. Then, the existence of high energy electrons allow for electron capture
reactions which are energetically prohibited by a negative Q-value:
e− + (Z ,A)→ (Z − 1,A) + νe. (3.23)
Besides, the electron captures lead to a neutronization of the astrophysical plasma. Following again the general
definition of a reaction rate (Eq. (3.2)), we obtain for the electron capture reaction rate
ri,e− =
∫
σe− | ~vi − ~ve− |dni dne− . (3.24)
Due to the vast mass difference between electrons (me =0.511 MeV) and nuclei (mu ≈ 931 MeV) one can assume
that the nuclei is at rest in the center of mass system, and the relative velocity on which the cross section σe−
depends can be described by the electron velocity. Therefore, similar to the photon-induced reactions where the
relative velocity was c, the integral in Eq. (3.24) does not depend on nuclei and dni and can be rewritten as
ri,e− = ni
∫
σe−(ve−)ve−dne− = λi,e−(ρ,Ye, T ) ni . (3.25)
Note that the decay constant λi,e− depends on the temperature, and due to the definition of the electron number
density ne− = ρNAYe on the density of the astrophysical plasma and the electron fraction Ye. Once the electron
capture cross section σe− is known, temperature and density determine whether dne− is treated as a Maxwell-
Boltzmann or a Fermi distribution, which can be partially or fully degenerated, and relativistic.
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Positrons are in thermal equilibrium with photons and electrons once the temperature is high enough
(T ¦ 1.022 MeV) for photons to produce electron-positron pairs γ + γ → e− + e+. Then positron captures be-
come possible:
e+ + (Z ,A)→ (Z + 1,A) + ν¯e. (3.26)
At high enough densities ( ρ > 1012 g cm−3), the cross section for neutrino scattering on nuclei is large enough
that neutrinos are captured by nuclei and become thermalized. Neutrino capture, i.e., i+ν→ e−+ l or i+ ν¯+e++ l,
is the inverse process of electron capture. Therefore, the neutrino capture rate λν(ν¯)(ρYe, T ) can be calculated from
the electron and positron capture rate using the reciprocity theorem, or by integrating over the neutrino distribution
(similar to Eq. (3.25)).
Decays
For a beta or alpha decay with a half-life τ1/2, the reaction rate is given by
ri = λini. (3.27)
The decay constant λi and the half-life are related by λi = ln 2/τ1/2. If the nucleus is in the ground state the decay
half-life is a constant. At higher temperatures, excited states n with different decay constants can also be thermally
populated. Then, the temperature dependent total decay constant of a nucleus is
λi(T ) =
∑
nλi,n(2Jn + 1)exp (−En/(kBT ))
Gi(T )
, (3.28)
where Gi(T ) =
∑
n(2Jn + 1)exp (−En/(kBT )) is the partition function.
3.2 Nuclear reaction networks
Nuclear reaction networks follow the evolution of the composition of a system containing many species of nuclei.
In the previous sections, we derived two types of expressions for the number of reactions per cm3 per sec: 1)
ri j = nin j〈σv 〉i, j for particle-induced reactions; and 2) ri = λini for decays, photodisintegrations, electron captures,
etc. In the first expression we have to add a correction term because in a gas of identical particles each of the nuclei
is double counted, once as a target and once as a projectile. Then, the number of reactions between particles i and
j per cm3 per sec is given by
ri j =
1
1+δi j
nin j〈σv 〉i, j . (3.29)
The correction term 11+δi j prevents the double counting of reactions between identical particles: if i and j are
identical particles δi j = 1 and the reaction rate is divided by two. For three-body reactions, the correction which
prevents double counting is ∆i jk ≡ δi j + δ jk + δik + 2δi jk and without detailed derivation (for a detailed one see
Ref. [142]) the reaction rate is given by
ri jk =
1
1+∆i jk
nin jnk〈σv 〉i, j,k. (3.30)
The changes in the number densities of the involved nuclei in a reaction i( j, k)l due to reactions rather than density
changes are described by 
∂ ni
∂ t

ρ
=

∂ n j
∂ t

ρ
= −ri j ,
∂ nk
∂ t

ρ
=

∂ nl
∂ t

ρ
= +ri j .
(3.31)
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In an astrophysical plasma, a whole variety of different reactions which produce or destroy a nucleus i can take
place simultaneously. Thus, we have

∂ ni
∂ t

ρ=const
=
∑
j
N ij r j +
∑
j,k
N ij,k
1+δ jk
r jk +
∑
j,k,l
N ij,k,l
1+∆ jkl
r jkl . (3.32)
The three sums on the right hand side of Eq. (3.32) describe the formation or destruction of nucleus i in possible
one-, two-, three-body reactions, respectively. The Ni ’s specify how many nuclei of species i are produced (positive
Ni) or destroyed (negative Ni). In most astrophysical environments the density is not constant. Therefore, to avoid
changes which are only a result of density changes we use abundances instead of number densities. The abundance
Yi and the number density ni of a nucleus i are related by
Yi =
ni
ρNA
, (3.33)
where ρ is the density of the astrophysical environment and NA is the Avogadro constant. The time derivative of
the abundance Yi is
Y˙i =
n˙i
ρNA
− ni
ρNA
ρ˙
ρ
. (3.34)
The relation between abundance Yi and number density ni of a nucleus i is based on the definition of the mass
fraction X i , i.e., the percentage of mass mi (or density ρi) of nuclei of species i with respect to the total mass
(density) of the system
X i =
ρi
ρ
=
ni
ρNA
miNA = YiAi . (3.35)
The term miNA is the total mass of a mole of particles i and defines the atomic weight. As a result of the definition
of the mass fraction, all mass fractions must add up to one, i.e.,
∑
i X i = 1. If we rewrite Eq. (3.32) in terms of
abundances we obtain the following set of differential equations
Y˙i =
∑
j
N ijλ jYj +
∑
j,k
N ij,k
1+δ jk
ρNA〈σv 〉 j,kYjYk +
∑
j,k,l
N ij,k,l
1+∆ jkl
ρ2N2A 〈σv 〉 j,k,lYjYkYl , (3.36)
which is usually referred to as nuclear reaction network.
3.2.1 Solving the nuclear reaction network
In order to find the solutions of the reaction network one has to solve the system of coupled non-linear differential
equations described in Eq. (3.36). Nuclear reaction networks consist of a large number of different reactions.
The time scales of the strong, electromagnetic and weak reactions span a wide range, thus reaction networks are
extraordinary stiff [138]. A more precise definition of a stiff system of equations ~˙Y (~Y ) is that the eigenvalues λ j of
the Jacobian ∂ ~˙Y /∂ ~Y obey the criteria
R(λ j)< 0, j = 1, ...,N
S =
max|R(λ j)|
min|R(λ j)|  1,
(3.37)
where R(λ j) is the real part of the eigenvalue λ j . The system of reaction rates is integrated with one step, self-
starting algorithms. Since the errors in the rates are usually few percent or more, the greater precision of higher
order methods does not lead to higher accuracy.
The differential equations constituting the nuclear reaction network present a typical initial value problem. The
boundary conditions are given by the initial abundances of all nuclei considered in the network, and we want to
find the abundances of these nuclei at a final time, or at some specific points in time. The network equations are
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integrated along a discrete list of points which is given by the time evolution of the hydrodynamic variables, i.e.,
temperature and density. The abundances at a future time ~Y (t +∆t), where ∆t is the time step in the network,
are calculated with a finite difference
~Y (t +∆t)− ~Y (t)
∆t
= (1− θ ) ~˙Y (t +∆t) + θ ~˙Y (t). (3.38)
For θ = 1, Eq. (3.38) becomes the explicit, forward Euler method which requires the derivatives only at the
beginning of the time step. If θ = 0, Eq. (3.38) is the implicit backward Euler method which needs the derivative
at the end of the time step. The explicit and implicit Euler methods are first-order accurate in time, thus the
accuracy improves inversely proportional to the time step. In case of θ = 1/2, Eq. (3.38) is the semi-implicit
trapezoidal method which is second-order accurate in time. For most reaction networks, the implicit Euler method
is commonly applied [143], except for big bang nucleosynthesis networks where the implicit trapezoidal method
is used [144].
The solution of the backward Euler method is equivalent to finding the zeros of equation
~Y (t +∆t)− ~Y (t)
∆t
− ~˙Y (t +∆t) = 0. (3.39)
This set of nonlinear equations can be solved with the Newton-Raphson method which is a root finding algorithm
based on a Taylor series expansion. Applying the Newton-Raphson method leads to
~Y new(t +∆t) = ~Y old(t +∆t)− J−1

~Y old(t +∆t)− ~Y (t)
∆t
− ~˙Y old(t +∆t)

. (3.40)
To solve this equation one has to invert the Jacobian J given by
J≡ 1
∆t
− ∂ ~˙Y (t +∆t)
∂ ~Y (t +∆t)
, (3.41)
at each iteration step. The backward Euler method has comparable low computational costs per time step, because
one has only to evaluate the right-hand side of Eq. (3.40), perform one matrix inversion and a back substitution. In
contrast to higher order computationally more expensive methods, first order methods cannot estimate the accuracy
of a time step. As a compensation, we check the mass conservation
∑N
i=1 X i = 1

at every iteration and demand
that the difference between the sum over the mass fractions and 1 is less than a certain threshold. Otherwise an
additional Newton-Raphson step is performed. If the convergence is not reached within three iteration steps, the
time step is cut in half and the time integration starts again with the new time step. To reach convergence as fast
as possible the time step is adaptive:
∆t ≤ η Yi
dYi/dt
, (3.42)
where η is a positive constant. Moreover, we take into account only abundances that are larger than 10−10. In
addition, we demand that the thermodynamic variables, i.e., temperature and density, do not change within 5%
and the increase of the time step is not larger than a factor of two compared to the subsequent step. Furthermore,
the time step is limited by the time step of the trajectory.
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3.2.2 Matrix sparseness
For large networks, N=100–3000 matrix equations must be solved. The general solution of a dense matrix scales
with O(N3) which makes large networks computationally very expensive. In principle, every species reacts with
each of the hundreds of others, and thus leading to a dense Jacobian matrix. But the Coulomb term in the nuclear
potential (∝ ZiZ j) causes captures of free neutrons, H and He isotopes to occur much faster than fusions of heavier
nuclei. Besides, photodisintegration reactions tend to eject nucleons or alpha particles. Therefore, it is sufficient
to consider only about twelve reactions for every species linking it to its neighbors by n, p, α or γ capture and
release a different one of the four. An exception are the few heavy ion reactions where the lack of light nuclei
causes the heavy ion collisions to dominate (e.g., C and O burning stages ). Figure 3.1 illustrates the evaluation of
the Jacobian for an example network with 789 nuclei [90]. Matrix elements which are zero are colored in white.
Neutrons, protons and alpha particles are linked to almost all other nuclei. Besides, every nucleus is connected to
itself which is represented by the non-zero matrix elements on the diagonal. Since nuclei are sorted by elements
and reactions involving alpha particles link isotopic chains, the diagonal band width ∆D is approximately 4 times
the mean number of isotopes per element. The border width ∆B describes the location of the heaviest fusion
partners. The Jacobian matrix is quite sparse, i.e., large fraction of matrix elements is zero. Performing operations
on these zero elements during a calculation would be a waste of computational resources. Best results for small
matrices (i.e., N < 100) are achieved with machine optimized dense solvers (e.g., LAPACK [145]) or matrix specific
solvers generated by symbolic processing [146, 147]. For larger networks, generalized sparse solvers, e.g., Intel’s
PARDISO matrix solver [148], are used.
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Figure 3.1: Graphical illustration of the sparseness of the Jacobian matrix [90]. The filled squares represent non-zero
matrix elements.
3.2.3 Nuclear statistical equilibrium
At high enough temperatures (T ¦ 6 GK [138, 149]), the strong and electromagnetic reactions are in equilibrium.
Then, every nucleus is connected to every other by reactions which proceed in both directions. This is the so-called
nuclear statistical equilibrium (NSE). During NSE, the abundances are fully determined by the thermodynamic
conditions, i.e., temperature, density, and Ye. Since the weak interactions are not in equilibrium, we also have to
follow their history. The assumption of NSE decreases the number of independent variables which greatly reduces
the computational costs of the nucleosynthesis calculation. The NSE abundances also depend on binding energies
and partition functions. For stable and particularly for unstable nuclei, these quantities are better known than
reaction rates [150]. To derive an expression for the abundances during NSE one can either use chemicals potentials
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or detailed balance (see, e.g., Refs. [138, 151–154]). We will derive an expression for the NSE abundances using
chemical potentials. For NSE conditions, we can apply the following thermodynamic relations
µ(Z ,N) +µn = µ(Z ,N + 1), (3.43)
µ(Z ,N) +µp = µ(Z + 1,N), (3.44)
which correspond to neutron and proton captures. Let us assume a nucleus (Z ,A) which consists of Z protons
and (A− Z) neutrons, and is in equilibrium with these free nucleons. For such an equilibrium the nucleus can be
created by proton and neutron capture links, equivalent to (A−Z) neutrons + Z protons (Z ,A) and the chemical
potential of the nucleus can be described in terms of the chemical potentials of the free nucleons
µ(Z ,A) = Zµp + Nµn. (3.45)
Since nuclei and nucleons follow Boltzmann statistics, the chemical potentials can be written as
µi = mic
2 + kBT ln

ρNA
Yi
Gi

2piħh2
mikBT
3/2
. (3.46)
Inserting Eq. (3.46) into Eq. (3.45) leads to the so-called Saha equation
Y (Z ,A) = G(Z ,A) (ρNA)
A−1 A3/2
2A

2piħh2
mukBT
 3
2 (A−1)
exp [B(Z ,A)/ (kBT )]Y
A−Z
n Y
Z
p , (3.47)
with mn ≈ mp ≈ mu, m(Z ,A) ≈ Amu, and B(Z ,A) =
 
(A− Z)mnc2 + Zmpc2 −m(Z ,A)c2

. Equation (3.47) expresses
that the NSE abundance of a nucleus (Z ,A) for a given temperature and density only depends on the abundances of
the free neutrons (Yn) and protons (Yp), its binding energy B(Z ,A) and partition function G(Z ,A). When calculating
NSE abundances one has to consider two constraints: mass conservation
 ∑
i Ai · Yi = 1

and charge conservation ∑
i Zi · Yi = Ye

. Equation (3.47) indicates that high temperatures favor light nuclei, see term (kBT )
− 32 (A−1), be-
cause the Planck distribution contains more photons with high energies which photodisintegrate heavy nuclei. The
term (ρA−1) expresses that at high densities large nuclei are favored due to the more occurrent collisions. Besides,
the term exp [B(Z ,A)/ (kBT )] indicates that for intermediate conditions the formation of the most bound nuclei (Fe-
group nuclei) is favored. NSE breaks down when the slowest reactions fall out of equilibrium, i.e., T ≈ 6 GK. But,
different regions of the nuclide chart are still in equilibrium and are linked via reactions that are not in equilibrium
anymore. This is the so-called quasi-statistical equilibrium (for more information see Refs. [69, 138, 149]).
3.2.4 WINNET reaction network
Our nucleosynthesis calculations are performed with the WINNET reaction network [155, 156]. The nucleosynthe-
sis calculations start at a temperature around T ≈ 10 GK, and we assume nuclear statistical equilibrium until the
temperature drops below T = 8 GK. The weak rates are considered from the beginning of the calculations, thus
allowing Ye to evolve during the NSE phase. Neutrons and protons dominate the initial abundances and its ratio is
described by the initial Ye. We include neutrino reactions on nucleons [31], and we choose the neutrino energies
and luminosities, which are also used as network input parameters, so that they are consistent with the initial Ye
selected in our calculations (see Ref. [55] for their relationship).
We include 4412 neutron- and proton-rich nuclei as well as stable ones from H to Ir. The nuclear reaction rates
are taken from the JINA ReaclibV2.0 [157] reaction rate library. An exception are the (α, n) rates and their inverse
for all isotopes with 26 < Z < 45 in our sensitivity study (chapter 5), which are calculated with the reaction code
TALYS 1.6 [158] (see Sect. 5.2 for more details). We do not fit the (α, n) rates from TALYS following the Reaclib
prescription but interpolate them. This prevents artificial divergences in the calculated rates which can influence
our sensitivity study. The theoretical weak interaction rates are the same as in Ref. [31].
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3.3 Determination of theoretical reaction rates
For most of the nuclei involved in the wind nucleosynthesis, even stable ones, the experimental information are
scarce. In addition, experiments are usually restricted to energies which are too high for astrophysical applications.
The cross sections can not be used directly but must be extrapolated to lower energies which involves serious
difficulties. Therefore, we need reliable theoretical approaches which provide the required information, i.e., re-
action rates. In the relevant mass and energy range, the dominant reaction mechanism is the compound nucleus
formation (sometimes also referred to as statistical Hauser-Feshbach model) which will be described in Sect. 3.3.1.
The reaction codes such as TALYS [158], NON-SMOKER [159], or CIGAR [160], used to calculate theoretical re-
action rates, are all based on the compound nucleus theory. Nonetheless, they can exhibit substantial differences
due to technical differences in the methods and algorithms used to solve the Hauser-Feshbach equations, different
models and/or data bases to extract the nuclear physics inputs entering into the reaction rate calculation, and
additional reaction mechanisms going beyond the Hauser-Feshbach formalism (e.g., direct or preequilibrium rates)
are included in some reaction codes (see Ref. [48]).
3.3.1 Compound nucleus theory
The nuclear reaction between a projectile and target forming a new compound nucleus can be described by solu-
tions Ψ of the Schrödinger equation. In one dimension, the Schrödinger equation is given by
− ħh
2
2m
d2
dx2
+ V

Ψ = EΨ, (3.48)
where m is the mass of the projectile and V is the potential. The probability of a reaction can be measured by the
ratio of the incoming and outgoing flux which is also referred to as transmission coefficient T :
T =
j f
ji
=
k f |Ψ f |2
ki |Ψi |2 . (3.49)
Here, Ψi and Ψ f are the incoming and outgoing wave function, respectively, and k is the wave number. The
transmission coefficient for a charged particle with charge Zi penetrating through the Coulomb barrier of a nucleus
with charge Z j is given by
T = exp(−2piη),
η=
s
m
2E
ZiZ je
2
ħh ,
(3.50)
where η is the so-called Sommerfeld parameter. According to Eq. (3.50) the probability that a charged parti-
cle reaction occurs becomes smaller for larger charges of projectile and target, and it increases with increasing
bombarding energy.
The cross section of a nuclear reaction is related to the sum of transmission coefficients over all possible angular
momenta (see, e.g., Ref. [161])
σ =
pi
k2
∞∑
l=0
(2l + 1) Tl , (3.51)
where l is the angular momentum, ħhk and Tl are the momentum and transmission coefficients of incoming particles,
respectively. Note, that the cross section in Eq. (3.51) is not valid for the ground state of the compound nucleus.
The projectile and target create a compound nucleus at the excitation energy Q+E, with Q and E being the reaction
Q-value and center of mass energy of the projectile, respectively. The excited compound nucleus can again decay
via electromagnetic transitions into lower states of the compound nucleus (i.e., γ-decay), or particle emission into
another nucleus. For low energy projectiles, γ-transitions will dominate in most cases. Besides, s-waves (l = 0)
will dominate at low energies which leads to the following approximation of the nuclear cross section:
σ ≈ pi
k2
Tl=0, (3.52)
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with k =
p
2µE/ħh and µ being the reduced mass of the target-projectile system. With the approximated charged
particle transmission coefficient (T0 = exp(−2piη), see Eq. (3.50)), we can estimate the energy dependence for
charged particle reactions at low energies:
σ =
pi
k2
exp (−2piη) = ħh
2pi
2µE
exp (−2piη)
η=
s
µ
2E
ZiZ je
2
ħh .
(3.53)
Consequently, for l = 0, the only energy dependence is due to η and E, and the so-called astrophysical S-factor
S(E) = σE exp(2piη), (3.54)
is a constant.
Equation (3.51) has been only derived for particles without spin. Let us now consider a target j and projectile i
with spins Ii and I j which form the channel spin ~S = ~Ii+ ~I j . The channel spin can have possible values from |Ii− I j |
to Ii + I j . The total number of possible spin orientations is
|Ii+I j |∑
S=|Ii−I j |
(2S + 1) =
(2Ii + 1)(2I j + 1)
1+δi j
. (3.55)
The latter term takes into account that the wave function is symmetric if two particles are identical. The transmis-
sion coefficient describes the probability to form the compound nuclear state (E, J ,pi) at the excitation energy E,
with spin J and parity pi via all possible channel spin and angular momentum combinations. It is given by
T (E, J ,pi) =
J+S∑
l=|J−S|
Ii+I j∑
|Ii−I j |
TlS(E). (3.56)
Thus, Eq. (3.51) can be rewritten as
σ(E) =
pi
k2
(1+δi j)
(2Ii + 1)(2I j + 1)
∑
J ,pi
(2J + 1)T (E, J ,pi). (3.57)
If the compound nucleus decays into particle k and additional into nucleus l, we have to take into account the
probability of that outgoing channel k, i.e., Pk = Tk/
∑
n Tn, where n sums over all possible decay channels. If the
decay of the compound nucleus is independent of its initial channel, the cross section of these combined reactions
is given by
σi( j, k) =
pi
k2j
(1+δi j)
(2Ii + 1)(2I j + 1)
∑
J ,pi
(2J + 1)
T j(E, J ,pi)Tk(E, J ,pi)
Ttot(E, J ,pi)
. (3.58)
This cross section is usually referred to as Hauser-Feshbach formula or statistical model formula.
At low energies, individual resonances can dominate a cross section. The shapes of the individual resonances are
characterized by a Lorentz function in the Breit-Wigner resonance formula
σ( j, k) =
pi2
k2j
(1+δi j)
(2Ii + 1)(2I j + 1)
∑
n
(2Jn + 1)
Γ j,nΓk,n
(E − En)2 + (Γn/2)2 . (3.59)
The partial widths of the individual decay channels sum up to the width, Γn, of a resonant state n, i.e.,
Γn = Γ j,n + Γk,n + .... The width of a resonant state denotes the stability of the state because a level with a width
Γ can only exist for a time interval τ. The quantities Γ and τ are related by the Heisenberg uncertainty principle
Γ ≈ ħh/τ.
The statistical Hauser-Feshbach model averaging over resonances can be applied for a high level density in
the compound nucleus at the appropriate excitation energy. A high level density means that the nucleus can
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equilibrate in the classical compound nucleus picture. The only required condition is that the number of resonances
is large at the appropriate bombarding energies which allows to describe the cross section by average transmission
coefficients. The Q-value of an alpha capture reaction is usually larger than the one for a neutron or proton
capture reaction. This leads to the formation of the compound nucleus at a high excitation energy and justifies the
application of the Hauser-Feshbach formalism for alpha capture reactions that are the focus of my work. Due to
the small variation of the Q-value of an alpha capture reaction with the N/Z ratio of a nucleus, the requirements
to use the compound nucleus theory are fulfilled near stability as well as the neutron and proton drip lines.
3.3.2 Optical potentials
The averaged transmission coefficients describe the absorption of an incident particle by a nucleus via an optical
potential. The optical potential consists of two parts: one covers the elastic scattering part in the reaction, and
the other includes all competing non-elastic channels. When solving the Schrödinger equation with a complex
optical potential, one obtains a prediction of observables such as the elastic angular distribution and polarisation,
the reaction and total cross section, and for low energies the s, p-wave strength functions and the potential scat-
tering radius [158]. If the optical potential determines the nuclear reaction very well, it can reliably predict these
observables for energies and nuclei for which no measurements exist. The optical model is defined as (following
the descriptions of Ref. [48])
U(r, E) = V (r, E) + iW (r, E) + Vc(r, E), (3.60)
where V (r, E) and W (r, E) denote the real and imaginary part, respectively, and Vc(r, E) is the Coulomb potential
which is described by a uniform charged sphere of a reduced radius Rc = rcA1/3. The real term V (r, E) consists of a
volume-central potential Vv(r, E) and a spin-orbit potential Vso(r, E) given by
Vv(r, E) = − Vv(E)1+ exp ([r − Rv]/av) , (3.61)
and
Vso(r, E) = −
 ħh
mpic
2 Vso(E)
raso
exp ([r − Rso]/aso)
(1+ exp ([r − Rso]/aso))2 , (3.62)
where mpi is the pion mass. The imaginary part W (r, E) has a volume-central Wv(r, E), a spin-orbit Wso(r, E) and a
surface-central Wd(r, E) part which are
Wv(r, E) = − Wv(E)1+ exp (r − Rv)/av , (3.63)
Wso(r, E) = −
 ħh
mpic
2 Wso(E)
raso
exp (r − Rso)/aso
(1+ exp (r − Rso)/aso)2 , (3.64)
and
Wd(r, E) = 4Wd(E)
exp (r − Rd)/ad
(1+ exp (r − Rd)/ad)2 . (3.65)
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3.3.3 Alpha optical potentials
In Refs. [48, 162], it has been shown that the uncertainties arising in the theoretical calculation of (α, n) reaction
rates are mainly due to different alpha optical potentials for the temperatures relevant for the weak r-process. In
the following, we will give an overview about the different alpha optical potentials which are available in TALYS
and we use to estimate the (α, n) reaction rate uncertainty in our nucleosynthesis calculations.
• Spherical alpha optical potential
The global alpha optical potential (see, e.g., Ref. [163]) is given by the spherical proton and neutron optical
potentials [164]. The real term of Eq (3.60) is given by the following volume-central potential:
V (r, E) = −2 2
∑
i=n,p V
i
v (E/4)
1+ exp ([r − Rv]/av) . (3.66)
The imaginary part of Eq. (3.60) is composed of a volume-central Wv(r, E) and a surface-central Wd(r, E)
term:
Wv(r, E) = −
2
∑
i=n,p W
i
v (E/4)
1+ exp (r − Rv)/av , (3.67)
Wd(r, E) = 4
2
∑
i=n,p W
i
d(E/4)exp (r − Rd)/ad
(1+ exp (r − Rd)/ad)2 . (3.68)
The functions Vv(E), Wv(E), Wd(E), Vso(E) and Wso(E) are described in Eqs. (4.8)-(4.9), and Tabs. 4.1 and 4.2
of Ref. [158] for neutrons and protons, respectively. Note that TALYS uses the global alpha optical potential
as default one.
• Alpha optical potential of McFadden and Satchler
The alpha optical potential of McFadden and Satchler [165] is based on a simplified version of the optical po-
tential which only consists of a volume-central real part, Vv(r, E), an imaginary part, Wv(r, E), and a Coulomb
potential term, Vc, with rc = 1.3 fm. This alpha optical potential was obtained by adjusting the fit parameters
to elastic scattering data of 24.7 MeV alpha particles on a large sample of nuclei, and consequently is limited.
The NON-SMOKER code uses this alpha optical potential as default one.
• Alpha optical potential of Demetriou-Grama-Goriely
In the alpha optical potential of Demetriou, Grama and Goriely [166] the Coulomb term Vc(r, E) assumes a
uniform charged sphere with a reduced radius rc = 1.25 fm. The real term V (r, E) is described by
V (r, E) = λVDF(r, E), (3.69)
where λ denotes a strength parameter and the potential VDF(r, E) is calculated with the double-folding model
of Ref. [167]. The imaginary part of the potential is given by a Wood-Saxon function (see, e.g., Ref. [161]).
TALYS offers three different formulations of W (r, E). In one option, W (r, E) consists only of a central volume
term with geometrical parameters described in Eq. (17) and Tab. I of Ref. [166]), and an energy dependency
given by Eqs. (22)-(24) and Tab. I in Ref. [166]). The second option of W (r, E) is related to the first one
but with geometrical parameters described in Eq. (20) and Tab. II of Ref. [166]). The surface term has the
same energy dependence as the volume term and is derived from the same Wood-Saxon function but has
only 90% of its depth. The third option has in addition to the second one a damping function for the surface
term which describes the decrease of the surface absorption with increasing energies (see Ref. [166]).
41

4 Astrophysical uncertainties in neutron-rich winds
In the following chapter, we want to systematically study the astrophysical uncertainties in slightly neutron-rich
winds and present typical abundance patterns. Since a systematic study using trajectories from hydrodynamic
simulations is computationally very expensive and there are still uncertainties in the core-collapse supernova and
wind evolution, we rely on steady-state wind trajectories. We will give a short overview about the uncertainties
in neutrino-driven winds in Sect. 4.1. Afterwards, we will emphasize the importance of studying the impact of
astrophysical uncertainties on the nucleosynthesis (Sect. 4.2). The calculation of the steady-state trajectories will
be described in Sect. 4.3. Besides, we will compare a trajectory from a hydrodynamic simulation with a steady-
state trajectory in Sect. 4.3.2. Finally, we describe and compare the different abundance patterns obtained from
the steady-state trajectories (Sect. 4.4). Parts of the content presented in this chapter are published in Bliss et
al. (2017) [168] and Bliss et al. (2018) [169] as results of an ongoing project together with Almudena Arcones,
Fernando Montes and Jorge Pereira.
4.1 Uncertainties in the evolution of neutrino-driven winds
The neutrino cooling of the neutron star leads to the evolution of the wind and the consequent variations of
the wind parameters (electron fraction, entropy, and expansion time scale). The evolution of temperature and
density in neutrino-driven winds varies for different progenitors, explosion energies, anisotropic evolutions of the
explosion, and the ejection time after bounce (see, e.g., Refs. [36, 37, 39]). Consequently, to obtain a complete
picture of the nucleosynthesis occurring in neutrino-driven winds, one needs a large number of three-dimensional
simulations following the core-collapse supernova explosion and the subsequent neutrino-driven wind evolution
for few seconds and for different progenitors. This is from a computational point of view far from being possible.
Moreover, there are still uncertainties in the core-collapse supernova mechanism [42, 43]. In addition, neutrino
matter interactions on the surface of the neutron star [120, 126, 170], neutrino oscillations [115, 124], rotation
and magnetic fields [103, 171, 172] have an impact on the wind evolution. In the presence of the uncertainties in
the evolution of the neutrino-driven wind, we explore the impact of the wind parameters using steady-state wind
trajectories. Even if this cannot determine the integrated nucleosynthesis in the neutrino-driven wind, it helps to
understand the dependency of the abundances on the astrophysical conditions and to put constraints on the wind
parameters based on observations [121, 133] and chemical evolution [173].
4.2 Impact of wind parameters on the nucleosynthesis in neutron-rich winds
In neutron-rich winds (0.4 ® Ye ® 0.5), a weak r-process [30] can produce the lighter heavy elements, including
Sr, Y, and Zr up to (possibly) Ag [23, 119, 129, 174]. In the following, we want to emphasize why it is important
to study the impact of astrophysical uncertainties on the wind nucleosynthesis. Here, we use a trajectory from
a hydrodynamic simulation because the electron fraction, entropy, and expansion time scales cannot be varied
independently in steady-state models. We vary Ye because this is the quantity that is more uncertain from hydro-
dynamic simulations. Furthermore, a variation of entropy and expansion time scale is not fully consistent with the
simulations (for a sensitivity study to entropy and expansion time scale see, e.g., Refs. [102, 111, 119]). We use
a trajectory obtained from spherically symmetric hydrodynamic simulations of neutrino-driven winds [36]. The
trajectory is ejected 9 s after bounce and has an initial entropy of S ≈ 86 kB/nuc and an expansion time scale
of τ = 11 ms. The variations in the abundance pattern for different electron fractions are illustrated in Fig. 4.1.
For all Ye, the abundance pattern exhibits odd-even effects due to the alpha capture reactions which are the main
mechanism to reach heavier elements in neutron-rich neutrino-driven winds. Figure 4.1 indicates that the smaller
the Ye, the heavier elements are formed. For Ye = 0.45, elements up to silver are synthesized, whereas for Ye = 0.49
we do not reach heavier elements than zirconium. Note the strong decrease in the abundances beyond Z = 40 for
Ye = 0.49. The reason for this is that for an electron fraction close to Ye = 0.50 the nucleosynthesis path moves
close to or even along the valley of stability and reaches the neutron shell closure N = 50 at high atomic numbers.
There are not enough free neutrons available that the nucleosynthesis path efficiently overcomes the neutron shell
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closure and evolve further beyond. Therefore, matter accumulates around N = 50 until the nucleosynthesis path
decays back to stability. This explains the large abundances for Sr, Y, Zr, and the drop in the abundances beyond.
For smaller electron fractions, the nucleosynthesis path overcomes N = 50 at lower Z . Due to the larger amount of
free neutrons the nucleosynthesis path better overcomes the neutron shell closure, and thus heavier elements are
reached. But not only the heaviest synthesized element changes, there are also differences at lower atomic num-
bers. The elemental abundances for atomic numbers up Z=31 are largest for Ye = 0.49, whereas for 37 ≤ Z ≤ 38
we obtain the highest abundances for Ye = 0.47. Any variation of the nucleosynthesis evolution, i.e., here different
Ye, leads to different abundance patterns (see also Ref. [119]). It is interesting to understand the different patterns
for Sr, Y, and Zr since these variations are also observed in the elemental abundances of old stars [15, 24, 173, 175].
In our calculations Sr, Y, and Zr show three typical patterns (see Fig. 4.1):
1. Y (Sr)< Y (Y)< Y (Zr),
2. Y (Sr)® Y (Zr) and Y (Sr)> Y (Y),
3. Y (Sr)> Y (Y)> Y (Zr).
The third case occurs when the electron fraction is close to 0.5, then the path moves close to or even along stability
and Sr, Y, and Zr are the tail of the abundances (see above). For lower Ye, the abundances reach heavier elements
and this explains the trend of Y (Sr)® Y (Zr).
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Figure 4.1: Elemental abundances, i.e., Y (Z) =
∑
A Y (Z ,A), for a trajectory ejected 9 s after bounce and different
Ye = 0.45, 0.47, and 0.49.
4.3 Calculation of the steady-state trajectories
A fully self-consistent study of the uncertainties in the astrophysical conditions requires to analyze all possible
wind parameters. We have already explained in Sect. 4.1 that a study based on hydrodynamic trajectories from a
computational point of view is not feasible. Thus, our strategy is to explore different astrophysical conditions in
neutrino-driven winds with steady-state trajectories (see Refs. [55, 101–104, 111]). The steady state trajectories
are calculated with a code written by Maximilian Witt [176] following Ref. [102]. This code includes general
relativity corrections. The input parameters in the calculations are the mass (Mns) and the radius (Rns) of the
neutron star, and the luminosities
 
Lνe and Lν¯e

and the energies
 〈Eνe〉 and 〈Eν¯e〉 of the electron neutrinos and
antineutrinos, respectively.
The relation between the neutron star mass and radius is described by the equation of state (EoS). Commonly
used EoSs are that of Lattimer and Swesty [177] and Shen et al. [178]. The EoS is a critical and highly uncertain
microphysical input in models of core-collapse supernovae [179]. Figure 2 in Ref. [180] shows the mass-radius
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relation for typical EoSs as black curves. Depending on the EoS the mass-radius relation can strongly vary. More-
over, some combinations of neutron star mass and radius are excluded by causality, finite pressure constraints, and
general relativity (see upper left corner in Fig. 2 in Ref. [180]). We vary the neutron star mass and radius between
0.8 ≤ Mns/M ≤ 2.0 and 7.0 ≤ Rns/km ≤ 30.0, respectively, for the calculation of the steady-state trajectories.
With this variation, we cover possible neutron star masses and radii predicted by different EoS, take into account
the large uncertainties in the EoS, and consider that the neutron star shrinks when it cools down (see Fig. 13
of Ref. [181] and Figs. 1-2 of Ref. [182]). For comparison, Ref. [102] modified the neutron star mass between
Mns = 1.2− 2.0 M and kept the neutron star radius constant at Rns = 10.0 km, and Ref. [103] varied the neutron
star mass and radius between Mns = 1.4− 2.0 M and Rns = 10.0− 20.3 km, respectively.
The energies and luminosities of the neutrinos and antineutrinos determine the electron fraction. In charge
equilibrium the electron fraction is equal to the proton to nucleon ratio
Ye =
Yp
Yp + Yn
=
1
1+ YnYp
. (4.1)
The variation of the proton and neutron abundances with time are given by
Y˙p = −λν¯eYp +λνeYn, (4.2)
Y˙n = +λν¯eYp −λνeYn. (4.3)
In case of a weak equilibrium, i.e., an equilibrium of neutron and proton production due to these weak interaction
reactions, we have Y˙p = Y˙n = 0. This leads to
Yn
Yp
=
λν¯e
λνe
(4.4)
and we can rewrite Eq. (4.1) as
Ye =
1
1+
λν¯e
λνe
. (4.5)
The (anti)neutrino capture rates are given by [113, 125]
λνe '
Lνe
4pir2〈Eνe〉
〈σνe〉, (4.6)
λν¯e '
Lν¯e
4pir2〈Eν¯e〉
〈σν¯e〉, (4.7)
where 〈σνe〉 and 〈σν¯e〉 are the cross sections of the neutrinos and antineutrinos, respectively, and r is the distance
from the neutron star. Inserting Eqs. (4.6)–(4.7) into Eq. (4.5) leads to
Ye =
1
1+
〈σν¯e 〉〈σνe 〉 ·
Lν¯e
Lνe
· 〈Eνe 〉〈Eν¯e 〉
. (4.8)
The (anti) neutrino cross section depends on the (anti)neutrino temperature, and thus on the (anti)neutrino energy
〈Eνe,ν¯e〉. Consequently, the electron fraction and the (anti)neutrino luminosity and energy are not independent.
For a systematic study of the steady-state trajectories, we keep the energy and luminosity of the electron neutrinos
constant, i.e., 〈Eνe〉 = 16.66 MeV and Lνe = 2 · 1051 ergs/s, and adapt the corresponding 〈Eν¯e〉 and Lν¯e to cover
typical electron fractions in neutron-rich winds between 0.40 ≤ Ye ≤ 0.49 (Refs. [102] and [103] considered
electron fractions between Ye = 0.43−0.46 and Ye = 0.45−0.495, respectively). If we assume equal (anti)neutrino
number luminosities, i.e., Lνe/〈Eνe〉 = Lν¯e/〈Eν¯e〉, 〈Eν¯e〉 is determined through Eq. (4.8), and thus Lν¯e is ultimately
defined through the assumption of equal (anti)neutrino number luminosities. Hence, we can systematically change
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the steady state trajectories. Note that other choices for 〈Eνe〉 and Lνe do not significantly change the evolution of
the steady-state trajectories.
Figure 4.2 illustrates the temperature (left panel) and density (right panel) evolution of the steady-state trajec-
tories calculated with a neutron star radius and mass of Rns = 30 km, Mns = 0.8 M indicated by red lines and
Rns = 9 km, Mns = 2.0 M illustrated by blue lines, for Ye = 0.40−0.49. For the same Rns and Mns, smaller electron
fractions lead to lower temperatures and densities. There exist no other combinations of Rns and Mns in the con-
sidered parameter space which lead to higher or lower temperatures and densities. Note that some combinations
of small Rns and high Mns are excluded by causality (see Fig. 2 in Ref. [180]). The general behavior is that smaller
neutron star radii and higher neutron star masses lead to lower temperatures and densities. When we vary the
neutron star radius and mass between 7 ≤ Rns/km ≤ 30 and 0.8 ≤ Mns/M ≤ 2.0, we obtain steady-state trajec-
tories with temperature and density evolutions in the space between the red and blue band in Fig. 4.2. Therefore,
we cover a wide range of entropies and expansion time scales which may occur in wind simulations. Note that
different steady-state trajectories have different temperature (density) gradients. If a combination of Rns and Mns
is not excluded by causality, we only obtain subsonic solutions of the wind equations (see blue line in Fig. 2.6). For
even smaller Rns or higher Mns, if the combination is not excluded, M˙ < M˙crit and we obtain breeze solutions (see
green lines in Fig. 2.6) of the wind equations. On the contrary, for even larger Rns and/or smaller Mns, M˙ > M˙crit
and we get mathematical solutions without a physical meaning (see gray lines in Fig. 2.6).
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Figure 4.2: Overview of temperature (left panel) and density evolution (right panel) of the steady-state trajectories
calculated with Rns = 30 km, Mns = 0.8 M (red lines) and Rns = 9.0 km, Mns = 2.0 M (blue lines) for
0.40≤ Ye ≤ 0.49. The spread of the blue and the red lines is due to the different electron fractions.
4.3.1 Impact of parameters in the steady-state model on wind entropy and expansion time scale
The impact of the different input parameters in the steady-state model, i.e., Mns, Rns, Lν¯, on the wind entropy
and expansion time scale are illustrated in Fig. 4.3 (for comparison, see also Refs. [102, 103]). In our reference
case, the neutron star mass and radius are Mns = 1.4 M and Rns = 10 km, respectively, and the antineutrino
luminosity is Lν¯e = 2.82 · 1051 ergs/s (i.e., Ye = 0.45). We vary one of the three parameters and keep the other
two constant. The figure shows that the entropy increases (left panel in first row) and the expansion time scale
decreases (right panel in first row) as the neutron star mass increases. Moreover, larger neutron star radii lead
to smaller entropies (left panel in second row) and longer expansion time scales (right panel in second row). A
more compact proto-neutron star, i.e., more massive and/or smaller radius, ejects slightly less material due to
the larger binding (M/R), and provides higher entropies but longer expansion time scales [101, 104]. This is
in agreement with the relation between ejected mass M˙ , entropy S and expansion time scale τ and the neutron
star mass and radius, M˙ ∝ R5/3ns M−2ns , S ∝ R−2/3ns Mns and τ∝ Rns, of Ref. [55] for a fixed neutrino energy and
luminosity in the Newtonian limit. Note that in the Newtonian limit the expansion time scale increases as the mass
increases, whereas if general relativity effects are considered, the expansion time scale decreases. The dependence
of the entropy and the expansion time scale on the neutron star mass and radius is stronger if general relativity
corrections are included (see Refs. [101–104]). The reason for this are the two prefactors on the right-hand side
of Eqs. (28, 33, 35) in Ref. [102] which are enlarged by a stronger gravitational force M/r2 with larger masses
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and/or shorter radii. Both, wind entropy (left panel in third row) and expansion time scale (right panel in third
row) decrease when the antineutrino luminosity is increased. Larger neutrino luminosities cause a higher mass
outflow rate M˙ due to the more efficient neutrino heating [102]. As a consequence of the more efficient neutrino
heating, both the baryon density and the fluid velocity increase. The increase of the baryon density leads to
a decrease of the entropy (S ∝ T 3/ρ), and the expansion time scale becomes shorter when the fluid velocity
increases (τ= r/v |T=0.5 MeV).
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Figure 4.3: Impact of the mass (Mns) and the radius (Rns) of the neutron star, and the electron antineutrino lu-
minosity (Lν¯e) on the entropy and expansion time scale. The electron antineutrino luminosities of
Lν¯e/(10
51 ergs/s)= 3.16, 3.08, 3.01, 2.94, 2.88, 2.82, 2.76, 2.71, 2.65, and 2.60 correspond to the elec-
tron fractions Ye =0.40, 0.41, 0.42, 0.43, 0.44, 0.45, 0.46, 0.47, 0.48, and 0.49.
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4.3.2 Comparison of a trajectory from a hydrodynamic simulation with a steady-state trajectory
Figure 4.4 shows how well a trajectory from a hydrodynamic simulation can be represented by a steady-state
trajectory. The hydrodynamic trajectory is from the explosion model M15l1r1 (see Ref. [36] for more details) and
is ejected 9 s after bounce. The steady-state trajectory describes the trajectory from the simulation very well until
the reverse shock occurs at t ≈ 0.24 s. Several hydrodynamic simulations showed that the neutrino-driven wind
expands through the early slow-expanding supernova ejecta [36, 37, 39, 135–137]. If the wind becomes supersonic,
the collision of both leads to a reverse shock or wind termination. During the collision, kinetic energy is transformed
into internal energy resulting in an increase of temperature and density, and thus raise the entropy and decrease
the expansion time scale. If the wind becomes subsonic, the wind velocity naturally decreases [102, 104]. The
interaction of the slow-moving supernova ejecta with the wind is not a steady-state phenomenon. In steady-state
models the neutrino-driven wind expands freely. Consequently, hydrodynamic simulations are necessary to study
the wind in a consistent way.
The radius of the reverse shock depends on the mass outflow and the velocity of the wind, and on the pressure
of the slow-expanding supernova ejecta [36]. Besides, the pressure of the supernova ejecta is correlated with the
explosion energy and the shock radius [36]. Moreover, convection and anisotropies have a strong impact on the
pressure of the supernova ejecta, and thus influence the radius of the reverse shock [37].
However, the main impact of the reverse shock is an increase of temperature and density which can be calculated
with the Rankine-Hugoniot conditions (see, e.g., Appendix B in Ref. [45]). The evolution of the density after the
shock can be determined from the condition that the mass outflow rate (M˙ = 4pir2vρ) is constant. Nonetheless,
due to different possible velocity evolutions, the density is not clearly defined. References [183–185] investigated
the impact of the reverse shock on the nucleosynthesis assuming that the r-process occurs in the wind. Moreover,
Refs. [133, 134] found that the reverse shock can influence the nucleosynthesis in the νp-process. Due to the uncer-
tainties in the analytical description of the reverse shock, our strategy is to extrapolate the steady-state trajectory,
assuming an adiabatic expansion, i.e., constant entropy.
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Figure 4.4: Comparison of a trajectory from a hydrodynamical simulation (green line) and a steady-state trajectory
(purple line). The hydrodynamical trajectory is from the explosion model M15l1r1 [36] and is ejected 9 s
after bounce.
4.4 Types of nucleosynthesis in neutron-rich winds
We have calculated the nucleosynthesis for 2696 steady-state trajectories. In the final abundances we distinguish
between four different nucleosynthesis patterns. These four nucleosynthesis groups are identified by the Yn/Yseed
1
and the Yα/Yseed at T ≈ 3 GK, following a similar strategy as in Ref. [40]. The different neutron, alpha, and seed
1 Here, the seed abundance Yseed is defined as the sum of the abundances of all nuclei heavier than helium.
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abundances lead to different nucleosynthesis evolutions, and thus to different (final) abundance patterns. Fur-
thermore, for each group, there are different threshold temperatures below which the subsequent nucleosynthesis
evolution does not significantly change the abundance pattern. Two abundance patterns are mainly formed during
NSE (we will call them NSE1 and NSE2), and the other two are influenced by charged particle reactions (we will
refer to them as CPR1 and CPR2). Some steady-state trajectories lead to the formation of elements beyond the
second r-process peak, but these cannot be produced in the wind at the current understanding. Therefore, we will
not describe them in detail. Note that the nucleosynthesis evolution for steady-state trajectories assigned to the
same nucleosynthesis pattern are not identical for each trajectory but the trends are similar. The conditions inves-
tigated here are also reached even if the neutrino-driven wind does not form and matter is subsonically ejected
while exposed to neutrinos. In the following, we will describe the four different nucleosynthesis groups.
4.4.1 NSE1
At T = 3 GK, for Yn/Yseed and Yα/Yseed smaller than 10−2 and 10−1, respectively, we find the abundance pat-
tern NSE1. 178 steady-state trajectories lead to this abundance pattern. The initial entropies of these steady-
state trajectories are rather low (15 kB/nuc ® S ® 40 kB/nuc), and the expansion time scales are rather long
(80 ms ® τ® 230 ms). We find this abundance pattern for Ye = 0.40− 0.44. In NSE1, the initial nucleosynthesis
evolution is characterized by the sequence of three-body reactions α(αn,γ)9Be and 9Be(α,γ), which bypass the
3-α reaction bottleneck [28]. This group is similar to the one identified by Ref. [40] as NSE. Following the nuc-
leosynthesis evolution, around T = 6 GK, matter has moved up to the Ca-Zn region, and the nucleosynthesis path
evolves close to stability on the neutron-rich side due to the small Yn/Y seed. When the temperature drops down
to T ≈ 5 GK matter has reached Z ∼ 40 and the most abundant elements are Fe and Ni (left panel in Fig. 4.5).
Between T ≈ 5 − 4 GK, there is only a redistribution of matter by few charged particle reactions. The nucleo-
synthesis path cannot overcome the neutron shell closure N = 50 because of the small amount of free neutrons and
alpha particles, and thus matter accumulates there. Consequently, the major abundance peaks are already formed
around T ≈ 5 GK at the end of NSE, and the subsequent evolution does not significantly change the abundance
pattern (middle and right panel in Fig. 4.9, see also Ref. [40]). Note the gap in the abundances between Z = 3−19
due to the small alpha abundance. The low entropies and the long expansion time scales prevent the existence of
larger amounts of free nucleons and alpha particles. At T ≈ 3.5 GK almost no free neutrons and alpha particles are
available. During the decay, the abundance pattern slightly changes. Since the major abundance peaks are already
formed at the end of NSE, the abundances are mainly determined by binding energies and partition functions, and
are less dependent on specific reactions. For stable nuclei and particularly for unstable nuclei, binding energies and
partition functions are better known than reaction rates [150]. Figure 4.6 illustrates the final abundance pattern
that exhibits characteristic Ni (not for all trajectories), Zn, and Kr peaks. Elements heavier than Z ≈ 38 are not
synthesized.
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Figure 4.5: Abundance pattern NSE1 at T = 5 GK, 3 GK, and 2 GK. The electron fractions, the entropies,
and the expansion time scales of the steady-state trajectories vary between: 0.40 ≤ Ye ≤ 0.44,
15 kB/nuc® S ® 40 kB/nuc, and 80 ms ® τ® 230 ms.
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Figure 4.6: Abundance pattern NSE1 after final decay.
4.4.2 NSE2
We find the abundance pattern NSE2 for Yn/Yseed < 10
−8 and Yα/Yseed > 10−2 at T = 3 GK. This criterion is fulfilled
by 436 steady-state trajectories. The entropies, the expansion time scales, and the electron fractions of these steady-
state trajectories range between S ≈ 15− 85 kB/nuc, τ≈ 50− 230 ms, and Ye = 0.46− 0.49. In comparison to the
nucleosynthesis group NSE1, the upper entropy limit is larger and the lower expansion time scale limit is smaller.
Figure 4.7 shows the abundance pattern at T = 5, 3, and 2 GK. At T ≈ 5 GK (left panel in Fig. 4.7) most of the
matter is accumulated between Z = 22−28. The most abundant elements are Fe and Ni. Only a few free neutrons
are left, and thus the nucleosynthesis path moves away from the valley of stability by (p,γ) and (p,n) reactions
and evolves on the proton-rich side (Z = N). Around T ≈ 4 GK, matter is shifted from Fe to Ni by (p,γ) and
(p,n) reactions but the inverse reactions also occur. For temperatures between T ≈ 4− 3 GK, the nucleosynthesis
path reaches Zn, and for some steady-state trajectories even goes beyond (middle panel in Fig. 4.7). Around
T ≈ 3.3 GK, (α, p) reactions also occur but they do not significantly contribute to the nucleosynthesis evolution.
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Figure 4.7: Abundance pattern NSE2 at T = 5 GK, 3 GK, and 2 GK. The electron fractions, the entropies,
and the expansion time scales of the steady-state trajectories range between 0.46 ≤ Ye ≤ 0.49,
15 kB/nuc® S ® 85 kB/nuc, and 50 ms ® τ® 230 ms.
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Nickel and zinc act as bottlenecks in the nucleosynthesis evolution, and thus are the most abundant elements.
When the temperature drops down to 2 GK (right panel in Fig. 4.7), there is only a redistribution of matter, and
the abundances for 6 ≤ Z ≤ 27 increase due to the starting decay from the proton-rich side of stability. The
final abundances after decay are illustrated in Fig. 4.8. The final NSE2 pattern exhibits a characteristic abundance
peak at Z = 28 and for some trajectories also at Z = 26 and/or Z = 30. Elements heavier than zinc are only
formed for Yn/Yseed > 10
−9. Although the entropies and the expansion time scales of the steady-state trajectories
investigated here are slightly larger and slightly shorter, respectively, compared to the ones of the trajectories
assigned to the group NSE1, heavier elements are not synthesized. Hence, the impact of the electron fraction on
the nucleosynthesis is more crucial.
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Figure 4.8: Abundance pattern NSE2 after final decay.
4.4.3 CPR1
The conditions leading to the abundance pattern CPR1 are: 10−8 ® Yn/Yseed < 1.5 · 10−5 and Yα/Yseed > 10−2 at
T = 3 GK. The entropies and the expansion time scales of the steady-state trajectories (a total of 1022 steady-state
trajectories are assigned to the nucleosynthesis group CPR1) span between 15 kB/nuc ® S ® 135 kB/nuc and
35 ms ® τ ® 230 ms, respectively. The electron fractions range between 0.40 ≤ Ye ≤ 0.49. When the temperature
drops down to T ≈ 6 GK, the nucleosynthesis path evolves by (α, n) and (p,n) reactions on the neutron-rich side
of stability and has already reached the Ca-Zn region. At T ≈ 5 GK, matter has reached nuclei around Z = 39
(left panel in Fig. 4.9). Most abundant are Fe, Ni, and nuclei at N = 50. Some (α, n) and (p, n) are frozen out.
When the temperature decreases to T ≈ 4 GK, matter is redistributed by (p,n) and (p,γ) reactions. Most abundant
are Fe, Co, Ni, Cu, Zn, and nuclei at N = 50. At T = 3 GK more matter has accumulated at N = 50 but the
nucleosynthesis path does not go beyond (middle panel in Fig. 4.9). Even if the neutron abundance is larger
compared to the nucleosynthesis groups NSE1 and NSE2, resulting in a nucleosynthesis path further away from
the valley of stability on the neutron-rich side, the alpha abundance is not large enough to overcome the negative
Q-values of (α, n) reactions for nuclei close to stability at N = 50 (see Fig 4.10). For lower temperatures, there
is only a redistribution of matter (right panel in Fig. 4.9) and decay to stability. The abundances for Z = 6− 20
are a result of alpha capture reactions due to the larger alpha abundance. The final abundance distribution of the
nucleosynthesis group CPR1 is presented in Fig. 4.11. The overall abundance pattern has distinctive peaks at Ni,
Zn, and Sr. For some steady-state trajectories, there is also an abundance peak at Kr. Heavier elements than Zr are
not formed due to the small Yα/Yseed and the negative Q-values of some (α, n) reactions at N = 50. Thus, the final
abundance are mainly determined by the Q-values of (α, n) reactions at N = 50 (see also Refs. [33, 40, 186]). The
nucleosynthesis group CPR1 describes the transition from the groups NSE1 or NSE2 to the group CPR2.
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Figure 4.9: Abundance pattern CPR1 at T = 5 GK, 3 GK, and 2 GK. The electron fractions, the entropies, and the ex-
pansion time scales of the steady-state trajectories are: 0.40 ≤ Ye ≤ 0.49, 15 kB/nuc® S ® 135 kB/nuc,
and 35 ms ® τ® 230 ms.
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Figure 4.10: Q-value of (α, n) reactions. The black dots denote stable nuclei and the black box indicates the neutron
magic number N = 50. Q-values smaller than -5 MeV are shown in white.
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Figure 4.11: Abundance pattern CPR1 after final decay.
4.4.4 CPR2
We find the nucleosynthesis group CPR2 for 1.5 ·10−5 ® Yn/Yseed ® 20 and Yα/Yseed ¦ 10−2. The electron fractions,
the entropies, and the expansion time scales of the 1060 steady-state trajectories vary between: Ye ≈ 0.40− 0.49,
S ≈ 30 − 220 kB/nuc, and τ ≈ 25 − 230 ms. Note that compared to the other nucleosynthesis groups described
in Sects. 4.4.1–4.4.3 the lower limit of the entropy is higher. Following the nucleosynthesis evolution of the group
CPR2, around T ≈ 6 GK the nucleosynthesis path proceeds close to stability by alpha capture reactions and espe-
cially (α, n) reactions. Most of the matter is accumulated between Z ≈ 20− 30. When the temperature decreases
to T ≈ 5 GK, the path has reached Kr and moves away from the valley of stability (left panel in Fig. 4.12). The
most abundant nuclei are at the neutron shell closure N = 50 or close to. At T ≈ 4 GK, there are no free protons
left. Between T ≈ 4 − 3 GK, the alpha and the neutron abundance are large enough to overcome the negative
Q-value of (α, n) reactions for nuclei close to stability at N = 50, and the nucleosynthesis path reaches Mo. The
most abundant elements are Kr, Rb, and Sr (see middle panel in Fig. 4.12). However, the abundance pattern
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Figure 4.12: Abundance pattern CPR2 at different temperatures, i.e., T = 5 GK, 3 GK, and 2 GK. The electron frac-
tion, the entropy, and the expansion timescale range between Ye ≈ 0.40− 0.49, S ≈ 30− 220 kB/nuc,
and τ≈ 25− 230 ms.
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Figure 4.13: Abundance pattern CPR2 after final decay.
varies for different steady-state trajectories (i.e., different Yn/Yseed and Yα/Yseed). Remarkable are the substantial
changes in the overall abundance pattern when the temperature decreases from 5 GK to 3 GK. Consequently, nu-
clear physics uncertainties can influence the nucleosynthesis evolution, and the abundances are not determined by
binding energies or Q-values. We will focus on the impact of nuclear physics uncertainties on the abundances in
Chapter 5. At T = 2 GK, the most abundant elements do not change (right panel in Fig. 4.12) and the abundances
are redistributed within isotopic chains. The final abundances after decay are shown in Fig. 4.13. The overall
abundance pattern exhibits peaks at Kr (differently pronounced for different steady-state trajectories) and Zr. We
find different patterns for Rb, Sr, and Y. This can be relevant when comparing the abundances of Sr and Y with
the observations of old stars (see Sect. 4.2). In comparison to the other nucleosynthesis groups, heavier elements
are synthesized during the decay (see Figs. 4.6, 4.8, 4.11). In addition, the heaviest elements vary for different
steady-state trajectories, and thus depend on Yα/Yseed and Yn/Yseed.
4.4.5 Comparison between different nucleosynthesis types
In Sects. 4.4.1–4.4.4 we have shown that the abundance patterns are sensitive to Yn/Yseed and Yα/Yseed. Besides,
Yn/Yseed and Yα/Yseed depend on electron fraction, entropy, and expansion time scale (see Sect. 2.5). According to
Eq. (20b) in Ref. [111], electron fraction, entropy, and expansion time scale are related by
S∝ Ye
τ
s
1/3
, (4.9)
for Ye > 0.38. This means that the same neutron-to-seed ratio can be achieved for the same initial electron fraction
and several combinations of entropy and expansion time scale if the ratio S3/τ is the same. Figure 4.14 illustrates
the four different types of nucleosynthesis (indicated by the same colors as in Sects. 4.4.1–4.4.4) in the S3/τ− Ye
plane. Each dot represents one steady-state trajectory. The nucleosynthesis patterns are basically separated, there
is only some overlap at the transitions between two groups. The reason for this is that the classification of each
abundance pattern into one nucleosynthesis group based on Yn/Yseed and Yα/Yseed does not exactly work for all
steady-state trajectories. As Ye increases from 0.40 to 0.44, the nucleosynthesis group NSE1 (CPR1) is spread over
a shorter (longer) S3/τ range. Besides, the transition from the nucleosynthesis group NSE1 to CPR1 becomes
sharper as Ye decreases from 0.44 to 0.40. In general, the lower the electron fraction, the larger is the S
3/τ range
where CPR2 occurs. For Ye = 0.45, we only find the nucleosynthesis groups CPR1 and CPR2. As Ye increases from
0.46 to 0.49, the nucleosynthesis group NSE2 (CPR2) spreads over a longer (shorter) S3/τ range. Therefore, the
larger the electron fraction, the higher entropies and/or expansion time scales are required to obtain an abundance
pattern assigned to the nucleosynthesis group CPR2.
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Figure 4.14: Different nucleosynthesis groups in the S3/τ− Ye plane. We apply the same color code to distinguish
between the different groups as in Sects. 4.4.1–4.4.4.
If the electron fraction, entropy, and expansion time scale in the hydrodynamic simulation are known, Fig. 4.14
combined with the results discussed in Sects. 4.4.1–4.4.4 can roughly predict the nucleosynthesis evolution and
the final abundance pattern without running post-processing nucleosynthesis calculations. This can be very useful
when large amounts of trajectories have to be post-processed to get an overview about the synthesized elements.
Note that the conditions investigated here are similar to those of supernova ejecta exposed to neutrinos and are
reached even if the neutrino-driven wind does not form.
Figure 4.15 illustrates the different nucleosynthesis patterns we have described in Sect. 4.4 in the
Yα/Yseed − Yn/Yseed plane. Note that post-processing calculations are required to identify the different nucleosynthe-
sis groups based on the Yα/Yseed and Yn/Yseed. We apply again the same color code as in Sect. 4.4. Furthermore, we
include Yα/Yseed and Yn/Yseed which lead to the formation of elements beyond the second r-process peak. We also
consider nucleosynthesis patterns for electron fractions between 0.25≤ Ye ≤ 0.39. Each chain represents a constant
electron fraction in Fig. 4.15. For the calculation of the additional steady-state trajectories with Ye = 0.25− 0.39,
we also vary the neutron star mass and radius between 0.8 ≤ M/M ≤ 2.0 and 7 ≤ Rns/km ≤ 30, respectively.
The black solid and dashed lines mark the constraints of the neutron star masses and radii used in the steady-state
model on Yα/Yseed and Yn/Yseed. The dashed line corresponds to Mns = 0.8 M and Rns = 30 km, and the solid
one to Mns = 2.0 M and Rns = 9 km. As we have already mentioned in Sect. 4.3, even smaller Mns and larger
Rns lead to mathematical solutions of the wind equations without a physical meaning. Thus, we cannot access the
lower left site of the Yα/Yseed − Yn/Yseed plane. On the contrary, for even larger masses and smaller radii we obtain
breeze solutions. For breeze solutions the velocity does not attain the critical sound speed. However, most of the
combinations of higher masses and smaller radii are excluded by causality (see Fig. 2 in Ref. [180]). Therefore, the
upper right site of the Yα/Yseed − Yn/Yseed plane is also not attainable. The dots on the right-hand site of the solid
black line are related to trajectories where the temperature and density evolutions initially drop fast, resulting in a
large Yα/Yseed and Yn/Yseed at T = 3 GK which are not representative for the nucleosynthesis of these trajectories.
The upper left (lower right) side of the Yα/Yseed − Yn/Yseed plane can be reached by decreasing (increasing) the
electron fraction.
For Rmax and Mmin, Yα/Yseed decreases and Yn/Yseed increases as Ye decreases. We find the same behavior for Rmin
and Mmax but it is weakly pronounced. Remarkable is the distribution of Yα/Yseed and Yn/Yseed due to the different
electron fractions. This indicates that rather Ye than entropy and expansion time scale influences the neutron-
to-seed ratio. For Ye = 0.46− 0.49 and low Yn/Yseed and Yα/Yseed, the nucleosynthesis mainly proceeds by proton
capture reactions along the valley of stability and on the proton-rich side (NSE2). The nucleosynthesis ends around
Z ∼ 26− 30 when no further nuclei can be synthesized by proton captures. The NSE2 abundance pattern evolves
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Figure 4.15: Different nucleosynthesis patterns in the Yα/Yseed − Yn/Yseed plane. The colors describing the different
nucleosynthesis groups are the same as in Sects. 4.4.1–4.4.4. The black solid and dashed lines mark the
constraints of the neutron star masses and radii used in the steady-state model on Yα/Yseed and Yn/Yseed.
The dashed (solid) line corresponds to Mns = 0.8 M (Mns = 2.0 M) and Rns = 30 km (Rns = 9 km).
Each chain represents a constant Ye. The black square marks the deviation of the dashed black line for
Ye < 0.38.
to pattern CPR1 when neutrons and alphas become more abundant at the expense of the proton abundance. For
larger Ye the transition from NSE2 to CPR1 occurs at larger Yα/Yseed and Yn/Yseed. Due to the larger amount of free
neutrons and protons (CPR1) matter moves away from the valley of stability on the neutron-rich side and heavier
nuclei up to Z ∼ 40 are formed (see Fig. 4.11). For further increasing Yn/Yseed and slightly increasing Yα/Yseed,
the nucleosynthesis path overcomes the neutron shell closure N = 50 and elements up to Z ∼ 54 are synthesized
(CPR2). The abundances assigned to group CPR2 are very sensitive to Yα/Yseed and Yn/Yseed and slight variations
of these quantities lead to different abundance patterns (see Fig. 4.13). Indeed, not only the heaviest element
changes but also the abundances of elements with lower atomic numbers are different. Figure 4.15 indicates that
once a sufficient amount of Yα/Yseed exists the nucleosynthesis evolution only depends on Yn/Yseed. Note that the
same Yα/Yseed and Yn/Yseed do not necessarily lead to the same abundance pattern. The reason for this is that
Yn/Yseed and Yα/Yseed are calculated at T = 3 GK but the temperature evolution before and after has also an impact
on the nucleosynthesis evolution. However, the larger Yα/Yseed and Yn/Yseed, the heavier elements are synthesized
(see Sect. 4.2). For even larger Yn/Yseed, elements beyond the second r-process peak, A ∼ 130, are formed (r2,
see middle panel in Fig. 4.16). These elements are rather produced by neutron capture reactions than by alpha
capture reactions. The conditions in neutrino-driven winds from core-collapse supernovae are not extreme enough
to attain such high Yn/Yseed ∼ 100. The abundance patterns are similar to the ones of neutrino-driven winds
from neutron star mergers for 0.25 ≤ Ye ≤ 0.40 and low entropies between S ∼ 14− 23 kB/nuc, see upper right
and lower left panels in Figs. 5–7 in Ref. [187]. It is remarkable that elements up to the third r-process peak,
A ∼ 195, can be synthesized for Ye = 0.46 − 0.49 if Yn/Yseed is large enough (r3, see right panel in Fig. 4.16).
Consequently, the neutrino-driven wind could be a host for the r-process for only slightly neutron-rich conditions
if the entropy is high enough and/or the expansion time scale is short enough as it was extensively discussed in,
e.g., Refs. [74, 111, 118]. For Ye = 0.45, the lowest Yα/Yseed leads to pattern CPR1. As for Ye = 0.46− 0.49, we
also find the transition from the nucleosynthesis pattern CPR1 to CPR2, to r2, and to r3 with slightly increasing
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Figure 4.16: Abundance patterns r1 (left panel), r2 (middle panel), and r3 (right panel) after final decay.
Yα/Yseed and further increasing Yn/Yseed. The transition between the different nucleosynthesis patterns occurs for
a smaller Yα/Yseed compared to Ye = 0.46 − 0.49. For Ye = 0.38 − 0.44, the smallest Yα/Yseed and Yn/Yseed lead
to pattern NSE1. The nucleosynthesis path proceeds close the valley of stability on the neutron-rich side where
matter can reach heavier elements only by charged particle reactions because of the long beta decay time scales.
Due to the small Yα/Yseed, the alphas are already consumed during the NSE phase, and thus no elements heavier
than Z ∼ 40 are synthesized. With increasing Yα/Yseed, the NSE1 abundance pattern evolves to CPR1. Note that
for a given Ye, the nucleosynthesis groups NSE1 and NSE2 are mutually exclusive. In case of group NSE1 the main
mechanism to drive matter towards heavier nuclei are alpha capture reactions, whereas in case of group NSE2 the
nucleosynthesis is driven by proton capture reactions. Whether alphas or protons are more abundant depends on
the electron fraction. Interesting is the deviation of the dashed black line for Ye < 0.38 which is indicated by the
black square in Fig. 4.15. An explanation for this could be that the relation between the wind parameters described
in Eq. (20b) in Ref. [111] is not valid for Ye < 0.38. For Ye < 0.38, the electron fraction, the entropy, and expansion
time scale are connected by (Eq. (20a) in Ref. [111]):
S∝

1− 2Ye
[0.33/ (Ye − 0.17)]2 − (1/2Ye)2
τ
s
1/3
. (4.10)
The first term leads to a change in the relation between the wind parameters which transfers into Yα/Yseed and
Yn/Yseed. If Ye < 0.38, elements up to A∼ 130 (second r-process peak) are synthesized for the lowest Yn/Yseed and
Yα/Yseed (r1). The abundance patterns are similar to the ones of neutrino-driven winds from neutron star mergers
for electron fractions between 0.25 ≤ Ye ≤ 0.40 and entropies between S ∼ 20− 27 kB/nuc, see upper left panels
in Figs. 5-7 in Ref. [187]. Therefore, the steady-state model can be also used to describe neutrino-driven winds
from neutron star mergers. Due to the small Yα/Yseed, the abundance pattern does not exhibit fingerprints of alpha
capture reactions, i.e., abundances for A∼ 10− 50. The nucleosynthesis pattern r1 evolves to r2 and then to r3 as
Yn/Yseed and Yα/Yseed increase. Note that there are no smooth transitions between the abundance patterns r1, r2,
and r3.
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5 Nuclear physics uncertainties in neutron-rich
winds
In the following chapter, we want to investigate the impact of nuclear physics uncertainties on the nucleosynthesis
in neutron-rich winds. Therefore, we study the nucleosynthesis evolution in neutron-rich winds and inspect which
are the main contributing reactions (Sect. 5.1). Afterwards, we discuss and estimate the nuclear physics uncer-
tainties of (α, n) reactions (Sect. 5.2), which mainly move matter towards heavier nuclei in neutron-rich winds.
Based on this, in Sect. 5.3, we examine the impact of (α, n) reaction rate uncertainties on the abundances. To
identify individual critical (α, n) reactions, we perform a Monte Carlo sensitivity study (Sect. 5.4). The results of
the Monte Carlo studies for different astrophysical conditions are presented in Sects. 5.5–5.7. Finally, we combine
astrophysical uncertainties and nuclear physics uncertainties and compare to abundance observations of very old
stars (Sect. 5.8). The results presented in this chapter are based on an ongoing project together with Almudena
Arcones, Fernando Montes and Jorge Pereira. Part of the content presented in this chapter is published in Bliss et
al. (2017) [168].
5.1 Nucleosynthesis evolution in neutron-rich winds
The nucleosynthesis evolution in neutron-rich winds has been extensively discussed especially for the r-process
[74, 111, 118], but also for the weak r-process [45, 119, 121]. Even though both processes consist of neutron
captures away from stability, the conditions are significantly different: in the weak r-process the neutron-to-seed
ratio is very small, Yn/Yseed ® 20 (see Sects. 4.4.1-4.4.4), compared to the r-process Yn/Yseed > 100. This results in
an evolution close to or even along stability for the weak r-process and thus much longer beta decays of the nuclei
involved. This is a critical point since beta decays are much slower than the expansion time scale and therefore
cannot be the main mechanism to move matter towards higher proton number Z , as in the r-process.
For completeness, we summarize the nucleosynthesis evolution of the weak r-process using a trajectory obtained
from spherically symmetric hydrodynamic simulations of neutrino-driven winds [36]. We choose the trajectory
ejected 9 s after bounce and an electron fraction Ye = 0.47, keeping the entropy (S ≈ 86 kB/nuc) and expansion
time scale (τ ≈ 11 ms) as given by the simulation. After the initial NSE phase, various reactions fall out of
equilibrium and become important for the final redistribution of matter. Since the wind expansion is faster than
beta decays, charged particle reactions are the ones moving matter towards higher Z; these reactions include:
(α,γ), (α, n) 1, (p,γ), and (p,n).
In order to analyze this important phase of the weak r-process, one can look at the reaction flows. The flow
between two nuclei i and j is defined as
Fi j ≡ Y˙ (i→ j)− Y˙ ( j→ i), (5.1)
where Y˙ (i → j) describes the change in abundance of nucleus i due to all reactions connecting nucleus i with
nucleus j. Figure 5.1 illustrates the nucleosynthesis evolution at different temperatures. At T ≈ 5.1 GK (top
panel in Fig. 5.1), the nucleosynthesis path has already reached the Sr, Y, Zr region. In every isotopic chain, the
nucleosynthesis path is given by (n,γ)− (γ, n) equilibrium. Matter reaches higher Z by (α, n) and (p,n) reactions,
but (n,α) reactions still occur and carry some matter back to lighter nuclei. Around T ≈ 4.2 GK (middle panel in
Fig. 5.1), (p, n) reactions are less important, while (α, n) reactions keep moving mater towards heavier nuclei. Note
that besides increasing the proton number Z by two units, the specific isotope resulting from a given (α, n) channel
depends on the number of neutrons emitted in that channel. However, as long as (n,γ) − (γ, n) reactions are in
equilibrium and much faster than (α, n), the isotopic distribution within a given element is ultimately defined by the
temperature, neutron density, and neutron separation energy [142]. For typical weak r-process temperatures, the
(α, 1n) channel dominates the (α, n) reaction flux [48]. In agreement with Ref. [28], we find that in neutron-rich
winds (α, n) reactions on Zn, Ge, Se, and Kr are key to shift matter to heavier isotopes.
1 Here (α, n) refers also to alpha captures with the emission of one or more neutrons: (α,×n), with ×= 1, 2, 3.
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Figure 5.1: The arrows show the flow of the different reactions. The colors and sizes of the arrows are proportional
to the flows. The abundances are shown by different colors and stable nuclei are indicated by black
dots.
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The description of the nucleosynthesis can be completed by considering the averaged time scales, 〈τx〉, of the
most relevant reactions calculated as follows:
1
〈τx〉 =
∑
Z ,Aλx(Z ,A)Y (Z ,A)∑
Z ,A Y (Z ,A)
, (5.2)
where λx(Z ,A) describes the reaction rate of process x on nucleus (Z ,A) and Y (Z ,A) is the abundance of the
nucleus. The averaged time scales for Z = 26− 45 are presented in Fig. 5.2 versus decreasing temperature. The
fastest reactions are (n,γ) and (γ, n) which stay in equilibrium until the temperature drops below T ≈ 1.5 GK. For
temperatures above T ≈ 4.2 GK, (p,n) reactions are the fastest charged particle reactions. Note that in the fluxes
(Fig. 5.1), (p, n) reactions and beta decays are represented in the same way, however considering the time scales it
is clear that the driving reactions are (p,n) and not beta decays for T > 1.9 GK. Below T ≈ 4.2 GK, (α, n) reactions
become faster than (p,n) reactions and they determine the nucleosynthesis evolution until the temperature drops
down to T ≈ 3.3 GK. At low temperatures (bottom panel in Fig. 5.1), the evolution is driven by beta decays
and neutron captures instead of charged particle reactions. There is a temperature range for which a type of
reaction is important and this depends on the astrophysical conditions. For example, for Ye = 0.45, the (α, n)
reactions are already very important around T ∼ 4.5 GK. For only slightly neutron-rich conditions (Ye ∼ 0.49), the
nucleosynthesis path stays close to stability and both (p,γ) and (α,γ) reactions become more important to reach
heavier nuclei, while (α, n) reactions play a minor role.
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Figure 5.2: Averaged time scales of important reactions as a function of temperature. This correspond to the tra-
jectory ejected 9 s after bounce with an initial electron fraction of Ye = 0.47.
5.2 Uncertainties in the (α, n) reaction rates
The reaction flows (Fig. 5.1) and the temperature evolution of the averaged reaction time scales 〈τx〉 (Fig. 5.2)
emphasize that (α, n) reactions are important for the weak r-process nucleosynthesis. Unfortunately, none of the
relevant (α, n) reactions has been measured in the energy (temperature) range relevant for the astrophysical con-
ditions discussed here. Therefore, one needs to use reaction codes, such as TALYS [158] or NON-SMOKER [188],
to calculate all the reaction rates entering into our nucleosynthesis network. Although these codes are based on the
Hauser-Feshbach model [46], they can include important differences related to 1) intrinsic technical aspects and
2) nuclear physics inputs [47, 48]. This arbitrariness in the treatment of the reaction leads to variations in the cal-
culated rates. In a recent study [48], the theoretical uncertainty of a selected group of (α, n) reactions relevant for
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the weak r-process was investigated. According to that work, (α, 1n) is by far the most important (α,×n) channel
at temperatures relevant for the weak r-process between T ' 2 − 5 GK (see also Ref. [162] for further informa-
tion about (α,×n) channels). Moreover, at these temperatures, the uncertainty in the calculated rates arises from
the different models used to determine the alpha optical potential. In particular, the rates calculated using these
different models can disagree by more than a factor 10 at temperatures T ' 2 GK [48, 162]. This is illustrated in
Fig. 5.3 for the reactions 69Ga(α, n)72As, 84Se(α, n)87Kr, 94Sr(α, n)97Zr, and 100Mo(α, n)103Ru. We include here also
69Ga and 100Mo because we use them later to compare experimental and theoretical cross sections (Fig. 5.4).
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Figure 5.3: Theoretical 69Ga(α, n)72As, 84Se(α, n)87Kr, 94Sr(α, n)97Zr, and 100Mo(α, n)103Ru reaction rates using the
alpha optical potentials: global alpha optical potential (GAOP) [158, 164], phenomenological fit of Mc-
Fadden and Satchler (MS) [165], three different versions of the model of Demetriou-Grama-Goriely
(DGG1-3) [158, 166] (the other nuclear inputs are determined from the default set of sources given
in [48], with the exception of masses, which were taken from Ref. [189] if available, or from the FRDM
mass model [190] otherwise). The reaction rates are normalized to the ones calculated with the GAOP
model.
While ambiguities in the alpha optical potentials govern the theoretical uncertainty at T ' 2− 5 GK, there are
other aspects (e.g., level densities and binning of excitation energy) contributing to the theoretical uncertainty of
the (α, n) reaction rates [48]. Although these aspects were found to have a rather limited impact in the calculated
rates, larger discrepancies (of the order of ∼10) can be found between calculations and measurements at tempera-
tures above the weak r-process regime, as shown in Fig. 5.4 for some (α, n) reactions. Notice that we compare with
measurements of stable nuclei in absence of relevant experiments for the weak r-process where mainly unstable
nuclei are involved.
In the light of the conclusions discussed in Ref. [48] and the results shown in Fig. 5.4, it is reasonable to assume
that the reliability of the calculated (α, n) rates is not better than a factor 10. In the following, we will investigate
the sensitivity of abundances to (α, n) uncertainties. We first calculate weak r-process abundances taking the (α, n)
TALYS 1.6 reaction rates calculated with the packet of models TALYS 1 (see Table II of Ref. [48]) except for masses,
which were taken from the mass table of Ref. [189] if available, or from the FRDM mass model [190] otherwise.
Then, we repeat the network calculations using the TALYS rates multiplied and divided by different factors, namely
5, 10, and 50.
62
8 10 12 14 16 18 20 22 24
Ec.m. [MeV]
101
102
103
104
C
ro
ss
 S
ec
tio
n 
[m
b] 69Ga( ,n)
TALYS ( ,1n)
TALYS ( ,2n)
Rizvi ( ,1n)
Rizvi ( ,2n)
Ismail ( ,1n)
Ismail ( ,2n)
8 10 12 14 16 18 20 22 24
Ec.m. [MeV]
100
101
102
103
C
ro
ss
 S
ec
tio
n 
[m
b]
100Mo( ,n)
TALYS ( ,1n)
TALYS ( ,2n)
Esterlund ( ,1n)
Graf ( ,1n)
Figure 5.4: Comparison of experimental and calculated cross sections for the reactions 69Ga(α, 1n), 69Ga(α, 2n)
[191] (upper panel), and 100Mo(α, 1n), 100Mo(α, 2n) [192] (lower panel). The calculations were done
with TALYS using the global alpha optical potential (GAOP).
5.3 Impact of (α, n) reaction rate uncertainties on the abundances
We study the impact of (α, n) reaction rate uncertainties on the abundances based on the trajectory introduced in
Sect. 5.1 for different Ye as discussed in Sect. 4.2. We focus here on three initial electron fractions, i.e., Ye = 0.45,
0.47, and 0.49 and vary the (α, n) reaction rates by constant factors (see Sect. 5.2). Since the forward and reverse
reactions are connected by the principle of detailed balance (see Eq. (3.20)), we have to vary the corresponding
(n,α) rates by the same factors. Figure 5.5 (left panels) shows the final abundances for Ye = 0.47 when the (α, n)
and (n,α) reaction rates are multiplied (upper panel) and divided (lower panel) by factors of 5, 10, and 50 for all
isotopes between Fe and Rh. The relative abundance changes compared to the reference case are shown in the right
panels of Fig. 5.5. All scaling factors have significant impact on the abundances. When the (α, n) reactions become
the fastest charged particle reactions, the most abundant species are within the range 26 ® Z ® 40 (Figs. 5.1-5.2)
and their abundances become thus sensitive to (α, n) reaction rates within this range (see also Ref. [28]).
When the (α, n) rates are reduced (bottom panels, Fig. 5.5), less efficient alpha captures prevent nuclear matter
from moving towards heavier nuclei, and thus the abundances stay higher between 27 < Z < 38 compared to the
reference case. This is clearly visible in the relative changes of abundances shown in the right bottom panel of
Fig. 5.5. The abundances for Z < 38 increase proportionally to the reduction factor used for the (α, n) reactions.
As less matter is moved beyond Z = 38, the abundance for nuclei heavier than Zr decreases as indicated by the
negative values of the relative changes. The opposite behavior is found for the increase of the rates (upper panels,
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Figure 5.5: Left panels: Elemental abundances when multiplying (upper panels) and dividing (lower panels) the
(α, n) reaction rates by factors 5, 10, and 50 for Z = 26− 45. The reference case corresponds to the 9 s
trajectory with Ye = 0.47 with the original TALYS-calculated (α, n) rates. Right panels: Relative changes
of the abundances compared to the reference.
Fig. 5.5), where the abundances of these nuclei become larger compared to the reference case. The relative changes
(upper, right panel) are now negative for Z < 38 indicating the reduction of abundances for such nuclei. The more
efficient (α, n) reactions move matter towards heavier nuclei as shown by the large and positive values (that go up
to ∼ 100) for the relative abundance change.
Notice that the impact of (α, n) uncertainties on Y and Zr is relatively small (see right panels Fig. 5.5). For these
conditions, there are almost no (α, n) reactions above Kr as shown by the reaction flows (Fig. 5.1). The (α, n)
reactions on Kr isotopes are very important because they influence the abundances of the Sr isotopes directly. The
flow from Sr isotopes towards heavier ones is mainly driven by (α, n) reactions on Zr, (p,n) reactions, and beta
decays.
We have described the general trends of the abundances when varying the (α, n) reaction rates for the trajectory
with Ye = 0.47. The trend is the same for Ye = 0.45 (Fig. 5.6). The main difference is the large variation in the
abundance of Sr and the heaviest elements mainly due to (α, n) reactions on Rb and Sr isotopes. For both conditions
Ye = 0.45 and 0.47, there are also the changes in the abundances for Z < 26 nuclei, whose (α, n) rates are not
scaled in our study. The change of these abundances is due to neutron captures that occur on all isotopes and are
affected by the amount of neutrons available including the ones produce after (α, n) reactions. For Ye = 0.49, there
is almost no effect when changing the (α, n) reactions. Here, the nucleosynthesis path moves along the valley of
stability where (p,γ), (p,n) and few strong contributing (α,γ) reactions move matter towards heavy nuclei.
After studying the impact of different nucleosynthesis evolutions (various electron fractions) and of nuclear
physics input due to (α, n) reactions, we can combine these two uncertainties and compare to abundance observa-
tions of metal-poor stars. In Fig. 5.7, we show abundance ratios between pairs of lighter heavy element abundances
in observations compared to our results. For the observations, we use metal-poor stars with typical r-process robust
pattern (CS22892-052 [193]) and with low-enrichment of heavy elements (HD122563 and HD88609 [194]) which
are illustrated by pink and blue stars, respectively. For a detailed discussion about these representative patterns
see Ref. [24]. In Fig. 5.7, the horizontal lines indicate the value of the abundance ratio between a given pair of
elements A and B using the reference TALYS (α, n) rates discussed in Sect. 5.2 (thicker line) and varying this by
factors 10 and 0.1. Different colors of the horizontal lines corresponds to different electron fractions (i.e., different
nucleosynthesis paths). For Ye = 0.45, there are large variations in the Zr/Sr, Nb/Sr, and Ag/Zr abundance ratios
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Figure 5.6: Same as Fig. 5.5 for Ye = 0.45.
owing to the strong influence of (α, n) rates on the abundances of Sr and Ag (Fig. 5.6). For ratios including heavier
elements, i.e., Ru or Ag, there is more scatter due to the low abundances that rapidly drop for increasing proton
number. In the case of Ye = 0.47, the variations in the Zr/Sr and Nb/Sr ratios can be explained by the impact of
(α, n) reactions on Sr and Nb abundances (Fig. 5.5). For Ye = 0.49 we only show the Zr/Sr and Zr/Y abundance
ratios because the final abundances do not reach nuclei heavier than Z ∼ 40 (Fig. 4.1). Due to the small influence
Zr/Sr Zr/Y Nb/Sr Mo/Nb Ru/Mo Ag/Zr
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Figure 5.7: Elemental abundance ratios compared to observations from averaged HD122563 and HD88609 (blue
stars), and CS22892-052 (pink stars) for different electron fractions. Note that we only illustrate the
Zr/Sr and Zr/Y abundance ratios for Ye = 0.49 because the final abundances do not reach nuclei heavier
than Z ∼ 40 (Fig. 4.1). The horizontal lines indicate the abundance ratio of the pair of elements: the
thicker lines correspond to the reference TALYS rates, whereas the thin lines correspond to the reference
rates scaled by factors of 10 and 0.1.
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of (α, n) rates for Ye = 0.49, the abundance ratios do not differ much when changing the rates. As Fig. 5.7 shows,
it is clear that to make full use of the metal-poor observations when comparing to astrophysical models, nuclear
physics uncertainties need to be reduced. In general, the various nucleosynthesis evolutions given by different val-
ues of Ye fail to reproduce the trend from Zr/Sr through Ag/Zr. Our aim here is not to find the exact astrophysical
conditions that reproduce observations, but to combine astrophysics and nuclear physics uncertainties to show that
both are critical to understand the production of lighter heavy elements. Once experiments reduce the nuclear
physics uncertainties, observations of ultra-metal poor stars combined with nucleosynthesis studies will contribute
to understand the post-explosion conditions. In the following sections, we will describe our Monte Carlo sensitivity
study within astrophysical uncertainties in neutron-rich winds to motivate key (α, n) reactions which will reduce
the impact of nuclear physics uncertainties on the nucleosynthesis.
5.4 Monte Carlo approach
The sequential variation of a set of reaction rates by the same factor gives an overview if the rate uncertainties have
an impact on the abundances. For large networks containing several thousands of nuclei or complicated reaction
flows, the modification of the reaction rate by the same factor may (partially) suppress important reactions or
point out reactions which are not relevant. Therefore, this method is not recommended to identify key reactions.
Moreover, the identification of key reactions by inspection of the reaction flows may be feasible for small networks
with a well defined nucleosynthesis path (e.g., Big Bang nucleosynthesis networks) but not if many reactions
contribute to the nucleosynthesis evolution. For larger networks, only a Monte Carlo approach allows to identify
which individual reaction rate uncertainty contributes to the abundance change of a given nuclei. Besides, only
Monte Carlo studies take into account combined reaction rate uncertainties.
In a Monte Carlo sensitivity study, random numbers are applied to a set of reaction rates to independently vary
them within their uncertainties. The reaction rate uncertainties are mapped on the abundances via the reaction
network. In each Monte Carlo run, new random numbers are drawn to the set of reaction rates. Today’s fast
computers make it possible to perform a sufficient amount of Monte Carlo runs, even for large reaction networks
containing several thousands nuclei. Note that the required computational time is rather independent of the num-
ber of modified reaction rates but largely depends on the time to solve the reaction network. For a sufficient amount
of Monte Carlo runs, the key reaction rates are identified by analyzing the correlations between the variations of
the rates and the resulting abundance changes. We will describe in detail the variation of the reaction rates and
the identification of key reactions in Sects. 5.4.1–5.4.2.
The Monte Carlo method of drawing random numbers to reaction rates has been already used for several astro-
physical applications. For example, Ref. [195] has performed a Monte Carlo sensitivity study for the nucleosynthesis
in Type I X-ray bursts and Refs. [196, 197] in nova explosions. Besides, e.g., Refs. [198] and [199] have done Monte
Carlo studies for the p- and s-process nucleosynthesis, respectively, and Ref. [200] for the r-process nucleosynthe-
sis, especially reverse engineering [201]. Furthermore, thermonuclear reaction rates have been evaluated based
on Monte Carlo techniques by Refs. [202–205].
We will use the Monte Carlo approach to examine which (α, n) reaction rate uncertainties lead to changes in the
abundance pattern in neutron-rich winds.
5.4.1 Variation of reaction rates
In our Monte Carlo study, we consider 909 (α, n) reactions on stable and neutron-rich nulei between Fe and Rh.
We again use the reference (α, n) reaction rates calculated with TALYS 1.6 using the packet of models TALYS 1 (see
Table II of Ref. [48]) except for masses, which were taken from the mass table of Ref. [189] if available, or from the
FRDM mass model [190] otherwise. In each Monte Carlo run, the (α, n) reaction rates are varied simultaneously
and independently by applying a set of random rate variation factors on them. The rate variation factors follow a
lognormal distribution which is given by
f (x;µ,σ) =
1p
2piσx
exp
− (ln x −µ)2
2σ2

, (5.3)
where µ and σ are the mean value and the standard deviation on ln x , respectively. Note that if x is lognormally
distributed, ln x is normally distributed. Thus, the parameter µ describes the maximum of the Gaussian distribution
for ln x and the parameterσ represents the width of the distribution. The lognormal density function is only defined
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for x ≥ 0. Consequently, the rate variation factors are always positive and we do not obtain unphysical, negative
reaction rates. Since the forward and the reverse reaction are connected by detailed balance, the reverse (n,α)
reaction rate has to be varied by the same factor (see Eq. (3.20)).
For a data sample {p1, p2, ..., pn} which is lognormally distributed, the geometric mean µ∗ and the geometric
standard deviation σ∗ are described by
µ∗ ≡ npp1 · p2 · ... · pn = eµ and σ∗ ≡ exp
√√√1
n
n∑
i=1

ln
pi
µ∗
2= eσ, (5.4)
respectively. Thus, the median of the lognormal distribution is given by eµ. For a coverage probability of 68.3 % ,
i.e., a point x is located within 1σ of the mean (µ−σ < x < µ+σ), the lower and upper bounds are determined
by µ∗/σ∗ = eµ−σ and µ∗ · σ∗ = eµ+σ, respectively (see, e.g., Ref. [202]). Therefore, for a coverage probabilbity
of 68.3 %, the rate variation factor p with respect to the median is given by p = eµ+σ/eµ = eµ/eµ−σ (see, e.g.,
Refs. [202, 204]). Consequently, to generate a rate variation factor between 0.1 and 10, modifying the (α, n)
reaction rates within their uncertainties (see Sect. 5.2), we set µ = 0 and σ = 2.3. As an example, Fig. 5.8
illustrates the distribution of the rate variation factors applied to the 84Se(α, n) reaction rate. The solid, dashed
and dashed-dotted lines indicate the median, one standard deviation and two standard deviations, respectively, of
the rate variation factor distribution. Figure 5.8 shows that approximately 68.3 % of all rate variation factors are
within a factor of 10 up and down, and 95.5 % are within a factor of 100 up and down. Unlike Refs. [198, 199],
we assume that the rate variation factor is independent of the temperature. Note that there is only a small range
of temperatures where an (α, n) reaction is relevant for the weak r-process.
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Figure 5.8: Distribution of the rate variation factors applied to the 84Se(α, n) reaction rate. The solid, dashed, and
dashed-dotted lines display the median, one standard deviation, and two standard deviations, respec-
tively.
5.4.2 Identification of key reactions
We have already mentioned that for larger networks it is not sufficient to only consider reaction flows or to compare
the impact of few varied reaction rates on the abundances to identify key reactions. From each Monte Carlo run
we have stored the rate variation factor of each modified (α, n) reaction and the final abundances. Thus, for
each nuclei in the network we can investigate the impact of each modified (α, n) reaction on its abundance using
a correlation factor. Most senstivity studies (see, e.g., Refs. [198, 199]) use Pearson’s r [206] to quantify the
correlations between the rate variation factors and the final abundances. The Pearson correlation coefficient is
defined by
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rcorr =
∑n
i=1 (x i − x¯) (yi − y¯)q∑n
i=1 (x i − x¯)2
q∑n
i=1 (yi − y¯)2
, (5.5)
for two data sets {x1, x2, ..., xn} and {y1, y2, ..., yn} of n values and the corresponding arithmetic mean values
x¯ =
 ∑n
i=1 x i

/n and y¯ =
 ∑n
i=1 yi

/n. The variables x i and yi are related to the rate variation factors and the
final abundances, respectively. The parameter n in Eq. (5.5) denotes the number of rate variation factors applied
to a reaction rate, i.e., the number of Monte Carlo runs. The values of rcorr range between −1 ≤ rcorr ≤ +1.
If the relation between the rate variation factors applied to a reaction rate and the final abundances of a given
element is exact a linear one with positive slope, rcorr = +1, and for a negative slope, rcorr = −1. A negative
value of the correlation factor describes an anticorrelation, i.e., as the rate variation factor increases the abundance
decreases and vice versa. If rcorr is close to 0, there is no correlation between the rate variation factors and
the final abundances. Note that the values of the correlation factor hold independently of the magnitude of the
slope. Besides, the value of the correlation factor will be larger the fewer reactions contribute to the abundance
uncertainty.
Pearson’s r is a measure for linear correlations, but Monte Carlo sensitivity studies frequently show non-linear
relations between variations of reaction rates and abundance changes (see, e.g., Fig. 6 in Ref. [204]). Thus, we
use the Spearman’s correlation coefficient [207]. The Spearman rank-order coefficient quantifies how well the
relation between two variables is described by a monotonic function. To obtain Spearman’s r, one replaces x i and
yi in Eq. (5.5) by their actual ranks. A Spearman correlation factor of +1 (−1) indicates a perfectly increasing
(decreasing) monotonic function. Reference [204] has shown that Spearman’s r is more robust than Pearson’s r in
terms of outlier (see Fig. 6 in Ref. [204]). It is more robust in a similar sense as the median value of a data set is
more robust towards outlier than the mean value.
Note that in general correlation factors cannot be used directly to rank the important reactions. The reason
for this is that the value of the correlation factor is independent of the absolute abundance change. Therefore, the
strategy to identify key reactions is: 1) inspect which abundances vary most in the Monte Carlo study; 2) investigate
which reaction rate variations strongly correlate with the abundance changes. We have found that 10000 Monte
Carlo runs are sufficient to identify the key reactions. Moreover, we have identified that a correlation factor value
|rcorr| ≥ 0.40 indicates a strong relationship between the modified reaction rate and the abundance change of a
given element. In a few cases, a correlation factor describing an important relation can be slightly smaller than
|rcorr|= 0.40.
5.4.3 Representative astrophysical conditions for the Monte Carlo sensitivity study
Our goal is to get a comprehensive picture of the nuclear physics uncertainties which influence the nucleosynthesis
in neutron-rich neutrino-driven winds. Therefore, one needs all possible wind parameters which may occur in
neutron-rich winds. In Chapter 4, we have systematically studied the astrophysical uncertainties in neutron-rich
winds based on the steady-state wind models of Ref. [102]. We have identified four different nucleosynthesis
groups (NSE1, NSE2, CPR1, CPR2) due to the Yn/Yseed and the Yα/Yseed at T = 3 GK (see Sects. 4.4.1-4.4.4).
These groups distinguish in the nucleosynthesis evolution and thus lead to different final abundances. We have
demonstrated that within the groups NSE1, NSE2, CPR1 the nucleosynthesis evolution is similar and therefore
results in similar final abundances. For the steady-state trajectories of the nucleosynthesis groups NSE1, NSE2, and
CPR1, the nucleosynthesis path does not proceed towards heavier nuclei when the temperature decreases below
3 GK. The reason for this is that the main abundance peaks are already formed during NSE or QSE, and thus the
abundance pattern is rather sensitive to binding energies or Q-values of (α, n) reactions than to specific reactions
(see Sects. 4.4.1–4.4.3). Moreover, we have shown that the nucleosynthesis evolution leads to substantial changes
in the abundance pattern after the temperature drops below 3 GK only for the steady-state trajectories assigned to
the nucleosynthesis group CPR2. For the steady-state trajectories of the group CPR2, any variation of the Yn/Yseed
and the Yα/Yseed results in a different abundance pattern (see Fig., 4.13). Hence, the abundance patterns of the
group CPR2 are very sensitive to specific reactions, and thus to uncertainties in the reaction rates. Consequently,
we will select representative steady-state trajectories of the group CPR2 for the Monte Carlo sensitivity study.
Since slight variations of the Yn/Yseed and the Yα/Yseed lead to different abundance patterns, it is rather difficult
to select representative trajectories. However, the final abundances of the nucleosynthesis group CPR2 (Fig. 4.13)
exhibit three characteristic Kr-Rb-Sr-Y-Zr patterns which are illustrated by different colors in Fig. 5.9. Note that the
different abundance patterns are especially apparent for Sr. We will refer to the three abundance patterns as MC
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Figure 5.9: Three characteristic Kr-Rb-Sr-Y-Zr patterns in the final abundances of the nucleosynthesis group CPR2
(see Fig. 4.13) indicated by different colors. The different Kr-Rb-Sr-Y-Zr patterns are used to identify
representative astrophysical conditions for the Monte Carlo sensitivity study. We perform Monte Carlo
studies for the trajectories assigned to the abundance patterns indicated by dashed (reference Monte
Carlo studies) and dotted lines (control Monte Carlo studies).
one, MC two, and MC three. We will perform a Monte Carlo study with a representative trajectory of each of the
three abundance patterns. The abundances of the corresponding trajectories are indicated by the dashed lines in
Fig. 5.9. Since the abundance patterns of the same group can be different for Z < 36 and Z > 41, we will perform
a control Monte Carlo study for each group (dotted lines in Fig. 5.9) to investigate if the abundance deviations lead
to different key (α, n) reactions.
5.5 Results of Monte Carlo study one
Figure 5.10 illustrates the impact of the (α, n) reaction rate uncertainties for Fe-Rh on the elemental abundances
using the representative trajectory of group MC one (purple dashed line in Fig. 5.9). The purple band shows the
2σ elemental abundance variations from 10000 Monte Carlo runs and the black line denotes the median elemental
abundances. The distributions of the elemental abundances closely follow lognormal distributions. This is due
to the error multiplication effect occuring when several reactions are contributing to the total uncertainty in the
abundance, even if the rate variation factors are not lognormally distributed (see Ref. [198]). The (α, n) reaction
rate uncertainties have the largest impact on the abundances for Z = 36− 39, and especially on yttrium (up to a
factor of 95).
To investigate which (α, n) reaction rate uncertainties lead to changes in the elemental abundances, we have
calculated the correlation factor for each combination of element abundance and varied (α, n) reaction rate in
the 10000 Monte Carlo runs (see Sect. 5.4.2). Compared to other Monte Carlo sensitivity studies (see, e.g.,
Refs. [198, 199]), we calculate the correlation factors for variations in the reaction rates and changes in the
elemental abundances instead of changes in the isotopic abundances. Elemental abundances are most useful for
comparison to observations of stars which only provide information on elemental abundances. In Tab. 5.1, the
computed correlation factors are given in descending order for |rcorr| ≥ 0.40. The correlation factors indicate that
the uncertainties in the 82Ge(α, n), 94Sr(α, n), 84Se(α, n), 90Kr(α, n), 85Se(α, n) reaction rates strongly correlate with
the abundance variations of several elements.
In order to test the reliability of the correlation factor to identify a relationship between the variation of an
(α, n) reaction rate and the change in the abundance of a given element, we look at the reaction flows (Fig. 5.11).
At T ≈ 3.7 GK, the most abundant elements are Z = 34 − 38. There an (α, n) reaction occurs on 82Ge, i.e., at
the neutron shell closure N = 50. Table 5.1 indicates that the modification of this (α, n) reaction rate strongly
correlates with the abundances of Se and Kr. Since 82Ge and 82Se are linked by beta decays along the isobaric
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Figure 5.10: Resulting 2σ abundance pattern variations from 10000 Monte Carlo runs using the representative tra-
jectory of group MC one (dashed purple line in Fig. 5.9). The (α, n) reaction rates for Z = 26 − 45
are varied by rate variation factors pulled from a lognormal distribution. The black line indicates the
median elemental abundances.
Element Reaction rcorr
Se 82Ge(α, n)85Se −0.63
Ag 94Sr(α, n)97Zr +0.62
Kr 82Ge(α, n)85Se −0.62
Pd 94Sr(α, n)97Zr +0.61
Sr 84Se(α, n)87Kr −0.57
Zr 90Kr(α, n)93Sr −0.57
Ru 94Sr(α, n)97Zr −0.57
Rb 84Se(α, n)87Kr −0.54
Sr 85Se(α, n)88Kr −0.53
Rb 85Se(α, n)88Kr −0.50
Y 84Se(α, n)87Kr −0.49
Cd 94Sr(α, n)97Zr +0.49
Ga 90Kr(α, n)93Sr −0.49
Y 85Se(α, n)88Kr −0.48
Cu 90Kr(α, n)93Sr −0.48
Zn 90Kr(α, n)93Sr −0.47
Ni 90Kr(α, n)93Sr −0.46
Fe 90Kr(α, n)93Sr −0.46
Rh 90Kr(α, n)93Sr +0.42
Co 90Kr(α, n)93Sr +0.41
Mo 84Se(α, n)87Kr +0.41
In 94Sr(α, n)97Zr +0.40
Table 5.1: Correlation factors (third column) describing the relationships between the variation of the reaction rates
(second column) and the change of the elemental abundances (first column) in the Monte Carlo study
one. A positive (negative) correlation factor indicates that the elemental abundance raises (decreases) as
the (α, n) reaction rate increases.
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chain A = 82, the change of the 82Ge(α, n) reaction rate directly affects the Se abundance. The variation of the
82Ge(α, n) reaction rate indirectly influences the Kr abundance, i.e., only in combination with (n,γ) reactions and
beta decays. When the temperature drops down to T ≈ 3.3 GK the 82Ge(α, n) reaction stops. Besides, we find
(α, n) reactions on 84Se and 85Se which also correlate strongly with the abundances of several elements. Both
reactions, 84Se(α, n) and 85Se(α, n) correlate with the abundances of the same elements but the correlation with
the slightly more abundant 84Se is always stronger. Besides, 84Se(α, n) competes with 84Se(p,n). The correlation
factors indicate a clear relationship between the modification of the 84Se(α, n) and 85Se(α, n) reaction rates and the
variations in the final abundances of Sr, Y, and to a lesser extent of Mo. In addition, the reaction flows exhibit the
reaction 86Se which only weakly correlates (i.e., |rcorr| = 0.20) with the Sr abundance. A possible explanation is
that an increase of the (α, n) reaction rates on the more abundant 84,85Se isotopes moves more material away from
the Se isotope chain, and thus the reaction 86Se(α, n) does not occur. This explanation is confirmed by that the fact
that we only find correlations between the modifications of the 84,85Se(α, n) reaction rates and the changes of the
Sr, Y, and Mo abundances if these (α, n) rates are raised. Both, 84Se(α, n) and 85Se(α, n) freeze out at T ≈ 3.5 GK,
whereas 86Se(α, n) appears until the temperature drops down to T ≈ 3.1 GK. Since 88Kr and 88Sr are connected by
beta decays along the isobaric chain A= 88, the variation of the 85Se(α, n)88Kr reaction rate directly influences the
Sr abundance, whereas the modifications of the 84,85Se(α, n) reaction rates affect the Y and Mo abundances only
combined with (n,γ) and (p,n) reactions, and beta decays. Material is shifted from 84,85,86Se to the krypton isotopes
by (α, n) reactions. The most abundant Kr isotope is 90Kr, thus the nucleosynthesis path has overcome N = 50.
According to Tab. 5.1, the final abundance of Kr is strongly correlated with the 82Ge(α, n) reaction rate uncertainty.
Since the 82Ge(α, n) reaction rate only influences the Kr abundance in combination with (n,γ) reactions and beta
decays, this is an indirect impact. Note that the reaction 84Se(α, n) has no influence on the krypton abundance,
although 84Se and the stable 84Kr are linked by beta decays. There are several (α, n) reactions on Kr isotopes, i.e.,
88,89,90Kr, and each of these (α, n) reactions competes with a (p,n) reaction. However, only the 90Kr(α, n) reaction
rate correlates (|rcorr| ≥ 0.40) with the abundances of several elements, i.e., Zr, Ga, Cu, Zn, Ni, Fe, Rh, and Co in
descending order. An explanation for this is that the increase of the (α, n) reaction rate of the most abundant Kr
isotope, 90Kr, moves material away from the Kr isotopes, and thus the reactions 88,89Kr(α, n) do not occur. The
90Kr(α, n) reaction ends at T ≈ 3.1 GK, whereas the 88,89Kr(α, n) reactions already freeze out around T ≈ 3.6 GK.
Only the abundance of 90Zr is directly affected by the variation of the 90Kr(α, n) reaction rate. The elements with
lower atomic numbers than krypton are influenced due to the altered neutron abundance caused by the variation of
the 90Kr(α, n) reaction rate. The nucleosynthesis path evolves from Kr to Sr where we only find one (α, n) reaction,
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Figure 5.11: Nucleosynthesis evolution at T ≈ 3.7 GK for the representative trajectory of group MC one without
modification of (α, n) reaction rates.
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namely 94Sr(α, n). Table 5.1 indicates a strong relationship between the variation of the 94Sr(α, n) reaction rate and
the changes of the silver, palladium, ruthenium, and to a lesser extent of the cadmium and indium abundances.
The abundances of these elements are influenced by the modification of the 94Sr(α, n) reaction rate combined
with (n,γ) reactions and beta decays. The 94Sr(α, n) reaction competes with the 94Sr(p, n) reaction. When the
temperature falls below T ≈ 3.6 GK, the 94Sr(α, n) reaction does not appear. Note that according to the correlation
factors (i.e., |rcorr| ≥ 0.40) and the reaction flows, there is no important (α, n) reaction above Sr. The variations of
the 84,85Se(α, n), 90Kr(α, n), and 94Sr(α, n) reaction rates shift the position of the nucleosynthesis path, and thus to
different decay paths resulting in the abundance uncertainties beyond Mo.
The reaction flows verify that the (α, n) reactions, which correlate with the elemental abundances according
to Tab. 5.1, occur during the nucleosynthesis evolution. Nonetheless, the correlation factor is not a measure for
the absolute abundance change (see Sect. 5.4.2). Figure 5.12 illustrates the four strongest correlations we have
identified. In the upper left panel in Fig. 5.12, the scatter plot shows how the selenium abundance changes when
the reaction 82Ge(α, n) reaction rate is varied by the rate variation factor p. The different colors indicate the
frequency of the same abundance for the same rate variation factor. The scatter plot shows that an increase of the
82Ge(α, n) reaction rate leads to a decrease of the selenium abundance. Note that the spread along the y-axis is
caused by combined uncertainties of all (α, n) reaction rates. The impact of the variation of the 82Ge(α, n) reaction
rate on the Se abundance is less than a factor of 4. The krypton abundance also decreases as the 82Ge(α, n) reaction
rate increases (see top right panel in Fig. 5.12). Here, the change in the Kr abundance is less than a factor of 20.
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Figure 5.12: Overview of the four strongest correlations between reaction rate variations and abundance changes
in the Monte Carlo study one. Final abundances of Se (top left panel), Kr (top right panel), Ag (bottom
left panel), and Pd (bottom right panel) versus rate variation factor for modified 82Ge(α, n) (first row)
and 94Sr(α, n) (second row) reaction rates. The different colors denote the frequency of the same
abundance for the same rate variation factor.
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The modification of the 82Ge(α, n) reaction rate influences the selenium and krypton abundance in a similar way.
An increase of the 82Ge(α, n) reaction rate moves more matter towards heavier nuclei and thus less material decays
to the stable selenium and krypton isotopes. The left panel at the bottom of Fig. 5.12 indicates that an increase of
the 94Sr(α, n) reaction rate results in a larger silver abundance. When the 94Sr(α, n) reaction rate is raised, more
material is shifted towards heavier elements, and thus the Ag abundance is larger. We find the same trend for the
impact of 94Sr(α, n) reaction rate on the abundance of Pd (bottom right panel in Fig. 5.12). However, the effect
on the palladium abundance is slightly weaker than on the silver abundance. A reason for this is that palladium
has a higher atomic number than silver, and so benefits less from the additional material moving towards heavier
elements due to the increase of the 94Sr(α, n) reaction rate. The impact of the 94Sr(α, n) reaction rate uncertainty
on the abundances of Ag and Pd is less than a factor of ∼ 7 and ∼ 11, respectively. Even if the 82Ge(α, n) and
94Sr(α, n) reaction rate uncertainties strongly correlate with the Se, Ag, and Pd abundances, they do not lead to
large changes in the abundances. Thus, despite the clear correlation between the variation of the 94Sr(α, n) reaction
rate and the changes of the abundances, a reduction of the 84Sr(α, n) reaction rate uncertainty will only slightly
improve the uncertainties in the overall abundance pattern.
As mentioned before, the (α, n) reaction rate uncertainties have a significant impact on the abundances for
Z = 36−39. We have already seen that the uncertainty in the Kr abundance is mainly governed by the modification
of the 82Ge(α, n) reaction rate. According to the computed correlation factors, the uncertainties in the abundances
of Rb, Sr, and Y arise (in descending order) from the variation of the 84Se(α, n) and 85Se(α, n) reaction rates. Note
that Ref. [48] has found that different alpha optical potentials lead to differences in the calculated 84,85Se(α, n)
reaction rates of up to two orders of magnitude at temperatures T ® 4 GK. The calculated 84Se(α, n) reaction rates
using different alpha optical potentials are also shown in the top right panel of Fig. 5.3. Figure 5.13 illustrates the
impact of the 84Se(α, n) (left column) and 85Se(α, n) (right column) reaction rates on the abundances of Rb (first
row), Sr (second row), and Y (third row). The abundances of these elements decrease all when increasing the
84,85Se(α, n) reaction rates. The variation of the 84Se(α, n) reaction rate also correlates with the uncertainty of the
Mo abundance. Here, the trend is that a higher 84Se(α, n) reaction rate leads to an increase of the molybdenum
abundance. Since the additional material reaching Mo has to come from nuclei with lower atomic number, i.e.,
Z = 37− 39, the Rb, Sr, and Y abundances decrease as the Mo abundance increases.
To verify if the abundance uncertainties shown in Fig. 5.10 are mainly due the 82Ge(α, n) and 84,85Se(α, n)
reaction rates uncertainties, we only vary these reaction rates and their reverse by a factor of 50 up and down
(Fig. 5.14). The comparison between Figs. 5.10 and 5.14 indicates that the modification of only these three (α, n)
reactions leads to the similar uncertainties in the abundance pattern as resulting from the Monte Carlo study.
Note that only an increase of the 82Ge(α, n) and 84,85Se(α, n) reaction rates results in significant variations of the
abundances for Z = 36− 39.
To investigate if the variation of the 82Ge(α, n) and 84,85Se(α, n) reaction rates also leads to comparable changes
in the overall abundance for other trajectories of the group MC one, or the uncertainties of other (α, n) reaction
rates are relevant, we have performed a control Monte Carlo study with another trajectory of group MC one
(purple dotted line in Fig. 5.9). The influence of the (α, n) reaction rate uncertainties for Z = 26 − 45 on the
overall abundance pattern using the control trajectory is comparable to the abundance variations illustrated in
Fig. 5.11. To probe if the same (α, n) reaction rate uncertainties lead to the variations of the abundance pattern,
we compare the correlations in both Monte Carlo studies (see Tabs. 5.1 and 5.2). The correlation factors are larger
in the control Monte Carlo study. However, we identify the same correlations for |rcorr| ≥ 0.40 in both Monte
Carlo studies, only in a different ranking. Consequently, for the astrophysical conditions investigated here, the
reduction of the 82Ge(α, n), 84,85Se(α, n) reaction rate uncertainties will significantly contribute to decrease the
abundance uncertainties of the lighter heavy elements between Kr and Y due to nuclear physics uncertainties.
The measurement of these reactions combined with observations of lighter heavy elements in UMP stars will give
evidence if the astrophysical conditions of group MC one are realistic conditions in neutrino-driven winds.
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Figure 5.13: Final abundances of Rb (first row), Sr (second row), Y (third row) versus rate variation factor for the
modified 84Se(α, n) (left column) and 85Se(α, n) (right column) reaction rates. The abundances of Rb,
Sr, Y strongly vary in the Monte Carlo study one.
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Figure 5.14: Elemental abundances for the representative trajectory of group MC one and variation of the
82Ge(α, n), 84Se(α, n), and 85Se(α, n) reaction rates by a factor of 50 up (red) and down (green). The
reference case corresponds to the original TALYS-calculated (α, n) reaction rates without variation of
(α, n) reaction rates.
Element Reaction rcorr
Kr 82Ge(α, n)85Se −0.84
Ru 94Sr(α, n)97Zr −0.61
Ag 94Sr(α, n)97Zr +0.61
Cd 94Sr(α, n)97Zr +0.58
Zr 90Kr(α, n)93Sr −0.57
Sr 84Se(α, n)87Kr −0.56
Rb 84Se(α, n)87Kr −0.54
Y 84Se(α, n)87Kr −0.54
In 94Sr(α, n)97Zr +0.52
Mo 84Se(α, n)87Kr +0.51
Sr 85Se(α, n)88Kr −0.51
Pd 94Sr(α, n)97Zr +0.50
Rb 85Se(α, n)88Kr −0.49
Y 85Se(α, n)88Kr −0.49
Ga 90Kr(α, n)93Sr −0.48
Cu 90Kr(α, n)93Sr −0.47
Zn 90Kr(α, n)93Sr −0.47
Rh 90Kr(α, n)93Sr +0.46
Ni 90Kr(α, n)93Sr −0.46
Fe 90Kr(α, n)93Sr −0.45
Se 82Ge(α, n)85Se −0.45
Co 90Kr(α, n)93Sr +0.43
Table 5.2: Same as Tab. 5.1 for the control trajectory of group MC one.
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5.6 Results of Monte Carlo study two
The resulting abundance pattern variations from the Monte Carlo study using the selected trajectory of group MC
two (green dashed line in Fig. 5.9) are shown in Fig. 5.15. The (α, n) reaction rate uncertainties have the largest
impact (in descending order) on the elemental abundances of Kr, Rb, Ga, Zn, and Sr. In comparison to the Monte
Carlo study one, the (α, n) reaction rate uncertainties have also a significant impact on the elements for Z < 36.
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Figure 5.15: Resulting 2σ abundance pattern variations from 10000 Monte Carlo runs for the representative trajec-
tory of group MC two (dashed green line in Fig. 5.9).
To understand which (α, n) reaction rates lead to changes in the abundance pattern, we consider again the
nuclear reaction flows (Fig. 5.16) and the correlation factors (Tab. 5.3). The reaction flows display (α, n) reactions
on Fe isotopes, especially on 68Fe. According to Tab. 5.3, the variation of the 68Fe(α, n) reaction rate strongly
correlates with the final Zn abundance. In addition, the modification of the 68Fe(α, n) reaction rate influences the
Ga abundance, but in less extent. When the 68Fe(α, n) reaction rate is raised, more material is shifted away from
the iron isotopes to heavier elements. Since the matter moves from Fe to Zn and Ga during the decay, an increase
of the 68Fe(α, n) reaction rate leads to a decrease of the final Zn and Ga abundances. As we have mentioned before,
there are a large uncertainties in the Zn and Ga abundances (see Fig. 5.15). The correlations between the variation
of the 68Fe(α, n) reaction rate and the change of the Zn (see right panel at the bottom of Fig. 5.17) and Ga (left
panel at the bottom of Fig. 5.17) abundances mainly occur for rate variation factors larger than one. The large
spread in the gallium abundance for similar rate variation factors indicates that several combined (α, n) reaction
rate uncertainties contribute to its uncertainty. Therefore, the change of the 68Fe(α, n) reaction rate cannot alone
explain the uncertainty of the Ga abundance. The 68Fe(α, n) reaction stops for temperatures below T ≈ 3.4 GK. The
nuclear reaction flows exhibit the 72Ni(α, n) reaction which correlates with the final Ge abundance (see Tab. 5.3).
When the 72Ni(α, n) reaction rate is increased, more matter proceeds from the Ni isotope chain towards heavier
nuclei, and thus less matter decays to germanium. The reaction 81Ga(α, n) does not appear in the fluxes. A possible
explanation is that this reaction is suppressed when the (α, n) reaction rates for Z = 26− 45 are not varied. The
simultaneous changes of the reaction rates lead to the appearance of the 81Ga(α, n) reaction. The fluxes show that
an (α, n) reaction occurs on 82Ge. As in the previous Monte Carlo studies, the modification of the 82Ge(α, n) reaction
rate strongly correlates with the final abundance of Se. In contrast to the first Monte Carlo study, the variation of
the 82Ge(α, n) reaction rate only affects the Se abundance. Figure 5.16 displays that the 84,85Se(α, n) reactions
also contribute to the nucleosynthesis evolution. The change of the 84,85Se(α, n) reaction rates correlates with the
abundances of krypton (first row in Fig. 5.17), rubidium (second row in Fig. 5.17), zirconium (but is only related to
84Ge(α, n)), and strontium, in descending order, and the correlation with the more abundant 84Se(α, n) at N = 50 is
always stronger. The correlation between the variation of the 84,85Se(α, n) reaction rates and the change of the final
Kr abundance has not been found in the Monte Carlo study one. An increase of the 84Se(α, n) reaction rate moves
matter away from 84Se that would beta decay along the isobaric chain to 84Kr. Since a (n,γ)− (γ, n) equilibrium is
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established within the selenium isotopic chain, the modification of the 85Se(α, n) reaction rate also affects the Kr
abundance, because it influences if more or less material proceeds towards heavier nuclei, and thus less or more
matter decays to Kr. The variations of the 84,85Se(α, n) reaction rates influence the final abundance of Rb, Sr, and Y
in the same way as in the Monte Carlo study one (see Sect. 5.5). As in the first Monte Carlo study, the uncertainties
of the 84,85Se(α, n) reaction rates are important for the uncertainties in the overall abundance pattern. Furthermore,
we find that the variation of the yttrium abundance correlates with the85Br(α, n) reaction rate uncertainty. If the
85Br(α, n) reaction rate is raised, more matter is shifted from Br to Rb where matter proceeds further away from
stability by (n,γ) reactions. Thus, less matter indirectly decays from rubidium to yttrium. The correlation between
the final yttrium abundance and the 85Br(α, n) reaction rate uncertainty has not been found in the Monte Carlo
study one. An explanation for this is that for the astrophysical conditions investigated here, the nucleosynthesis
path evolves closer to the valley of stability, and the path overcomes N = 50 at a higher atomic number resulting in
a larger accumulation of matter at 85Br. Nonetheless, the overall changes of the yttrium abundance due to (α, n)
reaction rate uncertainties are small (see Fig. 5.15). The reaction flows also present (α, n) reactions on 88,89,90Kr.
As we have seen in the Monte Carlo study one, the modification of the 90Kr(α, n) reaction rate influences the final
abundances of several elements (here Co, Fe, Cu, and Ni in descending order), and these elements are mainly
affected by changes in the neutron abundance due to the varied 90Kr(α, n) reaction rate. The 88,89Kr(α, n) reactions
also contribute to the nucleosynthesis evolution, but the (α, n) reaction rate uncertainties have no significant impact
on the abundances (see Sect. 5.5). As in the Monte Carlo study one, the reaction flows and correlations factors do
not indicate important (α, n) reactions beyond Sr. The uncertainties in the final abundances of Pd, Ru, Mo, Ag, and
Rh are mainly due to the variation of the 94Sr(α, n) reaction rate. The modification of the 94Sr(α, n) reaction rate
alters the position of the nucleosynthesis path, and thus to different decay paths which result in the uncertainties
in the abundances beyond Zr. Note that the relation between the 94Sr(α, n) reaction rate uncertainty and the
molybdenum abundance has not been found in the Monte Carlo study one.
To investigate if the modification of the 68Fe(α, n), 72Ni(α, n), 81Ga(α, n), 82Ge(α, n), 84,85Se(α, n), 85Br(α, n),
90Kr(α, n), and 94Sr(α, n) reaction rates causes the uncertainties in the overall abundance pattern (Fig. 5.15), we
only vary these (α, n) reaction rates by a factor of 50 up and down (see Fig. 5.18). The comparison between
Figs. 5.15 and 5.18 indicates that the variation of only these (α, n) reaction rates cannot fully explain the overall
uncertainties of the abundances. The variation of the abundance pattern is not as strongly pronounced as in the
Monte Carlo study. This also indicates that Monte Carlo sensitivity studies are necessary to study the impact of
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Figure 5.16: Nucleosynthesis evolution at T ≈ 4.2 GK for the representative trajectory of group MC two without
modification of (α, n) reaction rates.
77
Element Reaction rcorr
Zn 68Fe(α, n)71Ni −0.74
Se 82Ge(α, n)85Se −0.70
Kr 84Se(α, n)87Kr −0.64
Pd 94Sr(α, n)97Zr +0.60
Y 85Br(α, n)88Rb −0.58
Rb 84Se(α, n)87Kr −0.57
Ru 94Sr(α, n)97Zr +0.57
Mo 94Sr(α, n)97Zr −0.57
Ga 68Fe(α, n)71Ni −0.56
Ag 94Sr(α, n)97Zr +0.54
Zr 84Se(α, n)87Kr +0.52
Kr 85Se(α, n)88Kr −0.51
Rb 85Se(α, n)88Kr −0.48
Sr 84Se(α, n)87Kr −0.48
Br 81Ga(α, n)83As −0.47
Co 90Kr(α, n)93Sr −0.45
Fe 90Kr(α, n)93Sr −0.45
Cu 90Kr(α, n)93Sr −0.45
Ni 90Kr(α, n)93Sr −0.44
Sr 85Se(α, n)88Kr −0.43
Ge 72Ni(α, n)75Zn −0.41
Rh 94Sr(α, n)97Zr +0.38
Table 5.3: Correlation factors of the Monte Carlo study two.
nuclear physics uncertainties on the nucleosynthesis because the modification of all reaction rates by the same
factor can (partially) suppress important reactions. Note that again only an increase of the (α, n) reaction rates
leads to significant changes in the abundance pattern. Besides, the scaling factors of 50 and 100 have a similar
impact on the abundances.
We have performed another Monte Carlo study with the control trajectory of the group MC two (green dotted line
in Fig. 5.9) to verify if the variations in the overall abundance pattern are in general mainly due to the 68Fe(α, n),
72Ni(α, n), 81Ga(α, n), 82Ge(α, n), 84,85Se(α, n), 85Br(α, n), 90Kr(α, n), and 94Sr(α, n) reaction rate uncertainties.
The resulting abundance pattern variations from the control Monte Carlo study two are similar to the abundance
variations of the reference Monte Carlo study two (Fig. 5.15). The calculated correlation factors for the control
Monte Carlo study are given in Tab. 5.4. Comparing the correlation factors of both Monte Carlo studies (see
Tabs. 5.3– 5.4 ), we find that the correlations for |rcorr| ≥ 0.40 in the reference Monte Carlo study also appear in
the control Monte Carlo study. In addition, we find a correlation between the Rh abundance and the change of the
94Sr(α, n)97Zr reaction rate in the control Monte Carlo study which is described by |rcorr| = 0.38 in the reference
Monte Carlo study. However, the most varying elemental abundances are correlated to the same (α, n) reaction
rate uncertainties in the reference and in the control Monte Carlo study two.
Despite the larger uncertainties in the Zn and Ga abundances, the reduction of their abundance uncertainties will
not contribute much to better understand the formation of lighter heavy elements in neutrino-driven winds, because
Zn and Ga can be also produced during the explosive phase of supernovae. Nonetheless, since the conditions of
the neutrino-driven wind are similar to those of supernova ejecta exposed to neutrinos, the measurement of the
68Fe(α, n) reaction will improve the understanding of the synthesis of Zn and Ga in supernova in general. As in the
Monte Carlo study one, the large variation in the abundances for Z = 36− 38 are mainly due to the 84,85Se(α, n)
reaction rate uncertainties. Therefore, also for the astrophysical conditions investigated here, the measurement of
the 84,85Se(α, n) reactions will significantly contribute to better understand the formation of lighter heavy elements
in neutron-rich winds.
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Figure 5.17: First row: Impact of the variation of the 84Se(α, n) (left panel) and 85Se(α, n) (right panel) rates on the
Kr abundance. Second row: Change in the Rb abundance due to the modified 84Se(α, n) (left panel)
and 85Se(α, n) (right panel) reaction rates. Third row: Influence on the varied 68Fe(α, n) rate on the Ga
(left panel) and Zn (right panel) abundances. The Kr, Rb, Ga, and Zn abundances vary the most in the
Monte Carlo study two.
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Figure 5.18: Elemental abundances when the 68Fe(α, n), 72Ni(α, n), 81Ga(α, n), 82Ge(α, n), 84,85Se(α, n), 85Br(α, n),
90Kr(α, n), and 94Sr(α, n) are increased and decreased by a factor of 50 up (red) and down (green)
using the reference trajectory of group MC two.
Element Reaction rcorr
Zn 68Fe(α, n)71Ni −0.76
Se 82Ge(α, n)85Se −0.72
Ga 68Fe(α, n)71Ni −0.65
Mo 94Sr(α, n)97Zr −0.62
Kr 84Se(α, n)87Kr −0.61
Pd 94Sr(α, n)97Zr +0.59
Ru 94Sr(α, n)97Zr +0.59
Zr 84Se(α, n)87Kr +0.55
Kr 85Se(α, n)88Kr −0.53
Rh 94Sr(α, n)97Zr −0.53
Rb 84Se(α, n)87Kr −0.51
Y 85Br(α, n)88Rb −0.50
Rb 85Se(α, n)88Kr −0.47
Cu 90Kr(α, n)93Sr −0.45
Ni 90Kr(α, n)93Sr −0.45
Co 90Kr(α, n)93Sr −0.45
Ge 72Ni(α, n)75Zn −0.45
Fe 90Kr(α, n)93Sr −0.44
Ag 94Sr(α, n)97Zr +0.44
Sr 85Se(α, n)88Kr −0.41
Br 81Ga(α, n)84As −0.41
Sr 84Se(α, n)87Kr −0.40
Table 5.4: Correlation factors of the control Monte Carlo study two.
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5.7 Results of Monte Carlo study three
Figure 5.19 illustrates the resulting abundance pattern variations from the Monte Carlo study using the selected
trajectory of group MC three (blue dashed in Fig. 5.9). The (α, n) reaction rate uncertainties strongly affect the
abundances for Z = 28−35 and for Z = 47−48. However, for 36≤ Z ≤ 42, the variation of the (α, n) reaction rates
has only a small effect on the abundances (up to a factor of 10). Our goal is to reduce the nuclear physics uncertain-
ties having an impact on the formation of the lighter heavy elements in the wind nucleosynthesis, and then to put
constraints on the astrophysical conditions by combining nucleosynthesis studies with observations of lighter heavy
elements in UMP stars (see Sect. 5.3). Therefore, the decrease of the abundance uncertainties for 28≤ Z ≤ 35 will
not help to improve the understanding of neutrino-driven winds. Nonetheless, the elements between Ni and Br can
be also synthesized by (α, n) reactions during the explosive phase of core-collapse supernovae.
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Figure 5.19: Abundance pattern variations from the Monte Carlo study using the representative trajectory of group
MC three (dashed blue line in Fig. 5.9).
The nuclear reaction flows at T ≈ 3.7 GK are illustrated in Fig. 5.20. Note that some of the important (α, n)
reactions occur at lower temperatures (i.e., T ® 2.5 GK). The computed correlation factors are given in Tab. 5.5.
According to the correlation factors, the modification of the 64Fe(α, n) reaction rate leads to changes of the Ni
and Cu abundances. An increase of this reaction rate moves matter away from the Fe isotopes which cannot
populate Ni and Cu during the decay. The final Zn abundance is influenced in the same way by the variation
of the 70Ni(α, n) reaction rate. When the 70Ni(α, n) reaction rate is raised, more material proceeds from the Ni
isotopes towards heavier elements, and thus less material decays from the Ni to the Zn isotopes. Although the
Ga abundance varies up to a factor of 47, it does not strongly correlate with the variation of any (α, n) reaction
rate (|rcorr| ≤ 0.40). Hence, the variation of the Ga abundance arises from several combined (α, n) reaction rate
uncertainties. According to the correlation factor, the change of the Ge abundance is related to the variation of the
76Zn(α, n) reaction rate. As the 76Zn(α, n) reaction rate increases, the Ge abundance decreases (see bottom right
panel in Fig. 5.21) since less matter beta decays along the isobaric chain from 76Zn to 76Ge. The variation of the
As abundance correlates with the change of the 73Cu(α, n) reaction rate (top left panel in Fig. 5.21). However, the
As abundance is very low. Note that the reaction 73Cu(α, n) occurs around T ≈ 2.3 GK. There is a competition
between the reactions 73Cu(α, n) and 73Cu(p, n). The latter reaction shifts material to the zinc isotopes from where
it can decay to As. When the 73Cu(α, n) reaction rate is raised, more matter proceeds towards heavier nuclei and
does not decay to arsenic. As in the Monte Carlo studies one and two, the modification of the 82Ge(α, n) reaction
rate correlates with the change of the Se abundance (top right panel in Fig. 5.21). For the astrophysical conditions
investigated here, 80Ge becomes more abundant, and thus the reaction 80Ge(α, n) appears. Since 80Ge and 80Se
are linked by beta decays, the variation of the 80Ge(α, n) directly affects the Se abundance (bottom left panel in
Fig. 5.21). The Br abundance directly correlates with the modification of the 79Ga(α, n) reaction rate. This reaction
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Figure 5.20: Nucleosynthesis evolution at T ≈ 3.7 GK for the representative trajectory of group MC three without
modification of (α, n) reaction rates.
Element Reaction rcorr
Kr 84Se(α, n)87Kr −0.74
Rb 85Br(α, n)88Rb −0.73
Sr 84Se(α, n)87Kr +0.71
Ge 76Zn(α, n)79Ge −0.66
Se 82Ge(α, n)85Se −0.65
As 73Cu(α, n)77Ga −0.59
Fe 84Se(α, n)87Kr −0.59
Ni 64Fe(α, n)67Ni −0.59
Br 79Ga(α, n)82As −0.49
Zn 70Ni(α, n)73Zn −0.47
Kr 85Se(α, n)88Kr −0.46
Y 84Se(α, n)87Kr +0.45
Ru 94Sr(α, n)97Zr +0.42
Sr 85Se(α, n)88Kr +0.41
Se 80Ge(α, n)83Se −0.41
Cu 64Fe(α, n)67Ni −0.41
Table 5.5: Correlation factors of the Monte Carlo study three.
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Figure 5.21: Impact of the 73Cu(α, n), 82,80Ge(α, n), 76Zn(α, n) reaction rate variations on the final abundances of
As, Se, Ge, respectively. The abundances of these elements vary most (in descending order) in the
Monte Carlo study three. The Se abundance correlates stronger with the variation of the 82Ge(α, n)
reaction rate.
only appears below T ≈ 2.2 GK. Note that we have not found a correlation between the 79Ga(α, n) reaction rate
uncertainty and changes of the elemental abundances in the Monte Carlo studies one and two.
As we have mentioned before, the (α, n) reaction rate uncertainties do no lead to large variations in the abun-
dances for Z = 36−42. The abundance uncertainties of these elements are mainly governed by the variation of the
84,85Se(α, n) and 85Br(α, n) reaction rates (see Tab. 5.5). However, the krypton and strontium abundances strongly
correlate with the change of the 84Se(α, n) reaction rate, and the variation of the rubidium abundance is related
to the modification of the 85Br(α, n) reaction rate. In the Monte Carlo studies one and two, the uncertainty of the
Sr abundance has been also related to the variation of the 84Se(α, n) reaction rate. Besides, in the Monte Carlo
study two, the uncertainty in the krypton abundance has been also correlated to the modification of the 84Se(α, n)
reaction rate. Nonetheless, the variations of these (α, n) reaction rates have had a larger impact on the abundances
for Z = 36− 40 in the Monte Carlo studies one and two. For the astrophysical conditions investigated here, more
matter accumulates at N = 50 and the nucleosynthesis path evolve closer to the valley of stability beyond the
neutron shell closure. Moreover, for the matter accumulated at N = 50, the final abundances are rather given by
the Q-values of (α, n) reactions (see Sect. 4.4.3). Since less material exceeds beyond the neutron shell closure,
there are less variations of the nucleosynthesis path due to the varied (α, n) reactions, and consequently smaller
abundance uncertainties for Z = 36−42. According to Tab. 5.5, the change of the 94Sr(α, n) reaction rate correlates
with the variation of the ruthenium abundance. As the 94Sr(α, n) reaction rate increases, more material reaches
heavier nuclei and thus more matter decays to Ru. The uncertainties in the abundances beyond Z = 45 are caused
by the alteration of the 96Zr(α, n) reaction rate (|rcorr| = 0.39). Note that 96Zr is stable and the 96Zr(α, n) reaction
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appears for T ¦ 2.5 GK. The modification of the 96Zr(α, n) reaction rate indirectly changes the abundances for
Z > 43 in combination with neutron capture reactions and beta decays.
Figure 5.22 displays the elemental abundances when the 64Fe(α, n), 70Ni(α, n), 73Cu(α, n), 76Zn(α, n), 79Ga(α, n),
80,82Ge(α, n), 84,85Se(α, n), 85Br(α, n), 88Kr(α, n), 94Sr(α, n), 96Zr(α, n) reaction rates are varied by a factor of 50
up and down. The comparison between Figs. 5.19 and 5.22 shows that the variation of 64Fe(α, n), 70Ni(α, n),
73Cu(α, n), 76Zn(α, n), 79Ga(α, n), and 80,82Ge(α, n) reaction rates reproduce the abundance uncertainties for
Z < 35 obtained in the Monte Carlo study. Furthermore, the abundance uncertainties for Z = 36 − 48 can be
partially explained by the change of the 84,85Se(α, n), 85Br(α, n), 88Kr(α, n), 94Sr(α, n), 96Zr(α, n) reaction rates by
a scaling factor of 50. Although the correlation factor indicates a relation between the 84Se(α, n) reaction rate
uncertainty and the change of the yttrium abundance, the variation of this rate is not sufficient to explain the Y
abundance uncertainty. Note that only the variation of the 88Kr(α, n) reaction rate leads to changes of the Mo
abundance (|rcorr| = 0.37). However, the Mo abundance only varies by a factor of ∼ 6. The uncertainties in the
abundances for Z > 43 obtained in the Monte Carlo study are a result of several combined reaction rates changes.
Nonetheless, the comparison between Figs. 5.19 and 5.22 indicates that the modification of the 94Sr(α, n) and
96Zr(α, n) reaction rates contributes to a large fraction of the abundance uncertainties beyond Z > 43.
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Figure 5.22: Elemental abundances when changing the 64Fe(α, n), 70Ni(α, n), 73Cu(α, n), 76Zn(α, n), 79Ga(α, n),
80,82Ge(α, n), 84,85Se(α, n), 85Br(α, n), 88Kr(α, n), 94Sr(α, n), and 96Zr(α, n) rates by a scaling factor of
50 up (red) and down (green) using the reference trajectory of group MC three.
To verify if the variation of the 64Fe(α, n), 70Ni(α, n), 73Cu(α, n), 76Zn(α, n), 79Ga(α, n), 80,82Ge(α, n),
84,85Se(α, n), 85Br(α, n), 88Kr(α, n), 94Sr(α, n), and 96Zr(α, n) reaction rates in general leads to uncertainties in
the abundance pattern for trajectories of group MC three, we have performed a control Monte Carlo study with
another trajectory (blue dotted line in Fig. 5.9). The resulting abundance pattern variations from the control Monte
Carlo study three are shown in Fig. 5.23. The comparison between Figs. 5.19 and 5.23 shows that the variations
in the abundance pattern differ except for the Sr, Y, and Zr abundances. However, the change of the (α, n) reaction
rates also has the largest impact on the abundance for Z = 28 − 35, only slightly different pronounced than in
the reference Monte Carlo study three. Moreover, the influence on the abundances for Z = 36− 42 is also small.
The calculated correlation factors are given in Tab. 5.6. Note that the (α, n) reactions having an impact on the
abundances for Z = 28 − 35 in the reference Monte Carlo study also affect these elemental abundances in the
control study. The variations of the krypton and rubidium abundances are also correlated with the 84Se(α, n) and
85Br(α, n) reaction rate uncertainties. In the control study Monte Carlo study three, the Sr and Zr abundance uncer-
tainties are governed by the modification of the 88Kr(α, n) reaction rate, and the Y abundance uncertainty is caused
by the change of the 85Br(α, n) reaction rate. Furthermore, we find that the change of the 62Fe(α, n), 68Ni(α, n),
74Zn(α, n), and 88Kr(α, n) reaction rates has an impact on the abundance uncertainties in the control Monte Carlo
study three. In addition, the modification of the 85Se(α, n) and the 94Sr(α, n) reaction rates has no influence on
the abundance uncertainties in the control Monte Carlo study. The different Yn/Yseed and Yα/Yseed of the selected
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Figure 5.23: Same as Fig. 5.19 for the control trajectory of group MC three (dotted blue line in Fig. 5.9).
Element Reaction rcorr
Rb 85Br(α, n)88Rb −0.88
Kr 84Se(α, n)87Kr −0.79
Ge 76Zn(α, n)79Ge −0.68
Y 85Br(α, n)88Rb +0.62
As 73Cu(α, n)76Ga −0.60
Se 82Ge(α, n)85Se −0.57
Ni 62Fe(α, n)65Ni −0.57
Ni 64Fe(α, n)67Ni −0.57
Br 79Ga(α, n)82As −0.55
Zn 70Ni(α, n)73Zn −0.55
Se 80Ge(α, n)83Se −0.52
Ag 96Zr(α, n)99Mo +0.52
Nb 88Kr(α, n)91Sr +0.51
Sr 88Kr(α, n)91Sr −0.51
Zr 88Kr(α, n)91Sr +0.50
Zn 68Ni(α, n)71Zn −0.48
Pd 96Zr(α, n)99Mo +0.48
Co 88Kr(α, n)91Sr +0.47
Cd 96Zr(α, n)99Mo +0.44
Fe 88Kr(α, n)91Sr −0.44
Ge 74Zn(α, n)77Ge −0.41
Table 5.6: Correlation factors of the control Monte Carlo study three.
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trajectories of the group MC three lead to slightly different nucleosynthesis paths, and thus different or additional
(α, n) reactions can occur. Since the (α, n) reactions leading to the largest abundance changes are the same in the
reference and control Monte Carlo study three, their reduction will already help to decrease the variations of the
abundances due to nuclear physics uncertainties for trajectories of the group MC three. However, the reduction of
the 64Fe(α, n), 70Ni(α, n), 73Cu(α, n), 76Zn(α, n), and 79Ga(α, n) rate uncertainties will not put constraints on the
astrophysical conditions in neutrino-driven winds. The (α, n) reaction rates which influence the abundances for
Z = 36− 42 are different in the reference and control study, but these reaction rates have been already identified
as key rates in the previous Monte Carlo studies (Sects. 5.5–5.6) where they have led to significant changes in the
abundance for Z = 36− 39.
5.8 Comparison of astrophysical and nuclear physics uncertainties with observations of very old stars
After we have performed a Monte Carlo sensitivity study to investigate the impact of the (α, n) reaction rate
uncertainties on the abundances in neutron-rich winds using different representative astrophysical conditions (i.e.,
representative trajectories of the groups MC one, two, three), we compare the resulting abundance uncertainties
with observations of very old stars (see Fig. 5.24). We consider the same abundance ratios between pairs of lighter
heavy elements as in Sect. 5.3. In Fig. 5.24, the thick lines display the value of the abundance ratio between
a given pair of elements A and B using the reference TALYS rates discussed in Sect. 5.2. The thin lines show
the ratios of the 2σ abundances of the pairs of elements A and B (i.e., Y+2σ(A)/Y+2σ(B) and Y−2σ(A)/Y−2σ(B))
obtained in the Monte Carlo studies. Besides, we again compare our results with observations of metal-poor stars
with typical r-process robust pattern (CS22892-052 [193]) and with low-enrichment of heavy elements (HD122563
and HD88609 [194]) which are represented by pink and blue stars, respectively. The different colors indicate the
different astrophysical conditions and we apply the same color code as in Sects. 5.5–5.7.
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Figure 5.24: Elemental abundance ratios compared to observations from averaged HD122563 and HD88609 (blue
stars) and CS22892-052 (pink stars) for the astrophysical conditions MC one, two, three. We apply
the same color code for the different astrophysical conditions as in Sects. 5.5–5.7. The horizontal lines
indicate the abundance ratio of the given pair of elements A and B: the thicker lines correspond to the
reference TALYS rates, whereas the thin lines correspond to the Y+2σ(A)/Y+2σ(B) and Y−2σ(A)/Y−2σ(B)
ratios obtained in the Monte Carlo studies.
For the astrophysical conditions of group MC one, the large variation of the Zr/Sr, Zr/Y, and Nb/Sr abundance
ratios is due to the strongly varying strontium and yttrium abundances. The modification of the (α, n) reaction
rates has also a significant impact on the strontium abundance for the astrophysical conditions of group MC two
which results in a large spread of the Zr/Sr and Nb/Sr abundance ratios. The variation of the Sr abundance
in the Monte Carlo study two is not as strongly pronounced as in the Monte Carlo study one, but since we are
comparing abundance ratios this is not visible in Fig. 5.24. For the astrophysical conditions of group MC three, the
(α, n) reaction rate uncertainties only slightly influence the abundances for Z = 36− 42, and thus the abundance
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ratios selected here do not vary much. The relatively large variation of the Ag/Zr abundance ratio is due to
the small and strongly varying Ag abundance. Note that the reference Ag/Zr abundance ratio overlaps with the
Y+2σ(Ag)/Y+2σ(Zr) ratio. Compared to Fig. 5.7, where various astrophysical conditions have been given by different
Ye and all (α, n) reaction rates have been varied by the same factor, the variation of the abundance ratios resulting
from the Monte Carlo studies is larger. However, none of the considered astrophysical conditions can reproduce
the trend from Zr/Sr through Ag/Zr taking into account the nuclear physics uncertainties.
Figure 5.24 clearly indicates that for the astrophysical conditions investigated here, the influence of the (α, n)
reaction rate uncertainties on the abundances can become critical when comparing to the observations of very old
stars. Therefore, it is critical to reduce the uncertainties of the identified key (α, n) reactions before we can make
full use of the observations and combine them with nucleosynthesis studies to put constraints on the astrophysical
conditions in neutrino-driven winds and core-collapse supernovae.
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6 Summary and outlook
Neutrino-driven winds from nascent neutron stars are an exciting astrophysical site for the formation of the lighter
heavy elements between Sr up to (possibly) Ag. Observations of very old stars (i.e., ultra metal-poor stars) indicate
that the formation of the lighter heavy elements in the early universe is related to the r-process and at least one
additional process [23, 88]. Although it is not clear if neutrino-driven winds are neutron- [126–128] or proton-rich
[38, 39], or a combination of both [123], the required astrophysical conditions to synthesize lighter heavy elements
are found in current supernova simulations [40, 41]. In this thesis, we assumed that these elements are produced
in slightly neutron-rich winds by the weak r-process. Despite the fast progress in the last years, the astrophysics
and nuclear physics uncertainties are still large [208]. Therefore, the goal of this thesis was to study the impact of
astrophysical and nuclear physics uncertainties on the wind nucleosynthesis.
In the first part of this thesis, we performed a systematic study to quantify the astrophysical uncertainties in
neutron-rich winds. Since a systematic study with trajectories from hydrodynamic simulations is computation-
ally very expensive, we used steady-state wind trajectories. The neutrino-driven wind can be assumed to be a
steady-state outflow [34] because the neutrino luminosities and energies as well as the neutron star mass and
radius change only slowly during the Kelvin-Helmholtz cooling time scale. The structure and characteristics of the
neutrino-driven wind depend on the mass and radius of the neutron star and the energies and luminosties of the
neutrinos. Therefore, to cover all possible wind conditions, we varied these quantities within the entire relevant
parameter space and calculated the corresponding steady-state wind trajectories.
We performed nucleosynthesis calculations for all steady-state trajectories. In the final abundances, we distin-
guished between four nucleosynthesis groups (NSE1, NSE2, CPR1, CPR2) which were identified by the Yn/Yseed
and the Yα/Yseed at T = 3 GK. These groups differ in the evolution of the nucleosynthesis path relative to the valley
of stability. Each nucleosynthesis group shows characteristic abundance peaks. We showed that within the groups
NSE1, NSE2, CPR1 the nucleosynthesis evolution is similar and therefore results in similar final abundances. For
none of these three groups, the nucleosynthesis path overcomes the neutron shell closure N = 50 and thus matter
accumulates there. Hence, heavier elements than Zr are not synthesized. The final abundances of the groups
NSE1 and NSE2 are mainly synthesized during NSE. Therefore, the abundances are rather determined by binding
energies and partition functions and do not depend on specific reactions. For stable nuclei and particularly for un-
stable nuclei, binding energies and partition functions are better known than reaction rates [150]. The conditions
of group CPR1 are slightly more neutron- and alpha-rich compared to the groups NSE1 and NSE2. Nonetheless,
the Yn/Yseed and the Yα/Yseed are not large enough to exceed the production of nuclei with N = 50. Thus, the
final abundances are rather given by Q-values of (α, n) reactions (see also Refs. [33, 40, 186]). For nuclei close to
stability, where most of the masses have been measured by experiments, the Q-values are relatively well known.
Consequently, as for the groups NSE1 and NSE2, nuclear physics uncertainties will not have a large impact on the
abundance patterns.
Only for the conditions of group CPR2, the nucleosynthesis path proceeds beyond N = 50. The larger Yn/Yseed
and Yα/Yseed result in a nucleosynthesis evolution further away from the valley of stability. The nucleosynthesis
path reaches N = 50 at lower atomic numbers where the Q-values of (α, n) reactions are close to zero. Therefore,
the path exceeds the neutron shell closure by (α, n) reactions. For the nucleosynthesis group CPR2, the final
abundances are very sensitive to the Yn/Yseed and the Yα/Yseed. Small variations of these quantities lead to different
abundance patterns and also the heaviest synthesized elements change. The final abundances are very sensitive to
individual critical reactions, especially charged particle reactions.
Based on the relation between the electron fraction, the entropy, and the expansion time scale derived from
Ref. [111], we gave an overview of which combinations of these wind parameters lead to the nucleosynthesis pat-
terns NSE1, NSE2, CPR1, or CPR2. This overview will be very useful for hydrodynamic simulations (where the
electron fraction, the entropy, and the expansion time scale are known) because it qualitatively predicts the nuc-
leosynthesis evolution and final abundance pattern without running post-processing nucleosynthesis calculations.
We identified that the nucleosynthesis groups NSE1 and NSE2 only occur for Ye < 0.45 and Ye > 0.45, respectively.
Both groups occur for low entropies and/or long expansion time scales. For increasing entropies and/or decreasing
expansion time scales, we found the nucleosynthesis group CPR1. This group is the transition from the patterns
NSE1 and NSE2 to the pattern CPR2. For larger electron fractions, the group CPR2 occurs at higher entropies
and/or shorter expansion time scales.
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We also illustrated which combinations of Ye, Yn/Yseed, and Yα/Yseed result in the nucleosynthesis groups NSE1,
NSE2, CPR1, or CPR2. Furthermore, we indicated which combinations of Ye, Yn/Yseed, and Yα/Yseed are required
to synthesize elements beyond the second or third r-process peak. We found that for a sufficient amount of
Yα/Yseed the nucleosynthesis only depends on the Yn/Yseed. Moreover, we showed which Ye, Yn/Yseed, and Yα/Yseed
lead to the abundance patterns from neutrino-driven winds of neutron star mergers with Ye = 0.25 − 0.40 and
S = 14− 27 kB/nuc [187].
In the first part of the thesis, we obtained a comprehensive picture of the possible nucleosynthesis in neutron-
rich winds. Since the conditions of the neutrino-driven wind are similar to those of supernova ejecta exposed to
neutrinos, our conclusions can be extended to supernova ejecta in general and they are complementary to post-
processing studies based on simulations.
In the second part of the thesis, we investigated the impact of nuclear physics uncertainties due to (α, n) reac-
tions on the nucleosynthesis in neutron-rich winds. We described in detail the nucleosynthesis evolution in the
weak r-process based on the nuclear reaction flows and the averaged expansion time scales of the contributing
reactions. For slightly neutron-rich winds, the nucleosynthesis path evolves close to the valley of stability where
(α, n) reactions are faster than beta decays. Therefore, (α, n) reactions are crucial to redistribute matter and reach
heavier nuclei in slightly neutron-rich winds. However, none of the relevant (α, n) reactions has been measured
in the energy (temperature) range relevant for the weak r-process. All (α, n) reaction rates entering in our nuc-
leosynthesis calculations are calculated with the statistical Hauser-Feshbach model. We estimated the uncertainty
of the theoretical (α, n) reaction rates based on previous studies of Refs. [48, 162]. According to these studies,
the main uncertainty in the theoretical (α, n) reaction rates arises from the different alpha optical potentials for
the temperatures relevant for the weak r-process. Besides, we compared theoretical (α, n) calculations with few
available measurements of stable nuclei at temperatures above the weak r-process regime. We concluded that the
reliability of the theoretical (α, n) reaction rates is not better than a factor of 10.
In a first sensitivity study, we investigated the impact of the (α, n) reactions on the abundances by varying all
(α, n) reaction rates between Fe and Rh by factors of 5, 10, and 50 up and down using a trajectory ejected 9 s after
bounce from a hydrodynamic simulation of Ref. [36]. To study the influence of (α, n) reaction rates for different
astrophysical conditions, we varied the electron fraction. This does not cover all possible astrophysical conditions
but allows to consider the impact of (α, n) reactions for different nucleosynthesis evolutions. Our results clearly
showed that (α, n) reaction rates have an impact on the nucleosynthesis. When the (α, n) reaction rates are in-
creased, the abundances are larger for Z > 38 compared to the case where no (α, n) rates are varied. On the other
hand, when the (α, n) rates are reduced, less matter moves towards heavier nuclei and the abundances below Sr are
larger. We found similar results for different Ye (i.e., nucleosynthesis paths), only for Ye = 0.49 the (α, n) reactions
have no significant impact on the abundances. Moreover, we emphasized the importance of reducing astrophysical
and nuclear physics uncertainties by comparing abundance ratios from observations and nucleosynthesis calcula-
tions including astrophysical uncertainties due to different Ye and nuclear physics uncertainties due to varied (α, n)
reaction rates.
The variation of a set of reaction rates gives an overview if the rate uncertainties have an impact on the nucleo-
synthesis. Since the change of the reaction rates by the same factors can (partially) suppress important reactions
or point out to not so relevant reactions, this method is not recommended to identify key reactions. Therefore, we
performed a Monte Carlo sensitivity study by independently varying each (α, n) reaction rate between Fe and Rh by
a random factor. The rate variation factors followed a lognormal distribution to avoid unphysical, negative reaction
rates. The parameters of the lognormal distribution were chosen in such a way that the rate factors describe the
(α, n) reaction rate uncertainties. To select representative wind conditions for the Monte Carlo sensitivity study,
we referred to the comprehensive study of the possible astrophysical conditions in neutron-rich winds. This study
showed that nuclear physics uncertainties only affect the nucleosynthesis for the conditions of group CPR2. We
identified three typical Kr-Rb-Sr-Y-Zr patterns in the final CPR2 abundances and performed a Monte Carlo study
(Monte Carlo one, Monte Carlo two, Monte Carlo three) for a representative trajectory of each of the three abun-
dance patterns. Since the abundance patterns of the same group can vary for Z < 36 and Z > 40, we performed
a control Monte Carlo study with another trajectory for each group. In the Monte Carlo studies one and two, the
variation of the (α, n) reaction rates had a significant impact on the abundances between Z = 36− 39. This can
be very important when comparing calculated abundances to observations. In the Monte Carlo study three, the
modification of the (α, n) reaction rates rather influenced the abundances for Z = 28− 35 which can be relevant
for explosive nucleosynthesis calculations. The key (α, n) reactions, having a strong impact on the nucleosynthesis,
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were identified by inspecting large abundance changes and analyzing the correlations between reaction rate vari-
ations and resulting abundance changes in the 10000 Monte Carlo runs. Since the relations between the reaction
rate variations and the abundance changes are frequently non-linear [204], we used the Spearman rank-order co-
efficient which quantifies how well the relation is described by a monotonic function. We found that in the Monte
Carlo studies (one, two, and three) the (α, n) reactions contributing to the largest abundance changes are the
same for both selected trajectories. Moreover, we showed that the 82Ge(α, n), 84Se(α, n), and 85Se(α, n) reaction
rate uncertainties have a significant impact on the elemental abundances for Z = 36− 39 for some astrophysical
conditions. The reduction of the reaction rate uncertainties would significantly decrease the influence of nuclear
physics uncertainties on the nucleosynthesis of lighter heavy elements in neutron-rich winds.
Once the uncertainties in the (α, n) reaction rates are reduced by experiments, nucleosynthesis studies within the
astrophysical uncertainties combined with observations of ultra metal-poor stars will put constraints on the wind
conditions. Therefore, the results presented in this thesis will contribute to better understand the nucleosynthe-
sis in neutrino-driven winds and core-collapse supernovae. We are close to understand the formation of lighter
heavy elements in neutrino-driven winds. The necessary wind conditions to synthesize them are found in current
supernova simulations. Since the nuclei involved in the wind nucleosynthesis are close to stability, the relevant
unmeasured experimental data will be accessible with new radioactive beam facilities like FRIB and FAIR in the
near future. At the present time, observations of UMP stars are very rare but there will be more high resolution
detections with large-scale surveys and new telescopes in the future [49, 50]. All this progress combined with
nucleosynthesis studies will explain the formation of lighter heavy elements in core-collapse supernovae.
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